
ABSTRACT

DYER, KRISTY KATHLEEN. Thermal and Non-Thermal Emission in Supernova

Remnants. (Under the supervision of Professor Stephen P. Reynolds.)

Supernova remnants present an excellent opportunity to study the shock acceleration of rel-

ativistic particles. X-ray synchrotron emission from relativistic electrons should contain important

information, but extracting it requires advances in models and observations. I present the first

test of sophisticated synchrotron models against high resolution observations on SN 1006, the first

and best example of synchrotron X-ray emission, which has been well observed at radio, X-ray and

gamma-ray wavelengths.

Synchrotron emission can be limited at the highest energies by finite age, radiative losses

or electron escape. Earlier calculations suggested that SN 1006 was escape limited. I adapted

an escape-limited synchrotron model for XSPEC, and demonstrated that it can account for the

dominantly nonthermal integrated spectrum of SN 1006 observed by ASCA-GIS and RXTE while

constraining the values of the maximum electron energy and other parameters. Combined with TeV

observations, the fits give a mean postshock magnetic field strength of 9 microgauss and 0.7% of

the supernova energy in relativistic electrons. Simultaneous thermal fits gave abundances far above

solar, as might be expected for ejecta but had not previously been observed.

I created subsets of the escape-limited model to fit spatially resolved ASCA SIS observations.

I found only small differences between the northeast and southwest limbs. A limit of less than 9%

was placed on the amount of nonthermal flux elsewhere in the remnant. Important findings include

the possibility that rolloff frequency may change across the remnant face, and ruling out cylindrical

symmetry for SN 1006 along a NW/SE axis.

These models have implications far beyond SN 1006. The only previous model available to

describe X-ray synchrotron emission was a powerlaw. These new models are superior to power-

laws both for their robust constraints and because they shed physical insight on the acceleration

mechanism. As new instruments increase our spatial and spectral resolution I predict many more

remnants will be found with varying amounts of X-ray synchrotron emission, hidden along with

thermal lines and continuum. The ability to separate thermal and nonthermal emission is essential

to understanding both nonthermal emission as well as the thermal component.
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Chapter 1

Introduction

A supernova is one of the most spectacular and powerful events in the universe, the explosion of a

star at the end of its evolutionary lifetime. The explosion releases 1051 ergs of energy (equivalent to

the energy of 8×1026 modern nuclear warheads) into its surroundings, and can be as bright as the

total luminosity of a galaxy. The aftermath of the explosion is a supernova remnant (SNR), a shell

of expanding material, which persists for thousands of years.

Supernovae and supernova remnants play an important role in the galaxy. Elements other

than hydrogen and helium are created in stars during normal stellar processes, but most elements

heavier than iron are created only in supernova explosions. Supernovae efficiently redistribute the

new material, making heavy elements available to enrich the next population of stars. The shocks1

begun by supernovae and sustained in supernova remnants heat the interstellar medium (ISM),

trigger star formation in nearby dense clouds and create structures and voids in the ISM. It has been

suggested that the density and magnetic structure of a large fraction of the galaxy is determined

by shocks in SNRs (McKee & Ostriker, 1977). The shocks have also been suggested as the site of

particle acceleration for some of the high energy cosmic rays detected at the surface of the earth.

From a physics point of view, supernovae provide an opportunity to investigate the physics of strong

shocks in an energy regime unavailable to us in the laboratory.

1.1 Stellar evolution

1.1.1 Low mass stars

The energy stars radiate is created by converting elements of lower mass into higher mass

elements, beginning with the conversion from hydrogen to helium. The star continues to shine as

long as it has fuel; the stellar conclusion depends on the star’s initial mass and how that mass has

1Shocks will be discussed at some length in Chapter 3.
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evolved during the life of the star. Low mass stars, from about 0.1 to 0.5 times the mass of our sun

(M¯) , burn hydrogen to helium in their cores, slowly cooling off after running out of fuel. Larger

stars, including the Sun, will burn hydrogen to helium, helium to carbon and become first red giants,

then compact white dwarfs about the size of the Earth with a mass ≤ 1.4 M¯. These stars are not

massive enough to create supernovae, but during the red-giant phase these stars can eject part of

their mass to create beautiful, diffuse nebulae (misleadingly named “planetary” nebulae).

1.1.2 Higher mass stars

Isolated stars that begin with a mass of about 8 M¯ or more step through exothermic nuclear

reactions up to and including the production of iron. The last exothermic step in the star’s life is

28Si +28 Si →56 Ni + energy.

Beyond iron-group elements, all reactions are endothermic (they absorb, rather than generate

energy) so once the core is primarily iron it no longer has a source of energy to support itself. It

collapses catastrophically, with most of the iron dissociating back to individual protons and neutrons,

until it reaches nuclear densities when it becomes nearly rigid.

The outer layers, no longer supported by thermodynamic equilibrium, rebound off the de-

generate core, creating a core-collapse supernova. This releases 1051 ergs in kinetic energy and a

hundred times more energy in neutrinos. The detailed mechanics of the explosion are poorly under-

stood, but the process is thought to require harnessing neutrino pressure in the densest phase of the

explosion.

1.1.3 Stars in binary systems

Stars in binary systems can have a much more complex history since mass transfer between

the two stars alters the amount of available fuel and therefore the rate of evolution for each star.

When a white dwarf in a binary system acquires new material from a companion star, that material

can explosively ignite. If the amount of mass is small, and the transfer steady, this results in a

repeating classical nova. However, if the additional mass puts the white dwarf over the 1.4 M¯

limit, the mass transfer can trigger a runaway fusion process, resulting in the total destruction of

the star in a thermonuclear runaway supernova. By coincidence, the energy released in this type of

supernova is similar to a core-collapse supernova – 1051 ergs.

1.2 Observations of supernovae

Supernovae are bright in visible light for 200 days or more after the initial explosion. There

are historical records of approximately eight observed supernovae in our galaxy (see Table 1.1). The
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last confirmed observation happened in 1604 AD. From a quick glance at the table it appears we are

overdue for a supernova. There are several reasons why we have not observed a supernova recently

in our galaxy. Supernovae take place preferentially in the plane of the galaxy, where active star

formation occurs. This is both where the sun is located and where most of the Galaxy’s dust and

gas lies, obscuring our view. Therefore we observe SNe through a thick layer of debris and cannot

see further than about 3 kiloparsecs. Supernova could be going off in other regions of the galaxy

without being detected. Statistically there should be 3-18 supernovae per century in the Milky Way

(van den Bergh and Tammann, 1991), one every 6-33 years, with core collapse SNe more common

than thermonuclear supernovae by a factor of six. The majority of these (perhaps 90%) will not

be optically visible due to dust in the plane of the galaxy. However, core-collapse supernovae emit

neutrinos, which should not be able to escape detection by neutrino detectors. However analysis

of AMANDA and MACRO (Monopole, Astrophysics and Cosmic Ray Observatory, 1989 March-

December 2000) data have up to now not revealed any supernova detections. By all estimates we

are overdue for a supernova in our galaxy.

However, we overcome this scarcity by observing supernovae in other galaxies. If the rate

of supernovae for a particular type of galaxy is 2 per century, then we can increase the chance of

seeing a supernova to one per year by watching 50 of these galaxies. If we monitor 50 × 365 of these

galaxies, then we have a reasonable chance of seeing a supernova every night. Since concerted efforts

began to monitor other galaxies for supernovae we have seen more than 1000 supernovae, including

the famous supernova 1987A in the nearby dwarf galaxy, the Large Magellanic Cloud.

The classification of supernovae, like astronomical nomenclature in general, is complex for

historical reasons. As shown in Figure 1.2, each supernova is classified observationally by its spectrum

and light curve. The light curve is plot of the change in intensity of the supernova during the first

few weeks after the explosion. Light curves for Type Ia, IIL and IIP are shown in Figure 1.1.

Supernovae without hydrogen lines in their spectrum are Type I, while supernovae with

hydrogen lines are Type II. There is more than one explanation for missing hydrogen. The hydrogen

could be gone because it was not there to begin with – accreting white dwarfs are not expected to

have hydrogen or helium but will have silicon lines (Type Ia). Or, stellar winds in a massive star

could have cleared the hydrogen prior to the supernova (Type Ib expelled hydrogen and Type Ic blew

away both hydrogen and helium). Both the spectra and the light curve can differentiate between

types of supernovae. The supernovae of white dwarfs show a sharper initial drop after maximum

light than core-collapse supernova. Most Type II show a linear drop (Type IIL), however, some

demonstrate a hitherto unexplained plateau (Type IIP). Other subclasses, still under investigation,

are Type IIn (n=narrow), which show especially narrow lines and Type IIs (s=subluminous), which
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Table 1.1. Historical Supernova Remnants in the Milky Way

SNR Year [A.D.] Observed by

RCW 86 185 Chinese
G11.2-0.3 386 Chinese (possibly)

SN1006 1006 China, Japan, Korea, Arab lands, Europe
Crab 1054 China, Japan
3C58 1181 China, Japan (possibly)

Tycho 1572 Europe (Tycho Brahe), China, Japan
Kepler 1604 Europe (Kepler), China, Japan, Korea

Cassiopeia A 1667±3 Flamsteed (possibly)

References. — Clark & Stephenson (1977)

Fig. 1.1.— Light curves observed for three supernova: crosses: 1980K, Type IIL, squares:
1987A, Type IIP, circles: 1989B, Type Ia. Data from SAI Supernova Group, Moscow University.
http://mira.sai.msu.su/sn/snlight/
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Fig. 1.2.— The current (2001) classification system for supernovae.

are less bright at maximum light. 2

1.3 From supernova to supernova remnant

1.3.1 Phases in supernova remnant development

After the initial explosion (of either type) the supernova goes through several phases of shock

expansion: Phase 0 – Free Expansion, Phase I – Self-similar driven wave, Phase II – Sedov-Taylor,

Phase III – Radiative (or pressure driven snow-plow), Phase IV – merging of the remnant with the

ISM (Woltjer, 1972). Phase 0 – Free Expansion The explosion of the progenitor star imparts

1051 ergs in kinetic energy to what remains of the star, now called “ejecta.” This material expands

rapidly (initial shock speed is 5,000-10,000 km s−1 or greater) into the rarefied circumstellar medium;

the mass of the ejecta is much greater than the medium it encounters, so the shock is not appreciably

slowed by the circumstellar medium. This phase lasts for a few days after the supernova.

Phase I – Reverse shock phase Eventually the circumstellar medium swept up ahead of the

shock begins to slow the shock down. Material coming up from behind, however, is still traveling

2For up to the minute changes in taxonomy see Marcos Montes:

http://rsd-www.nrl.navy.mil/7212/montes/snetax.html

and Michael Richmond:

http://www.chapman.edu/oca/benet/sntypes.htm
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at the initial velocity. When that material collides with the slowed shock, a reverse (inward-facing)

shock is formed (McKee, 1974)3. The reverse shock phase ends a few hundred years to a few thousand

years after the supernova. The shock now moves at a velocity of thousands of kilometers per second

and it shock-heats the interstellar medium – the bulk kinetic energy is transformed directly into

thermal energy. This happens rapidly so there is not time for the material to cool significantly,

confining the energy to the SNR+ISM system. The system is thus adiabatic and will remain so

through the Sedov-Taylor phase. For certain ejecta and ambient medium profiles this phase can be

described by a self-similar driven wave solution (Chevalier, 1982; self-similar solutions are discussed

in Chapter 3, Section 3.6).

Phase II – Sedov-Taylor Once the reverse shock has disappeared, the self-similar driven wave

solution is no longer valid and the remnant is in the Sedov-Taylor phase. This phase can be described

by a different self-similar solution, the Sedov-Taylor solution for a point explosion in a uniform

medium (Sedov, 1959). In this phase the swept-up mass is much greater than the ejected mass and

the shock has slowed to a velocity of a thousand km s−1 or less. The Sedov-Taylor phase lasts for

hundreds to thousands of years after the explosion.

Phase III – Radiative As the shock sweeps up more and more of the interstellar medium it

continues to slow down. Eventually it slows to less than 200 km s−1. Now the cooling timescale is

comparable to the age of the remnant; the shock begins to radiate and there is a sudden deceleration.

Hot interior gas piles up against this cooling shock, continuing to push it slowly outward, giving this

phase the name pressure driven snow-plow. The radiative phase is the first time, since the explosion

itself, that the supernova remnant radiates significantly at visible wavelengths. Young SNe with

dense stellar winds can be radiative even at early times.

Phase IV – Merging with the ISM The remnant will be in the radiative phase for tens of

thousands of years, until the shock has radiated all its energy and slowed down to subsonic velocities.

Eventually it will become indistinguishable from the interstellar medium.

There are complications to this evolutionary scheme. The transitions between phases may be

as long as the phases themselves. The progenitor star may have significantly changed the circum-

stellar medium in its vicinity prior to the supernova – in which case, rather than expanding into an

undisturbed “blank slate,” the supernova is playing back the wind-history of the star. There also

can be large inhomogeneities in the interstellar medium, which will cause one region of the remnant

to evolve at a different rate than others. A particular supernova remnant may have regions in the

3Reverse shocks are discussed in Chapter 3. They are “reverse” only because they are expanding slower than the

forward shock (“reverse” in the Lagrangian sense).
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Sedov-Taylor phase, while other regions may already be radiative.

1.3.2 Morphological classification

While there is a scarcity of recent supernovae in the galaxy, there is no lack of supernova

remnants. The remnant phase is visible for thousands of years and the latest version of Green’s

catalogue (Green, 2000) lists 225 supernova remnants. These remnants are classified according to

their morphology at radio and X-ray wavelengths (see Table 1.2). The classical shell remnants are

supernovae spherically expanding into the ISM. Our line of sight through the shock is greater at

the edges than the center, resulting in limb-brightening (see Figure 1.4). In the case of a perfectly

uniform medium this results in a spherical remnant.

The morphology of Plerions or Crab-like remnants is determined by the presence of a pulsar.

The pulsar blows a bubble of material (the plerion), causing a center-brightened morphology in the

radio and X-ray. Some supernova remnants show both a shell and nonthermal center-brightening.

These are generally called composite remnants and often X-ray images will reveal a central plerion

which is not visible in radio observations. A new class has been proposed of mixed-morphology

supernova remnants (Rho & Petre, 1998) which are shell remnants in the radio but center-filled

with thermal X-rays, without any evidence for the existence of a plerion. An attempt to sort

morphological classifications into more physically relevant categories was made by Weiler & Sramek

(1988) who separated SNRs into Balmer-dominated (non-radiative), Oxygen-rich (Cassiopeia A-

like SNR), Plerionic-composite, and evolved (i.e. Vela, Cygnus Loop). The Balmer-dominated

and Oxygen-rich classes are in general use, and for young remnants correlated well with Type Ia

(Balmer-dominated) and core collapse origins (Oxygen-rich).

1.3.3 Working backward from remnant to supernova

Interestingly, it is not easy to tell which type of supernova, as outlined in Figure 1.2, created

a supernova remnant. In principle this should be easy from the abundance of elements present in

Table 1.2. Morphological Classification of SNRs

Type Example Radio X-ray

Shell SN 1006 Shell structure Shell structure
Plerion 3C 58 Filled center NT center

evidence for pulsar
Composite SN 386 Shell structure + NT center

Central brightening
Mixed Morphology IC 443 Shell structure Thermal center
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Fig. 1.3.— Phases in supernova expansion. Note that for the self-similar driven wave phase the
shock is “reverse” only with respect to the shock frame.
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Fig. 1.4.— Since the “line of sight” distance is longer through the edges of the shell SNR than
through the middle, the limbs appear brighter.
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the SNR. Type I supernovae (white dwarfs) should eject material with solar abundances (minus

hydrogen) and about a solar mass of iron-group elements. Core-collapse supernovae should retain

1.5 M¯ in a neutron star, and eject several solar masses, half in unprocessed material (mostly

hydrogen with approximately solar abundances of other elements) and half in helium, carbon, oxygen,

neon, magnesium, silicon, sulfur, argon and iron (Trimble, 1983). This is worked out in detail for

different masses of progenitors by Iwamoto et al. (1999, among others). However, observations have

been inconclusive and, until recently, the X-ray models necessary to accurately determine elemental

abundances have been primitive.

Several other methods to identify supernova types from remnants have been proposed. The

process that creates core-collapse supernovae can leave behind neutron stars or pulsars (or in very

massive stars black holes may be created). So the presence of a pulsar or a black hole will confirm

a supernova was a core-collapse. The reverse, the absence of evidence for a neutron star or black

hole is inconclusive. All supernovae are expected to produce different amounts of the radioactive

isotope 44Ti so it may be possible to infer the supernova type in the few remnants where 44Ti is

detected. A circumstantial argument has to do with the location of the remnant near or away from

star formation regions. Stars that undergo core-collapse have very short lifetimes so core-collapse

remnants should be located in galaxies where there is active, ongoing star formation, and within

those galaxies in regions with active star formation. Type Ia supernovae take longer to evolve and

may be found in galaxies without current star formation and in our galaxy off the plane, away

from young stars. In the case of one historical remnant, SN 1006, arguments have been made from

historical records (Clark & Stephenson, 1977). Type Ia supernova should be brighter at maximum

light than core-collapse, so, if the records of eastern observers are accurate, SN 1006 was a Type Ia

supernova.

1.4 Supernova remnants and cosmic rays

1.4.1 What are cosmic rays?

Cosmic rays are high energy particles from space traveling at relativistic velocities: protons

(H+), α-particles (He2+), ions of heavier elements and electrons. Since cosmic rays are electrically

charged, their trajectories are deflected as they travel through the large-scale galactic magnetic field.

So, unlike photons, the origination of cosmic rays cannot be deduced from their arrival direction.

1.4.2 How are cosmic rays observed?

Cosmic rays can be directly detected from space observatories and high altitude balloon

experiments. The highest-energy cosmic rays are detected through their interaction with the earth’s
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Fig. 1.5.— Cascades from cosmic rays and high energy γ-rays. Adapted from figures in Longair,
M.S. (1994).

atmosphere (see Figure 1.5). Upon colliding with particles in the atmosphere a cosmic ray fragments

into pions: π0, π−, π+.

These decay in a continuing cascade to γ-rays, electrons (e−), positrons (e+), muons (µ), and

neutrinos (ν), causing a rapidly expanding shower of light and particles through the air.

Electrons and positrons, moving faster than the speed of light (in the atmosphere the speed

of light is slower than in vacuum), create a bow wave. This “shock” drains energy from the particle

through optical Čerenkov radiation. This type of radiation happens when a charged particle moves

through a transparent medium faster than the speed of light in that medium. The radiation is

emitted in a cone whose angle depends on the velocity of the particle. Čerenkov radiation can

be observed from ground-based telescopes such as Whipple. The relativistic electrons also excite

molecules in the atmosphere which then emit fluorescent radiation when they de-excite. Telescopes

such as the High Resolution Fly’s Eye in Utah detect these fluorescence lines. The cosmic ray

spectrum observed at the earth is an impressive nearly unbroken power law from 109 eV to 1020 eV.

This spectrum has two small changes – a slight steepening at 1015 eV known as the “knee” and a

flattened “ankle” feature at 1020 eV.

1.4.3 Are cosmic rays coming from SNe or SNRs?

The origin of cosmic rays and the mechanism that accelerates them is currently unknown.

However, both ejecta from SN explosions and shocks in supernova remnants have been suspected.

Supernova shocks are one of the few mechanisms known to be capable of providing adequate energy

to supply the pool of Galactic cosmic rays, therefore supernova remnants have long been suspected
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as the primary site of Galactic cosmic ray acceleration, at least up to the “knee.” Cosmic rays

beyond the “knee” are thought to be of extragalactic origin.

1.4.3.1 How high can SNRs accelerate particles?

Efforts to investigate the connection between cosmic rays and supernovae are being focused on

two tracks: investigations are being carried out to determine if SNRs are capable of accelerating any

particles to cosmic ray energies (Reynolds & Keohane, 1999; Dyer et al., 2001) and the abundances

of cosmic rays are being examined to see if they can be explained in the context of SNe or SNRs

(Ellison, Drury, & Meyer, 1997; Meyer, Drury, & Ellison, 1997).

Synchrotron radiation from relativistic electrons

We know particles are accelerated to 1–10 GeV in SNRs since we observe synchrotron emission

at radio wavelengths caused by electrons at these energies. We would not normally choose to study

cosmic rays through electron processes — electrons are about 50 times less numerous than ions

(at any particular energy) in the cosmic ray spectrum observed at the Earth. Unfortunately ions

radiate much less efficiently than electrons of the same energy, and therefore do not provide radiative

evidence of their acceleration. High-energy electrons can also be detected in X-rays via nonthermal

bremsstrahlung and γ-rays from inverse-Compton upscattering of background photons. If evidence

is present for the acceleration of electrons, ions should also be accelerated. Ions require scattering

waves of opposite helicities than electrons but SNR shocks are known to be turbulent, and the

turbulence should generate waves of both right and left helicities (interacting with negative and

positive particles, respectively).

γ–ray observations of ion processes

Relativistic protons can produce γ-rays from the decay of π0 (pronounced “pi zero”) particles

produced in inelastic collisions with background gas. π0 emission produces a telltale signature, the

π0 “bump” which should be visible in γ-rays at around 108 eV that may be detectable even in the

presence of other γ-ray emission (Baring et al., 1999). Detection of this π0 “bump” could provide

direct evidence that ions are being accelerated to relativistic energies.

Oddly enough the greatest impediment to observing γ-rays (in hopes of proving that ions are

being accelerated, creating a link to cosmic rays) is the presence of much larger signals from the

cosmic rays themselves. Different observatories deal with this in different ways. Space based obser-

vatories such as EGRET have anti-coincidence systems to discriminate between charged particles

(cosmic rays) and γ–rays. Ground based systems such as Whipple in southern Arizona detect subtle

differences in the structure of air showers begun by γ-rays or begun by particles (see Figure 1.5).
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1.4.3.2 Do cosmic ray abundances make sense as arising from SNRs?

Ejecta from Supernovae

It seems plausible that cosmic rays could originate in supernovae or supernova remnants.

Cosmic rays are enriched in heavy elements and heavy elements are created in supernovae. However,

when the relative abundances of the elements observed in cosmic rays are compared to the detailed

theories of nucleosynthesis there are some disturbing discrepancies. In these models, the elements

are grouped by the burning cycle which produces them. Perhaps the most disturbing discrepancy

is that elements created in the same burning cycle are not in correct proportion, requiring more

than slight adjustments to nucleosynthesis models – models which successfully predict abundances

in other astrophysical settings.

If cosmic-ray abundances do not match accelerated ejecta, maybe there are characteristics of

the elements themselves that determine which are accelerated? An obvious thing to do is to plot

the cosmic ray abundances vs. atomic properties such as the first ionization potential, the energy

needed to remove the first electron from the atom. This does produce a rough correlation, but does

not provide an explanation. Are the atoms (which are at relatively low temperatures since they are

only singly ionized) accelerated after ionization?

Ambient material

The ISM is made up of dust, gas and ambient magnetic fields. While ISM abundances differ

from cosmic-ray abundances (precluding cosmic-rays issuing from ISM gas) it was suggested that the

supernova shock (long after the explosion itself) could accelerate grains of dust in the ISM (Epstein,

1980). Entire grains could be accelerated, sputtering into atoms and ionizing as the temperature

rose. Those pre-accelerated ions could then be efficiently boosted to cosmic-ray energies.

A comparison was made of volatility (a measure of how likely atoms are to remain in grains

– highly volatile elements are never found in grains) and observed cosmic ray abundances. Unfortu-

nately, volatility is highly correlated with first ionization potential. A few elements were found that

deviated slightly from this relation: sodium, potassium, sulphur, copper, zinc, gallium, germanium,

selenium and lead. Of these nine, four were in better agreement with a volatility-cosmic ray abun-

dance model and five agree equally well with that and a first-ionization potential model (Meyer,

Drury, & Ellison, 1997).

1.4.4 The future

Future missions to detect both cosmic-ray particles and high energy photons should provide

new information on the origin of high energy particles.
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1.4.4.1 γ-ray photons

Detection of γ-ray photons has taken two tracks: since there are very few ultra high energy

photons, both large detecting areas and long observations are needed (up to months for a single

object). The high cost of launching large (and therefore heavy) detectors precludes space missions,

so high energy observations are left to ground observatories such as atmospheric Čerenkov detectors.

Up till now, only three shell SNRs have been detected in TeV γ-rays: SN 1006 (8.0σ 4), G347.3-0.5

(5.0σ) and Cassiopeia A (4.7 σ) (Catanese, M., 2000). Over the next few years the sensitivity of

γ-ray detectors will increase substantially (see Figure 1.6). Imaging atmospheric Čerenkov detectors

STACEE and CELESTE, both nearing completion, will improve the high energy γ-ray sensitivity

significantly.

Space missions, with necessarily smaller collecting areas, have focused on slightly lower energy

(and more numerous) gamma-rays. The Gamma-ray Large Area Space Telescope (GLAST), sched-

uled for launch in 2005 will have 10-30 times the sensitivity of the γ-ray telescope EGRET and is

expected to detect up to two orders of magnitude more sources (Ong, 1999). One past disadvantage,

that the spectral coverage of space and ground γ-ray observatories left gaps will be addressed by the

extended coverage of GLAST + VERITAS.

1.4.4.2 Cosmic ray particles

The goal in the study of cosmic-ray particles is to obtain more accurate composition informa-

tion especially near the “knee” at 1015 eV. The detection of extremely high energy charged particle

requires large magnets, which are expensive to launch in space observatories. The Advanced Cosmic-

ray Composition Experiment for the Space Station (ACCESS) will attempt to address this obstacle

with a more permanent installation on the future space station.

4σ is a statistical measure of uncertainty. A 1σ event has a 67% chance of being detected the same way twice, a

3σ event a 99% change of turning out the same way twice
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Chapter 2

Radiation from Supernova Remnants

Electron and ion systems set up four possibilities for electromagnetic radiation depending on the

initial and final state of the electron, either bound to or free from the ion: bound-bound (line

processes, and some two-photon continuum), free-free (generally Bremsstrahlung although other

continuum processes fit this description), free-bound and its inverse, bound-free.

A multi-electron atom can be described by a single complex wave function, but often are

specified in terms of individual-electron states. These states are specified by four quantum numbers

n, l, ml, and ms. The principal quantum number n corresponds to the crudest energy levels, as

indicated in Figure 2.1. The orbital angular momentum is indicated by l. The ẑ components of

orbital and spin angular momentum are ml and ms, respectively. (All electrons have total spin

quantum number s = 1/2.)

The interactions between electrons result in combinations of angular momentum, either by

for example two electrons combining spins into total spin S and or orbital angular momentum into

total orbital angular momentum L (called L-S or Russell-Saunders coupling). Heavy atoms or atoms

in the presence of strong magnetic fields, the individual electrons combine l and s into j and the j’s

of different electrons combing (called j-j coupling). The classification of atomic energy levels in this

way allow the description of all kinds of atomic transition, including fine-structure lines and Zeeman

splitting.

The values of l have alphabetical as well as numeric designations: l = 0 is s, l = 1 is p, l = 2

is d, l = 3 is f and l = 4 is g and so on alphabetically. 1 The n values are called “shells”.

1These lines were discovered spectroscopically and before their origin was understood they were named sharp,

principal, diffuse, and fundamental. Only later was it discovered that sharp lines had l=0, and so lines from the

unnamed l=4 state were given the next letter in alphabetical sequence: g.
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2.1 Line processes

2.1.1 Atoms and ions

Some of the most useful observations of supernova remnants exploit the presence of line

emission from atomic transitions – these measurements can reveal the temperature, abundances,

velocity and ionization history of the shocked material. When an electron moves from one level in

an atom to a lower level, a photon is created with a wavelength corresponding to the energy change

in the principal quantum number n where ∆E = hν (see Figure 2.1). If the energy levels are closely

spaced, a low energy photon is released. If the energy levels are more widely spaced, a high energy

photon is emitted. This is a “bound-bound” transition, since the electron moves from one bound

state in the atom to another.

Several types of nomenclature are created to describe ions and to describe lines produced

by those ions (in simple atoms each ion has many possible transitions, each of which produces a

single emission line). The ionic state of an atom can be described in several ways. The proper

notation for ions indicates after the element the charge the element carries – neutral atoms of iron

would be Fe0, singly ionized Fe+, doubly ionized Fe++ or Fe+2. However, a common astronomical

practice is to misuse part of the line notation: Fe IIλ 8617 Å, using Roman numerals to indicate

the ionization state (λ here indicates the wavelength of the line in Angstroms). In this system Fe I

indicates a neutral iron, Fe II singly ionized iron, etc. Transitions given in brackets [S II] are “first

order forbidden” which merely indicates they have a lower probability of occurring than “permitted”

transitions. Permitted transitions come from dipole radiation while forbidden transitions arise from

higher order interactions such as electric and magnetic quadrupole radiation.

Table 2.1. Spectroscopic Notation for Ions

State Proper Common

Neutral H H I
Singly ionized H+ H II

Doubly ionized He+2 He III
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Table 2.2. Spectroscopic Notation for Lines

Lower level of
Transition: Hydrogen-like Multiple electron

n=1 Lyman(α, β, γ) K(α, β, γ)
n=2 Balmer L
n=3 Paschen M
n=4 Brackett N
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creating a line-blend with a peak that shifts with the relative strength of the three lines.
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Table 2.3. Selected Hydrogen-like X-ray Lines Common in SNRs

Z X-ray notation Ion notation Transition Energy [keV]

16 S Ly α S XVI 2p → 1s 2.6
14 Si Ly α Si XIV 2p → 1s 2.0
12 Mg Ly β Mg XII 3p → 1s 1.7
10 Ne Ly β Ne X 3p → 1s 1.2
10 Ne Ly α Ne X 2p → 1s 1.0
8 O Ly β O VIII 3p → 1s 0.77
7 N Ly γ N VII 4p → 1s 0.62
8 O Ly α O VIII 2p → 1s 0.65
7 N Ly β N VII 3p → 1s 0.59
7 N Ly α N VII 2p → 1s 0.50
6 C Ly β C VIII 3p → 1s 0.44

Table 2.4. Bright Helium-like X-ray Lines Common in SNRs

1s1S← 2p1P 2p3P 2s3S
ResonanceIntercombination Forbidden

Element Z Ion notation J:0-1 J:0-2 [keV]

C 6 C V 0.3079 0.3044 0.3044 0.2990
N 7 N VI 0.4307 0.4263 0.4263 0.4198
O 8 O VII 0.5740 0.5687 0.5686 0.5611
Ne 10 Ne IX 0.9220 0.9141 0.9148 0.9051
Mg 12 Mg XI 1.352 1.344 1.343 1.331
Al 13 Al XII 1.598 1.589 1.588 1.575
Si 14 Si XIII 1.865 1.855 1.854 1.839
S 16 S XV 2.461 2.449 2.447 2.430
Ar 18 Ar XVIII 3.140 3.126 3.124 3.104
Ca 20 Ca XIX 3.902 3.888 3.883 3.861
Fe 26 Fe XXV 6.700 6.682 6.668 6.637
Ni 28 Ni XXVII 7.806 7.786 7.766 7.732

Data from Kelly (1987).
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Hydrogen is a simple and well studied atom. Lines arising from transitions ending in the

ground state (n=1) are called Lyman lines (abbreviated Ly). The Lyman line created by an electron

originating from one level above is Ly α. Electrons that originate two levels above the ground state

produce Ly β, and from three levels Ly γ. Transitions for which the lower level is the n=2 state,

rather than ground, are Balmer lines (abbreviated H), transitions to the n=3 state are Paschen lines

(Pa), and transitions to the n=4 state are Brackett (Br) lines (diagrammed in Figure 2.1).

For a hydrogenic atom the energy of the photon created is determined by:

∆E = 13.6Z2

(
1
n2

i

− 1
n2

f

)
eV

where Z is the atomic number (Z = 1 for hydrogen) and ni and nf are the initial and final atomic

levels.

2.1.1.1 X-ray emission

Many transitions observed in SNRs at X-ray wavelengths (0.1–10.0 keV) are from elements

that have been stripped of all but one or two electrons. This allows these elements to be treated as

if they were variations of simple hydrogen or helium systems and they are referred to as “hydrogen-

like” and “helium-like” ions, enumerated in Table 2.3 and Table 2.4. S XVI is hydrogen-like sulfur

and the 2p → 1s transition (from n=2 to n=1) can be written using the hydrogen notation as

“S Ly α”. Table 2.3 gives common X-ray SNR lines from hydrogen-like ions. 2

Multiple electron atoms are more complex systems but certain transitions within these atoms

have a notation similar to hydrogen-like atoms. A downward transition to the ground state (n=1)

in a multiple electron atom is a K-shell transition, to the n=2 level an L-shell transition and to the

n=3 level an M-shell transition (the notation was devised in early work of Barkla [Livesey, 1966]).3

Kα, Kβ and Kγ indicate the lower level ( in parallel with the hydrogen notation, see Table 2.2).

Rather than single lines, as in hydrogen-like atoms, transitions to sub-states in K, L, and M-shells

generate multiple lines, often smeared into line-blends by the poor spectral resolution of current

X-ray telescopes. The Kα transition of helium-like ions involves three closely spaced lines, called

the forbidden, intercombination and resonance lines.

Common line blends from multielectron ions observed in X-ray SNRs include: Ni Kα, Fe Kα,

Ca Kα, S Kβ, S Kα, Si Kγ, Si Kβ, and Si Kα. X-ray lines in remnants such as SN 1006 are produced

2The fact that photons are spin-one particles explains why all transitions in Table 2.3 are from l=1 (p) to l=0(s).

In order to release a photon with integer spin the atom must undergo a ∆j of 1.
3An entirely different system also using capital letters was invented by Fraunhofer while working on the solar

spectrum. Most of his system is no longer used with the exception of the Ca II K and H lines and the Na I D lines.

These lines are in the optical and so are not generally confused with the X-ray notation.
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by electron impacts on ions. This excites ions from the ground state to excited states, from which

they promptly decay to the ground state, producing an X-ray photon. Supernova remnants are

bright at X-ray wavelengths starting shortly after the initial explosion and continuing for several

thousand years after that. Since X-rays are effectively blocked by our atmosphere (a fact vital to

our survival) astronomy had to wait until the advent of high-atmosphere balloon and rocket flights

and the development of satellite technology in order to explore the universe at high energies.

2.1.1.2 Visible emission

Late in their evolution (in the radiative phase) the shocks in SNRs cool through line radi-

ation, which makes them bright at visual wavelengths for the first time since the supernova itself.

Cygnus Loop and Vela are remnants in the radiative phase. Lines commonly found in radiative

SNRs include: H, He I, [O II], [O III], [N II], [Ne III] and [S II].

In situations where remnants cannot be identified through morphology (such as spatially

unresolved SNRs observed in other galaxies), the optical line ratio [S II]/Hα is used to distinguish

SNRs from H II regions (Mathewson & Clarke, 1973). Collisionally excited S+ in the long cooling

region behind the SNR shock results in ratios of [S II]/Hα between 0.4-0.5 whereas photoionized

H II regions have a ratio between 0.1-0.3 (Matonick & Fesen, 1997).

In general, visible and ultraviolet (UV) observations of SNRs in our galaxy have been ham-

pered by the location of most SNRs in the plane of the galaxy. Core-collapse SNe, the most numerous

type of SN, take place in regions of active star formation. Since our Sun is also in the plane we

look at all but a few Galactic SNRs through a fog of interstellar dust and gas which absorbs light

preferentially at visible and UV wavelengths. Studies of SNRs in the Large and Small Magellanic

Clouds, and external galaxies with face-on orientations are less hampered by this effect.

Hα in the north-west shock of SN 1006

Prior to Phase III, the radiative stage (see discussion in Chapter 1), SNRs are are considered

“nonradiative.” The term is used because the power lost by radiation is dynamically unimportant

to the shock, although nonradiative SNRs are in fact emitting radiation at several wavelengths. It is

possible to detect optical thermal emission from these nonradiative remnants from ambient material

in the process of being ionized by the SNR shock front. This can produce visible and UV line

emission, most notably hydrogen Hα (n=3→2 transition). Hα is observed faintly at the boundary

around SN 1006, and is brightest in the north-west polar region. The line emission is notable because

it contains two components – one narrow and one broad. Neutral atoms in the ambient medium are

not greatly affected as they are overtaken by the shock. Once in the postshock region they are ionized

by one of two mechanisms. If they are collisionally excited before being ionized they can produce
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Balmer line emission (Hα) at velocities close to zero. However, some atoms will undergo charge

exchange with hot shocked protons, creating fast neutral atoms which produce a broad component

(Chevalier, Kirshner, & Raymond, 1980). The broad component measures the postshock thermal

velocity distribution (v2, where vs = 4/3v2) modified by the charge-exchange cross section . In

SN 1006 the postshock component v2=2100 km s−1, implying vs = 2800 − 3870 km s−1. The

relative intensities of the broad and narrow components give another measure of the postshock

velocity: v2 =1875±80 km s−1or vs = 2400 − 2600 (Kirshner, Winkler, & Chevalier, 1987). Re-

analysis of the same data of SN 1006 by Smith et al. (1991) found the possible shock velocity range

to be vs = 2200− 3500 km s−1and cast doubts on the reliability of using intensity ratios to measure

the fluid velocity, since a more complete calculation revealed a complex interplay of reaction rates

which led to predicted intensity ratios not normally observed.

2.1.1.3 Ultraviolet emission

Like visual observations, UV observations sample thermal line emission from dense, shocked

ambient material. It has been found that combined data from UV and visual observations are

much more effective at determining shock velocities, physical conditions and abundances (Blair,

2001). However, in addition to atmospheric absorption, UV emission also suffers extinction from

interstellar dust. As a result relatively few SNRs have been detected at UV wavelengths (late-stage

radiative remnants such as the Cygnus Loop, and the Crab nebula; Blair, 2001).

UV observations have an advantage in that they sample a range of lines whose strength

depends either on electron energy (such as He II λ1640) or primarily on protons and ion energy

(lithium-like ions). This addresses a critical question about the shock physics. In an idealized shock,

the shock transforms the kinetic energy of the bulk flow into thermal energy. Since both electrons and

ions have the same upstream speed, they will initially have the same downstream thermal velocity,

giving Te/Ti = me/mi, where Te is the temperature of the electrons and Ti is the temperature of the

ions. Unless some kind of plasma heating occurs, the electrons slowly gain energy through Coulomb

collisions with protons and ions. Eventually the electrons and the ions “equilibrate” so that both

have the same temperature. However, that process can take a long time – in some cases longer than

the age of the SNR. Early models for SNRs assumed instantaneous temperature equilibration, but

it has recently become apparent that nearly all SNR plasmas are out equilibrium. Work by Laming

et al. (1996) found that HUT UV observations of SN 1006, coupled with models of fast, collisionless

shocks, demonstrated that the NW region was out of temperature equipartition at at least the level

Te ∼ 0.20Ti, and possibly Te ∼ 0.05Ti.

The Voyager Spacecraft 1 & 2, launched in 1977, had observations of planets as their primary
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goal. However, the Voyager Ultraviolet Spectrometers (VUS, covering wavelength 500-1700 Å)

made measurements of a few SNRs. Due to the large field of view of the VUS these are the only

measurements of the total flux from large remnants: the Cygnus Loop, Vela and G65.3+5.7. Blair

(1996) found the total luminosity in UV lines was comparable to the soft X-ray luminosity.

Other important UV instrument include the Hopkins Ultraviolet Telescope (HUT) flown for

two brief missions on the Space Shuttle in December 1990 and March 1995 (830-1860 Å); Interna-

tional Ultraviolet Explorer (IUE; 1150-3350Å; 1979-1996); and the Faint Object Spectrograph (FOS;

1150-8000 Å; 1991-1997) on the Hubble Space Telescope (HST). The current UV instrument on the

HST is the Space Telescope Imaging Spectrograph (STIS). Far-Ultraviolet Spectrographic Explorer

(FUSE) is currently in orbit (900 to 1200 Å, 1999-), and has been used to observe many SNRs,

including SN 1006.

SN 1006 in absorption

Astronomers are fortunate to have the opportunity to observe SN 1006 in absorption. A blue

subdwarf star (type sdOB) happens to be located behind the remnant (Schweizer & Middleditch,

1980). By comparing absorption lines in this star to standard sdO stars, lines from the stellar

spectrum and interstellar medium can be separated from lines originating from SNR material.

The results have been interesting. Since we see the Schweizer-Middleditch star through both

the front and back wall of the remnant cavity the expansion of the SNR should generate a set of

nearly identical blueshifted and redshifted lines, from the near and far side respectively. However,

only redshifted absorption lines are seen (from the far side). Lines from ions Si II, O I, and Si IV

are seen with a velocity of ∼5000 km s−1 and a dispersion of a few thousand km s−1. Iron (Fe II)

was detected at rest, with a dispersion of 5000 km s−1. Hamilton, Sarazin, & Szymkowiak (1986)

have found that the 1260 Å line of Si II is in fact two lines – shocked, redshifted Si II and unshocked

Si II, corresponding to the shocked and unshocked ISM. Table 2.5 summarizes the observations.

2.1.1.4 Infrared emission

Infrared (IR) can be the dominant emission band for SNRs for much of their lifetime (Dwek

et al., 1987). The interstellar extinction that plagues optical and UV observations is significantly

lower in the infrared (IR) band. Infrared lines from SNRs are usually ground-state fine structure

lines (resulting from the coupling of spin and orbital angular momentum) of C to Ni, as well as low

to moderately ionized states at temperatures larger than several hundred degrees (O I, O II, O IV,

Ne II, Ne III, S I, S III, S IV, Ar II, Ar III, Ar IV Arendt, 2001). Observations in the IR allow

the makeup of the ejecta to be examined before it becomes part of the ISM. IR also is the best
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wavelength for observing dust.

2.1.2 Molecules

Molecular levels are created through several mechanisms. From low to high energy, these

mechanisms are rotation, ro-vibration, and vibration, as well as electronic transitions (similar to

atoms). Rotation and vibration are shown in Figure 2.3. Molecular hydrogen (H2) can be observed

at infrared wavelengths through rotational and ro-vibrational transitions.

Under certain density and radiation conditions, the energy levels in the molecular population

can become inverted, resulting in microwave amplification by stimulated emission of radiation

(maser). This process exponentially amplifies the emission, making masers one of the brightest

sources of astrophysical radiation. Masers are found in many astrophysical sources, including SNRs.

They are discussed in detail by Elitzur (1976, 1992) and Elitzur, Hollenbach, & McKee (1989).

The presence of masers indicates a very specific environment in terms of energy and density.

While fast SNR shocks should dissociate molecules, maser emission is observed both outside and

within SNR shocks. Figure 2.4 shows the location of maser emission in SNR 3C 391. Evidently slow

shocks contain molecules either because dissociation did not occur or because molecules formed in

the cold postshock gas. Masers of molecular species such as OH have been observed near SNRs at

radio wavelengths.

2.1.3 γ-ray lines from nuclear decay

Both stellar processes and the supernova explosion create radioactive elements which decay

to other elements, producing emission lines at γ-ray energies. Decay from elements with short half-

lives powers the initial SN light curve with γ-ray emission reprocessed down to optical wavelengths

Table 2.5. SNR Absorption Lines in the S-M Spectrum

Identification Wavelength [Å] dispersion [km s−1] velocity[km s−1] Citation

Fe II 2343, 2382, 2599 5000± 0 2
Si IV 1394, 1402 4000±300 4900±100 2
O I 1331 6500±400 3
Si II:
. . . 1304 3400±900 6000±700 2
. . . 1526 4200±200 5100±100 2
. . . 1260 1240±40 5050±60 1

1Hamilton et al. (1997) 2Wu et al. (1997) 3Fesen et al. (1988)
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Fig. 2.3.— Rotation and vibrational transitions for molecules.

+

+

Fig. 2.4.— Interaction of the SNR 3C 391 with a molecular cloud. Contours indicate radio obser-
vations at 1.4 GHz while grayscale is the carbon monoxide J=1–0 transition(Wilner, Reynolds, &
Moffett, 1998). Crosses indicate OH 1720 MHz maser emission detected by Frail et al. (1996).

.
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while the SN is optically thick. Radioactive elements with long half-lives can be used to determine

abundances in the initial explosion, date the explosion, and calibrate nucleosynthesis models. A

prime example is 44Ti which decays into 44Sc with a half life of 60 ± 1 years. Lines from decay of
56Co,44 Ti, 26Al and 56Ni have been detected in supernova and their remnants (Diehl & Timmes,

1998) and many more are being searched for. Detection of radioactive elements in the interstellar

medium provides information about SN rates as they reflect the average rate of supernova and stellar

processes. Table 2.6 gives a list of radioactive tracers of SN.

2.2 Continuum processes

2.2.1 Emission from dust

Many SNRs are bright infrared emitters due to near-blackbody thermal emission from inter-

stellar dust shock-heated by the SNR blast wave (for a full discussion see Arendt, 1989). Observations

by the Infrared Astronomy Satellite (IRAS) detected more than a third of galactic SNRs (Saken,

Fesen, & Shull, 1992). Due to their small size, dust particles are not efficient absorbers of long

wavelength emission, and therefore are not true black bodies. Emission from dust is sometimes

referred to as “greybody” emission. Infrared observations of dust may be a way to identify older

SNRs which are dim at other wavelengths (Shull, Fesen, & Saken, 1989).

An interesting result of the presence of dust is polarized continuum emission in the far-

infrared, submillimeter and millimeter wavelengths from magnetically aligned, elongated dust grains

(summarized in Tamura, 1999). Detecting polarization provides critical information on the strength

and alignment of the magnetic field in the vicinity of the SNR. However, there are several limitations

to this technique: 1) the polarization observation measures the sum of all magnetic fields along

the line of sight, not just at the SNR, 2) observations can be depolarized by several mechanisms

(bandwidth depolarization, Faraday rotation, beam smearing) so only a lower limit to the magnetic

field can be determined, and 3) current observations have poor resolution and can only detect

magnetic structures on the very largest scales.

Not all dust in SNRs is from the ambient medium. The supernova 1987A demonstrated dust

formation detectable 350 days after the explosion (Meikle et al., 1993). For a brief summary of dust

observations see Arendt (2001).
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2.2.2 Free-Bound and Bound-Free emission

A free-bound transition, also known as radiative recombination 4 , happens when an electron

is captured by an atom into a bound state, releasing a photon. This is exactly the inverse of

photoionization which is “bound-free” emission. The cross section for capture depends on the

velocity and therefore the energy of the electrons. The wavelength of the photon depends on the

kinetic energy of the electron plus the change in n

hν = 1
2mev

2 + ∆En.

where h is Planck’s constant, me is the mass of the electron, v is the velocity, and En is the change

in energy.

2.2.3 Bremsstrahlung emission

Bremsstrahlung (literally “braking radiation,” also known as “free-free” emission) arises when

one particle interacts with another particle, slowing down in the process, and emitting a photon

(Figure 2.6). While electron-electron collisions can redistribute energy more efficiently, collisions

between identical particles have no net dipole moment and therefore no dipole radiation (Longair,

1994). The primary source of Bremsstrahlung in astrophysics are electrons interacting with much

heavier protons.

For a single particle the power generated in non-relativistic Bremsstrahlung is

P = −dW

dt
=

16πe6

3
√

3c3m2
ev

νNZ2gf

where, in cgs units, e is the charge of the electron, c is the speed of light, me is the mass of the

electron, v is the velocity of the electron, ν is the frequency of the radiation N is the total number

4Bound-bound transitions can also produce continuum emission if the transition is strictly forbidden for emission

of one photon. Important examples are 2s1S state in hydrogen and helium line ions which decay through a two-photon

emission mechanism.

e−

∆Ε n

photon

ion

Fig. 2.5.— In free-bound emission an electron is captured by an ion, emitting a photon in the
process.
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of ions, Z is the ionic number and gf is the Gaunt Factor.

Bremsstrahlung has the property that electrons of energy E produce photons at typical energy:

〈hν〉 ∼ E/3

(Longair, 1994)

2.2.4 Inverse-Compton emission

Compton scattering takes place when a high energy photon impacts a charged particle, nor-

mally transferring momentum to the particle. (At low energies this is Thompson scattering.) Inverse

Compton scattering is a term used in astrophysics to describe a less common situation where a par-

ticle transfers momentum to the photon (Figure 2.7). The inverse-Compton effect can be described

by a coordinate transformation of the Compton effect – in fact, in the rest frame of the particle,

it is the Compton effect. If the energy of the incoming photon is low in the electron rest frame

(Eγ << mec
2) the Thompson cross section, σT , can be used. If the energy is high then the full

quantum-mechanical Klein-Nishina formula must be used, which has the effect of reducing the cross

section.

The power radiated by a single electron through inverse-Compton is

PIC =
2
3
σT γ2β2Uphoton

where β is v/c, γ is the Lorentz factor of the relativistic electron γ =
(
1 − v2

c2

)−1/2

,

and Uphoton is the energy density of the photon field.

The energy of the outgoing photon is boosted by γ2. One way to remember this is to think

of the incoming photon transformed into the electron rest frame and the outgoing photon again

transformed back into the laboratory frame, picking up a factor of γ each time:

(hν)out ∼ γ2(hν)in

where ν denotes the frequency of the radiation and h is Planck’s constant.

e− +
photon

ion

Fig. 2.6.— Bremsstrahlung
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Table 2.6. Radioactive Tracers of Supernova

Decay Half-lives Wavelength [keV]

44Ti →44 Sc 60 ± 1 years 67.85, 78.38
44Sc →44 Ca 5.7 hours 1157, 1150

56Ni →56 Co 88 years
56Co →56 Fe 77.3 days 1238

60Fe →60 Co 1.5×106 years 59
60Co →60 Ni 5.3 years 1173, 1332

26Al →26 Mg 7.5×105 years 1809

e
e

−
−

incoming
photon

outgoing 
photon

Fig. 2.7.— Inverse-Compton radiation is caused by a relativistic electron up-scattering a photon.
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There is a maximum energy that a photon may gain from a collision (a head-on collision)

(hν)max = 4γ2h̄νin

(Longair, 1994)

2.2.5 Synchrotron emission

A charged particle in a magnetic field circles the magnetic field lines due to the Lorentz force.

At low energies this produces cyclotron radiation, at a single frequency – the gyrofrequency of the

electron. However, a relativistic electron produces a continuum of synchrotron radiation (also called

Magnetobremsstrahlung; see Figure 2.8),

The power emitted in synchrotron radiation by a single electron is

P = −
(

dE

dt

)
=

4
3
σT cβ2UBγ2

where UB is the energy density of the magnetic field B2/8π, and we have averaged over the mag-

netic field orientation. The spectrum emitted by a single photon is given in Figure 2.9a & b. Unlike

Bremsstrahlung, the relativistic electron population responsible for synchrotron emission has a neg-

ligible cross section for atomic transition, excluding this population as a source of line emission.

Synchrotron emission occurs in astrophysical settings at all scales, from the radiation belts of

Jupiter to jets in active galactic nuclei (see Table 2.7).

Most observed synchrotron in SNRs is caused by acceleration of particles at the shock inter-

acting with the compressed ambient magnetic field. However there are two other examples of SNR

synchrotron: both the pulsars and their nebulae emit synchrotron emission. Type II (core-collapse)

SNe are expected to leave behind pulsars, rapidly rotating neutron stars. Despite the fact that most

SNRs are expected to be of Type II origin only a few SNRs have been found with pulsars. Pulsars are

detected via radio or X-ray pulses or from the characteristic synchrotron nebula they create around

e−

B

Fig. 2.8.— Synchrotron radiation is caused by electrons accelerating about magnetic field lines.
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them, called a “plerion”. This nebula has a much flatter spectrum than synchrotron emission from

the shock. While this emission is also accurately described as “nonthermal synchrotron emission,”

it is not a subject of this thesis.

The mathematical structure which describes inverse-Compton emission has much in common

with that used to describe synchrotron emission. For both relativistic and non-relativistic inverse-

Compton (when the Thompson cross section applies)

Psync

PIC
=

UB

Uphotons

(Rybicki & Lightman, 1979).

2.3 Emission from distributions of particles

An observed photon spectrum reflects both the emission mechanism and the underlying parti-

cle distribution. The particle distribution is initially determined by the shock (discussed in Chapter

3). We make some general remarks about emission from Maxwellian and power law distributions of

particles.

In astrophysics the word “thermal” does not indicate a particular radiative process but the

distribution of the particles behind the radiation. If the particles are in thermal equilibrium, they

have a Maxwellian distribution in energy, within the dotted line in Figure 2.11. Thermal emission

in SNRs comes from two radiative processes – continuum from thermal Bremsstrahlung and lines

from electron-ion impact excitation, ionization, and radiative capture of electron by ions.

Thermal Bremsstrahlung comes from particles with a Maxwellian distribution Ne(v) ∝ exp(−mev2

2kT ).

The emissivity for thermal Bremsstrahlung is

jν = 5.4 × 10−39Z2neniT
−1/2e

hν
kT ḡf

Table 2.7. Astrophysical Settings for Synchrotron Emission

Setting Prototype Spectral Index (α)

Galactic Galactic Ridge 0.4-0.9
Active Galaxies Cygnus A 0.8
Quasars 3C 273 0.7
Planetary Magnetosphere Jupiter 0.3 (6-20cm)
Stellar Flares Sun
Supernova Remnants:
Shell SNR SN 1006 0.5-0.9
Pulsar Crab Pulsar 2.0
Plerion Crab Nebula 0.24
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in units of erg s−1 cm−3 Hz−1 str−1 Non-thermal Bremsstrahlung is the same process as thermal

Bremsstrahlung, but draws from the electron population from beyond the Maxwellian. It is some-

times appropriate to approximate the particle spectrum in the nonthermal tail with a powerlaw.

A powerlaw distribution of electrons N(E)dE ∝ E−sdE yields in the nonrelativistic case a photon

spectrum Nγ(ω) ∝ ω−s/2 and in the relativistic case Nγ(ω) ∝ ω−s.

Synchrotron emission from an electron distribution N(E) ∝ E−s, yields a spectral distribution

F (ν) ∝ ν−(s−1)/2 as shown in Figure 2.10. We define α = (s − 1)/2, as the energy spectral index.

There is also a photon spectral index for Nγ ∝ E−Γ where Γ is related to the energy spectral index

Γ = α + 1, since ENγdγ = N(E)dE. For a powerlaw distribution of particle energies the spectral

shape is determined by the shape of the electron energy spectrum, rather than the shape of the

emission spectrum of a single particle. This is not true for more rapidly varying distributions of

N(E), as will be discussed in Chapter 4.

A nonthermal spectrum could be created by various emission mechanisms from the nonthermal

tail in the distribution of particles as shown in Figure 2.11. Bremsstrahlung particles of energy E,

generate photons of typical energy E/3.

Synchrotron electrons produce photons at much lower energy than the generating electron.

Radio synchrotron samples the particle spectrum in a region well approximated by a powerlaw while

X-ray synchrotron samples the particle spectrum where it is rolling off.

Nonthermal bremsstrahlung should be present at some level in X-ray spectra above a few keV.

While synchrotron radiation should be rolling off at these energies, bremsstrahlung should have a

straight or hardening spectrum (which has yet to be observed).

Another distinguishing feature between synchrotron and nonthermal bremsstrahlung is that

while a featureless continuum could in principle be caused by nonthermal Bremsstrahlung, the

presence of Bremsstrahlung implies a large source of electrons at energies appropriate for exciting line

emission. Therefore lineless spectra or spectra with weak lines cannot be attributed to nonthermal

bremsstrahlung.



34

Fig. 2.9.— Spectrum of synchrotron emission from a single relativistic electron a) linear scale, b)
log scale. Data from Longair (1994).
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Fig. 2.10.— For synchrotron emission a powerlaw distribution of electrons produces a powerlaw
spectrum of synchrotron emission, with spectral indices related by α = (s − 1)/2.
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Fig. 2.11.— The distribution of particles (top) and contributions to the nonthermal spectral from
radio synchrotron (green), X-ray synchrotron (blue) and Bremsstrahlung (red).
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Chapter 3

Shock Theory

3.1 Hydrodynamics

A powerful method of modeling shocks is to approximate a collection of particles by a fluid.

This generates meaningful results if the average distance the particles are randomly scattered is less

than length of interest, i.e. when most particle remain together as the group moves from A to B.

The fluid approximation is also called continuum mechanics and the field is called hydrodynamics

when the laws of continuum mechanics apply and plasma physics when they do not (Shu, 1992).

3.2 What is a shock?

A shock is formed whenever a pressure disturbance moves through a compressible medium

at higher than the signal speed, usually the speed of sound (or acoustic speed). A commonly given

analog to a shock is the standing wave set up by a stream of water encountering a smooth flat surface.

If you place a smooth cookie sheet under the tap and turn on the faucet, the water will flow away

from the point of impact. At some point the water moving out will meet slowed water, and form a

circular standing wave. This happens because the water initially moves with a speed higher than

the surface travel speed. (It should be noted that this example is not collisionless or supersonic but

is perfectly safe to try at home.) Examples of astrophysical shocks include: the ejection of material

in jets or explosions; the supersonic interaction of two bodies (such as galaxies), and matter falling

toward mass concentrations.

3.3 Supernova shocks

A core-collapse supernova puts 1051 ergs of kinetic energy into 10 M¯ of ejecta. From intro-

ductory physics we roughly estimate the shock velocity:
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KE =
1
2
mv2

about ∼3000 km s−1.

The speed of sound in a medium is defined as

cs =

√
γP

ρ

where γ is the adiabatic index of the gas, P is the pressure and, ρ is the density. The adiabatic

index (or ratio of specific heats) γ is defined as

γ = 1 +
2

DOF

where DOF is the number of degrees of freedom in the gas. For an ideal monatomic gas there are

three degrees of freedom (spatial coordinates x, y and z) so γ=5/3.

The warm ISM has a temperature of 10,000 K and γ of 5/3, the speed of sound in the ISM is

about 10 km s−1. The SN shock speed greatly exceeds the sound speed, making this a very strong

shock. The speed of the shock is usually given in terms of the Mach number M: the velocity of the

shock in units of the sound speed. M= u
cs

, therefore M > 1 indicates supersonic velocities.

After the brief free expansion period, the shock forms two layers – an outer region of shocked

ambient material, and an inner region of shocked ejecta. Between the two are a contact discontinuity

separating the layers.

3.4 Conservation laws

The behavior of a collection of particles, such as those which make up the interstellar medium

(ISM), is described by the fluid equations.

A standard conservation equation in physics follows the following form:

∂t(Q) + ∇ · u(Q) = sources − sinks

where Q is the relevant physical quantity.

The fluid equations are simply conservation equations:

∂tρ + ∇ · (ρu) = 0

∂t(ρu) + ∇ · (ρuu) + ∇p = F
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∂t(ρE) + ∇ · (ρEu) + ∇(pu) = G + ρu · F

where E = u2/2+ (γ − 1)−1p/ρ is the total specific energy, ρ is the mass density, p the pressure, and

F and G are momentum and energy source terms (e.g., gravity, radiative cooling).

Conservation of energy, density and mass across the shock front give the Rankine-Hugoniot

shock jump conditions (Shu, 1992). These are just the time independent conservation equations in

one dimension:

ρ2u2 = ρ1u1

ρ2u
2
2 + P2 = ρ1u

2
1 + P1

1
2
u2

2 + h2 =
1
2
u2

1 + h1

where h is the specific enthalpy

h =
γ

γ − 1
P

ρ

Given parameters on one side of the shock, these jump conditions make it possible to determine

conditions on the other side. Solving the Rankine-Hugoniot equations gives three relations, the first

two relate P2/P1 and T2/T1. The last gives the compression ratio as related to the Mach number of

the shock M and the adiabatic index of the material γ by

rc =
ρ1

ρ2
=

u1

u2
=

(γ + 1)M2

(γ − 1)M2 + 2

For γ = 5/3 in the limit that M→ ∞ this produces a compression ratio rc = 4.

In general the ISM is magnetized, resulting in slightly different shock jump conditions. In

this case there is another relevant speed: the velocity of disturbances in the magnetic field, known

as the Alfvén speed. In a fully ionized gas this is given by:

vA =
B1√
4πρ1

where B1 is the upstream magnetic field, and ρ1 is the mass density upstream. In this case one

defines a magnetosonic Mach number Ms. This is the ratio of the shock speed to the combined

sound and Alfvén speeds
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Ms =
u√

c2
s + v2

A 1

The compression ratio becomes

r =
−1 − χ +

√
(1 − χ)2 + 4χM
2χ

where χ = 1
2

(
M
Ms

)2

.

3.5 Collisional and collisionless shocks

In all systems found on the earth, fluids are collisional – particles dissipate energy by colliding

with other particles resulting in a Maxwellian distribution of particle energies. The relevant length

scale is the mean free path, and the shock is approximately one mean free path thick.

However, shocks in supernova remnants are collisionless. In a collisionless shock, common

in astrophysics but nearly impossible to create in a laboratory, particles interact with one another

only via the magnetic field. Each particle responds individually to the magnetic field created by

the entire plasma. Particles do not achieve a pure Maxwellian temperature distribution; instead, a

few particles gain greater energy as they attempt to equilibrate with the plasma as a whole. The

length scale for collisionless shocks is the thermal proton gyroradius – the radius of the orbit about

magnetic field lines (see Figure 2.10).

η =
mpvpc

eB
.

This distance is much smaller than the mean free path in the rarefied ISM. Collisionless

shocks are very complex and not well understood. One important difference between collisional and

collisionless shocks is that protons and electrons are expected to have very different temperatures

initially. Due to the lack of binary collisions to efficiently equalize temperatures, postshock electrons

and protons take a long time to reach temperature equilibrium.

3.6 Self-similar solutions

In the case of spherical symmetry, if there is no preferred length scale, it is possible to simplify

the hydrodynamic equations using the property of “self-similar” solutions. Self-similar solutions are

solutions for a particular hydrodynamic problems where parameters such as density, velocity and

pressure are functions only of a dimensionless “similarity variable.” One of the characteristics of a

self-similar solution is that the profile of parameters holds the same shape, changing only in scale.
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Mathematically, the similarity variable relates time to distance which reduces partial differential

equations to ordinary differential equations which can sometimes be solved analytically.

The material the shock expands into may be variable in density. One class of solutions for

SNR shocks begin by specifying the density of the ejecta and the density of the ambient medium.

The self-similar driven wave Chevalier (SSDW, 1982) solution gives the density of the ejecta

and the ambient medium as a powerlaw in radius

ρejecta ∝ r−n

and

ρam ∝ r−s

where r is the radius and s and n are the power law index on the ambient medium and the ejecta.

Only certain values of s and n maintain the shock integrity. If s >3 the contact discontinuity will

accelerate away from the inner shock, disrupting the shock. If n < 5 the shocked ambient medium

will accelerate away from the contact discontinuity. Two situations with are physically meaningful

are uniform density and ρ ∝ r−2 (which results if the presupernova star lost mass in a steady stellar

wind).

Shocks in SNRs are three dimensional events, where the shock expands into the ambient

medium. However due to computer limitations most modeling is done in one- and two-dimensions.

In addition it makes more sense to work in the frame of reference of the shock, where the ambient

material rushes into the shock at the shock speed. This way the shock is stationary with respect to

the grid, as shown in Figure 3.1.

As discussed in more detail in Section 1.3.1 and shown in Figure 1.3, supernova remnants

go through phases as they age: Free Expansion (Phase 0), Reverse Shock (Phase I), Sedov-Taylor

(Phase II) and Radiative (Phase III).

3.7 Young remnants: Reverse shock, SSDW

During the reverse shock phase the SNR shock is driven by ejecta. Similarity solution are

possible for the reverse shock phase if ambient medium and ejecta both have powerlaw density

profiles.

For cases where the powerlaw index for the ambient medium (s) is greater than 5, the shock

is now in the Self-Similar Driven Wave phase. Two cases of the ambient medium are of interest: the

case where the ambient medium has a uniform density (s=0, see Figure 3.2) and the case where it

has a power law density profile with s =2. The precursor stars of Type Ia supernova, white dwarfs,
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Fig. 3.1.— Reducing a 3D shock to a 1D simulation.
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are not expected to influence the surrounding medium and therefore should be described by a s = 0

shock, while progenitors of core-collapse SNe are supergiant stars with strong stellar winds.

Dwarkadas & Chevalier (1998) found that models of Ia ejecta were better fit by an exponential.

ρ ∝ e−v/vet−3

The solution has a intrinsic scale and therefore is not a self-similar solution but has been

developed numerically (see Figure 3.4).

3.8 Middle-aged remnants: Sedov-Taylor

During the Sedov-Taylor phases the ejecta can be neglected compared to the swept-up ISM.

It is easy to derive the self similar variable for the Sedov Taylor solution. The only important

dimensional quantities are the radius, the time since the supernova explosion, the density upstream

from the shock and the energy in the explosion. We will neglect the upstream pressure.

We attempt to find a similarity variable ξ, which depends on r, the radius of the SNR, t, the

time since explosion, ρ0 the density upstream from the shock, and E the energy in the supernova

explosion:

ξ = ratbρc
0E

d

If a is held to the first power the equation will be easier to solve for r. The units of the left

hand side are (working in cgs units)

(cm)a=1sb
( g

cm3

)c
(

g cm2

s2

)d

In order for ξ to be dimensionless the following must be true:

cm : 1 − 3c + 2d = 0 (3.1)

s : b − 2d = 0 (3.2)

g : c + d = 0 (3.3)

Solving these gives b = −2/5, c = +1/5, d = −1/5 and inverting the equation for rc yields

rc = ξ

(
Et2

ρ0

)1/5

(where ξ = 1.15; fixed by requiring conservation of mass).
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Fig. 3.2.— SSDW shock profiles for constant density ejecta (s = 0, n = 0), appropriate for Type Ia.

(Dwarkadas & Chevalier, 1998)

Fig. 3.3.— SSDW shock profile where the ejecta has a powerlaw profile, appropriate for a core-
collapse SN with strong winds (s = 0, n = −7; Dwarkadas & Chevalier, 1998).



46

Fig. 3.4.— Shock profile for an exponential ejecta with constant ambient medium (s = 0, Dwarkadas

& Chevalier, 1998).

Fig. 3.5.— Shock profiles for the Sedov solution
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Fig. 3.6.— The dotted line shows a one-dimensional shock from the test particle case. The solid
line shows the nonlinear modified shock profile.

3.9 Old remnants: Radiative, Snowplow

When the forward shock slows down to a few hundred kilometers per second, the cooling time

becomes equal to the age of the remnant, and the remnant becomes radiative and decelerates faster

than in the Sedov phase. In older, radiative remnants, such as the Cygnus Loop, the shock dynamics

are dominated by the momentum of the cool postshock gas. The radius is now proportional to t2/7.

3.10 Transition phases

Much work has gone into studying not only the phases outlined above, but also the transitions

between the phases. Truelove & McKee (1999) have worked on the transition from the self-similar

driven wave to the Sedov-Taylor phase. Cioffi, McKee, & Bertschinger (1988) worked on transitions

from the reverse-shock to the radiative phase and Wright (1999) developed a framework moving

from the Sedov phase to the radiative phase.

3.11 Shock acceleration theory

3.11.1 Diffusive shock acceleration

Diffusive shock acceleration (DSA) takes place when particles scatter back and forth across

the shock, gaining energy from scattering off the incoming fluid. DSA is also called first order

Fermi shock acceleration. In Fermi’s original theory the energy gained ∆E/E was proportional

to (V/c)2, where V was the fluid velocity and c the particle speed and therefore called second

order Fermi shock acceleration. In the case of only approaching collisions ∆E/E is proportional to

(V/c)1, a more efficient process, and termed first order Fermi shock acceleration (Longair, 1999).

This is a collisionless shock so the scattering centers are provided by turbulence in the form of

magnetohydrodynamic (MHD) waves embedded in the fluid.

In its simplest form DSA assumes a fully ionized magnetized plasma enters from the left at a



48

constant velocity u1, in the shock frame. It is shocked and compressed and flows out at a postshock

velocity u2 so that the compression ratio is

rc ≡ u1

u2
=

ρ2

ρ1

where 1 indicates upstream and 2 indicates downstream from the shock.

In the “test particle” regime in which the nonthermal accelerated particles contribute negli-

gibly to the total fluid pressure the fast particle distribution from this shock is

f(E) ∝ E−s

where s = (rc+2)/(rc−1). For a strong adiabatic shock with γ=5/3, rc=4 and s = 2. Electrons with

f(E) ∝ E−2 would radiate synchrotron with photon spectrum Sν ∝ ν−α where α = 1
2 (2 − 1) → 0.5

for s = 2. This is in good agreement with the observed spectral index of radio synchrotron emission

for most SNRs: where α = 0.4 − 0.7. Strong shocks should accelerate both electrons and ion and

should do so equally as soon as the particles are relativistic above a few GeV.

3.11.2 Test particle shocks

The test particle method of modeling DSA sets up a shock and then calculates the response of

particles to the shock, assuming the particles themselves are not dynamically important, and their

energy had no effect on the shock. It is possible to do test particle calculations analytically, i.e.

Bell (1978a,b), or with computer simulations, using statistical Monte Carlo methods. The result is

a powerlaw with the slope fixed by the compression ratio.

The test particle result for the momentum spectrum of particle accelerated by first order

Fermi shock acceleration at a shock shock is:

dN

dp
∼ p−2.

3.11.3 Nonlinear, cosmic-ray modified shocks

There is good evidence to show that particles in fact have an effect on the shock. The particles

can excite the waves that scatter them, providing a feedback loop. Particles that escape carry away

energy from the shock, causing an increase in γ and the shock compression ratio r. As particles

diffuse upstream they gradually decelerate and heat the incoming fluid. It is important to note that

usually we measure the post-shock (2), quantities and then use an assumed compression ratio r to

deduce the upstream (1) quantities. If particle escape is not taken into account, the compression

ratio and therefore the presumed upstream values may be in serious error.
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In Figure 3.6 the solid line indicates the nonlinear shock. The effect of the particles on the

shock is clear: they create a “dynamical precursor” ahead of the shock which has critical effects: it

means that particles with greater energy experience a larger compression ratio than particle with

less energy, causing a postshock distribution that is concave. Nonlinear effects in shock acceleration

can explain the spectral index and curvature see in radio synchrotron emission in Tycho and Kepler

(Ellison & Reynolds, 1991; Reynolds & Ellison, 1992).
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Chapter 4

Testing Synchrotron Models Against X-ray

Observations

A new star of unusual size appeared glittering in aspect and dazzling the eyes....It was

seen likewise for three months in the inmost limits of the south beyond all the constella-

tions which are seen in the sky. Hepidannus, Monk of St. Gallen, Annals Sangallenses

Maiores, 1006 A.D. Goldstein, 1965

4.1 Scientific issues for supernova remnants

Previous chapters have described the phenomena of supernova explosions and their resulting

remnants, observations of remnants and the radiative processes generating that emission, and the

shock theory that explains those observations. SNRs are known to have strong shocks, are suspected

as a source of cosmic rays, and are probably responsible for generating observed heavy elements.

However, there are some significant questions remaining, especially regarding cosmic rays. One issue

is that we have observed only lower energy electrons. Do the shocks in SNRs accelerate particles up

as high as the “knee”?

Then there are important details of the shock acceleration process that are still unknown:

• How is diffusion happening?

• What is the strength of the magnetic field?

• How does the acceleration efficiency depend on the obliquity?

We cannot learn the answers to these questions from radio observations alone. These questions,

however, are related. If SNRs accelerate electrons to high energies, X-ray synchrotron emission will
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be produced. The study of this emission can cast light on all these issues. We want to know the

upper limit of electron acceleration. Observations have shown (in all remnants studied thus far) the

X-ray emission falls below the extrapolated radio spectrum. This indicates the electron distribution

producing synchrotron X-rays is in a regime where it is cutting off. Thus there is more information

there about shock physics than can be obtained by observing emission from a regime where it is still

approximately a powerlaw distribution (as in the radio). We should be able to answer the following

question:

• What is cutting off the acceleration of electrons?

This should provide information about the magnetic field, the maximum wavelength of MHD

waves available for scattering and perhaps the level of turbulence and the age of the remnant. The

goal, therefore, is to use high energy synchrotron emission (X-ray to TeV γ-ray) from supernova

remnants to answer the questions above.

4.2 Historical background: theory and observation

4.2.1 Early observation and theory

Occasionally in astrophysics an entire field is driven forward by observations of a single object.

SN 1006 may be an example. Early Einstein and OSO 8 rocket observations of SN 1006 (Becker et

al., 1980) were well fit by a powerlaw with no sign of line emission. This was in contrast to all other

shell remnants known at the time. The authors proposed classifying SN 1006 as a Crab-like object,

since synchrotron X-rays were thought to require a pulsar.

Reynolds & Chevalier (1981) proposed a different source of synchrotron emission – the high

energy counterparts to the electrons producing synchrotron emission at radio wavelengths. Then

sounding rocket observations made by Vartanian, Lum, & Ku (1985), revealed oxygen lines, provid-

ing evidence of thermal emission. This started theorists on a quest for a thermal spectrum that could

produce primarily lineless emission. Hamilton, Sarazin, & Szymkowiak (1986) developed a lineless

thermal model to describe the spectrum. Suppressing lines required that the ejecta be highly strat-

ified so that only carbon had so far been heated by the reverse shock. 1995 ASCA observations

by Koyama et al. (1995) revealed that SN 1006 had both thermal and nonthermal emission, in the

center and limb, respectively. At this point it became clear that understanding SN 1006 would

involve separating thermal and nonthermal components – requiring a new level of sophistication in

models.

At this time there were also suggestions made that the decay of neutral pions could give rise

to gamma ray emission in SNRs, providing evidence for the acceleration of ions, necessary to hold
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Fig. 4.1.— The radio to X-ray spectrum of SN 1006. Single dish radio flux measurements are
indicated by points and the unfolded ASCA spectrum is show at X-ray energy. Note that the radio
extrapolation is higher than the X-ray observations. No remnants are currently known for which
this is not the case.
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SNRs responsible for certain cosmic rays. The first models were developed by Drury, Aharonian, &

Voelk (1994), assuming a powerlaw spectrum for ions up to 1014 eV.

The Energetic Gamma Ray Experiment (EGRET) on the Compton Gamma Ray Observatory,

launched in 1991, conducted an all-sky survey. In this survey 170 unidentified sources were found,

some of which were located near known SNRs. Motivated by EGRET-SNR associations, Sturner

et al. (1997) developed a time-dependent description of the main radiative processes in SNRs, as-

suming powerlaw distributions of particles. They calculated the amount of synchrotron, nonthermal

Bremsstrahlung, IC and pion-decay emission at ages between 500 and 100,000 years. They found

that the spectral power peaks at all wavelengths as the SNRs leaves the Sedov phase. The total-

power spectrum, (νFν) generally had two distinct peaks – one due to synchrotron between radio

and X-ray energies (1033-1034 ergs s−1) and a second at gamma ray energies (1034-1036 ergs s−1)

from a sum of all other processes. The Inverse Compton emission generally dominated the gamma

ray peak unless the density of the ISM was greater than 10 cm−3 (in which case Bremsstrahlung

was dominant) or more than ∼6 times as much energy was in protons than electrons (in which case

π0-decay emission dominated).

Gaisser, Protheroe, & Stanev (1998) analyzed the observed EGRET γ-ray fluxes and tried to

extract source parameters from the data, rather than start from a totally theoretical approach. They

created models of gamma ray emission for Bremsstrahlung, IC and pion-decay emission, assuming

a powerlaw distribution for electrons and protons (although allowing different slopes for each), and

performed a maximum likelihood fit to observations of two SNRs associated with EGRET γ-ray

sources: IC443 and γ Cygni. They paid special attention to photon contributions for IC scattering

from the Galactic infrared and optical background, finding that emission from these source photons

is only a factor of four below that due to photons from the cosmic microwave background, and should

be included in the model. They found that in order to fit the data the IC emission could not be

dominant, rather the largest γ-ray contributions come from π0 decay and Bremsstrahlung.

Before the detection of SN 1006 in TeV gamma-rays, Pohl (1996) (as well as Mastichiadis & de

Jager, 1996) calculated expected TeV fluxes (assuming a magnetic field strength) due to upscattering

of cosmic microwave background photons by electrons of 10-100 TeV. He calculated a range of values

of predicted flux based on a homogeneous emitting volume; the results depended on the then poorly

known electron spectrum.

With great fanfare, results from the 1996 and 1997 observations of SN 1006 at TeV ener-

gies by the Collaboration of Australia and Nippon for a Gamma-Ray Observatory in the Outback

(CANGAROO) were released (Tanimori et al., 1998). SN 1006 was detected in two separate obser-

vations: in 1996 with a 28-hour observation at the 5.3σ level, and in 1997 with a 38-hour observation
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at the 7.7σ level. CANGAROO observes atmospheric Čerenkov emission from secondary particles

produced in air showers due to collisions at the top of the atmosphere (See Section 1.4 in Chapter

1). The instrument locates the arrival direction of the original γ-ray photon by fitting a model that

parameterizes the Čerenkov emission cone by its width, length, distance, and concentration. As a

result, positional information is uncertain, although a likelihood can be calculated of the emission

originating from a particular location in the sky. Tanimori et al. (1998) localized the emission in

the NE limb, and set an upper limit on emission from the SW limb of one-quarter of the emission

detected from the NE. Since SN 1006 is located off the plane of the galaxy in a region of low den-

sity, it is unlikely that the TeV emission is from π0 decay and Tanimori et al. (1998) attribute the

emission to Inverse Compton. The γ-ray detection of SN 1006 is significant since only three shell

SNRs have been detected in TeV γ-rays. The others are G347.3-0.5 (RX J1713.7-3946) (5.0σ) and

Cassiopeia A (4.7 σ) (Catanese, 2000).

4.2.2 High-energy modeling

Baring et al. (1999) were the first researchers to calculate a full SNR particle spectrum from

shock acceleration, including nonlinear effects arising from the influence particles have on the shock

(see Chapter 3, Section 3.3.3). They used a Monte Carlo simulation, with inputs from Sedov solutions

to model a parallel shock, simulating in one dimension an evolving, spherical shock.

The Baring et al. (1999) model included synchrotron and Bremsstrahlung emission, inverse

Compton scattering from the cosmic microwave background radiation, and π0 decay γ-ray emission.

The physics used to describe Bremsstrahlung and pion production processes was very similar to

Gaisser, Protheroe, & Stanev (1998), with the addition of helium to the cosmic ray ions. Baring et

al. (1999) used Sedov dynamics and simple considerations to calculate an Emax, the energy of the

most energetic electron. He then used Emax in Monte Carlo simulations to calculate full electron,

proton and helium spectra.

The model results in a maximum energy Emax which depends on the initial explosion energy,

the mass of ejecta and time since the explosion. For example Baring et al. (1999) found that at

an age of 10 years SN 1987A was capable of accelerating electrons to a maximum energy of 7 TeV,

assuming an initial explosion energy of 1051 ergs and one solar mass of ejecta. Either very energetic

SN explosions or large ISM magnetic field strengths are required in order to create SNRs capable

of accelerating particles above 1014 eV and it is very difficult to accelerate particles as far up as the

“knee”.

During these investigations into the causes of high energy X-ray and γ-ray emission Reynolds

(1996, 1998) was giving careful attention to more accurate modeling of synchrotron emission. Syn-
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Fig. 4.2.— Estimates of maximum particle energy from Baring et al. (1999). The lower three lines
are (a) particle energies for an upstream density of n=1 cm−3 and various ratios of the upstream to
downstream diffusion coefficients. The middle solid line is for (b) a density of n=0.01 cm−3. The
highest curve (c) has all parameters idealized to obtain maximum energy. The dotted lines are upper
limits due to synchrotron and Inverse Compton losses which electrons (but not ions) will experience
from the distributions (a), (b) and (c).
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chrotron emission in fact has more observational data than all the other emission mechanisms since

it is seen in both radio and X-ray. This development led to the discovery that truncations to the par-

ticle spectrum are not appropriate, and neither is the “delta-function” approximation to the electron

emissivity, described below. Reynolds (1996) used early versions of the synchrotron formulation to

show that reasonable models could describe the X-ray emission from SN 1006 as it was then known.

The models predicted a synchrotron halo at radio and X-ray wavelengths from particles escaping

from the shock.

4.3 Theoretical framework for synchrotron models

I will briefly lay out the physical framework for this research, which is presented in complete

detail in Reynolds (1998). I will make a point of noting physical assumptions in the model and

where his work differs from those of other research groups.

4.3.1 General assumptions

The entire parameterization is motivated by the desire to know the morphology of the rem-

nant, and this is evidenced it the way spectra are created. A spectrum is generated by calculating

a sequence of images at a range of frequencies and integrating over each (or in the case of Paper II

over subsections, see Chapter 6) to obtain a total flux. For spectra images are generated with 48×48

pixels, while images for display are usually produced at a higher resolution.

The model assumes that the immediate post-shock electron distribution is N(E) = E−sexp(−E/Emax)

where Emax is found at each point in the shock. We do this by calculating how long it takes to get

to an energy E in diffusive shock acceleration, (the acceleration time ta(E)). We equate that to the

remnant age or to a characteristic radiative-loss time (tloss), and solve for E. Finally, electrons may

simple escape above some energy, We choose the lowest of these three energies for Emax. This dis-

tribution is allowed to evolve downstream including the effects of radiative and adiabatic expansion

losses.

4.3.2 Determining the particle spectrum

The physics of the relevant radiation processes is well known, since the photon spectrum is

a straightforward numerical integration over the particle spectrum. It is assumed that the decrease

in the photon spectrum at high energies is due to a lack of particles at high energies. Previous

researchers have sometimes assumed a truncation of the particle spectrum, producing an exponential

drop off in the photon spectrum. If in fact N(E) = 0 for E > Emax, then the synchrotron flux

would be
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Sν ∝ exp[−( ν
νmax

)]

where νmax ∝ Emax.

It has been found that the sharpest plausible cutoff to the particle spectrum is an exponential

(Drury, 1991; Webb, Drury, & Biermann, 1984), which creates a drop off in the photon spectrum

broader than an exponential. This is illustrated in Figure 4.4. In the “delta-function” approximation

for the single-particle emissivity each electron is assumed to radiate all its energy at a single frequency

related to its energy. This results in a photon spectrum

Sν ∝ exp[−( ν
νmax

)1/2].

Given that we are interested in the exact shape of the dropoff (at frequencies well above νmax),

in order to pinpoint Emax it has been demonstrated that we can no longer use the delta-function

approximation for the single electron emissivity. At ν = 100νmax the exact emissivity is larger by

almost an order of magnitude. The necessary full particle emissivity creates a curve even broader

than the one above.

The model requires as input the density and shock velocity history of each fluid element. We

assume that the remnant is in the Sedov evolutionary phase and accordingly make use of Sedov

relations. In the Sedov solution the shock velocity rises to infinity for fluid elements shocked at

the earliest times. We deal with this by truncating the interior emission inside the radius where

fluid elements are now that would have been initially shocked to velocities higher than the ejection

velocity of the supernova (for Type Ia, us0 about 109 cm s−1). The truncated volume contains a very

small fraction of the material in the remnant. In fact, since most of the mass is located immediately

behind the shock, the results for a Sedov solution are probably not very different from those for the

outer shock in a Self-Similar Driven Wave (Chevalier, 1982).

We assume a uniform upstream magnetic field. Since young SNRs have a low radio fractional

polarization we assume the post-shock magnetic field is randomly oriented. The strength of the

immediate downstream magnetic field depends on rc, the shock compression ratio, and the angle

between the shock normal and the magnetic field. We assume no magnetic field amplification

beyond compression. Further behind the shock, the magnetic field evolves by flux freezing, dropping

in strength as the density decreases.

We define λ‖ = ηrg where λ‖ is the electron mean free path parallel to the magnetic field, η

is the “gyrofactor” and rg is the gyroradius. We assume the gyrofactor is constant across the shock

and independent of energy. (Other researchers make different assumptions concerning upstream and
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downstream diffusion which can result in the gyrofactor actually changing across the shock.) The

diffusion coefficient is then κ = λc/3.

We assume an initial explosion energy of 1051 erg and that the ambient material the SNR is

expanding into has a constant density of n0= 0.1 cm−3 and has cosmic abundances (a He:H ratio

of 1:10 by number, implying a mean mass per particle µ=1.4).

One advantage of this model is that it takes into account three-dimensional issues in SNRs.

The particle diffusion is different across and along the magnetic field lines and this affects the

rate of particle acceleration (Jokipii, 1987). In this formulation, particles are accelerated most

rapidly where the shock is perpendicular (ΘBn=90◦) so that the acceleration time varies with ΘBn:

ta(ΘBn) ≡ RJ(ΘBn)ta(ΘBn = 0) in the terminology of Reynolds (1998), with RJ(ΘBn) ≤ 1. The

speedup factor RJ is nearly constant with ΘBn if η is small. As η increases RJ(ΘBn = 90◦) becomes

very much less than 1, indicating rapid acceleration of particle where the shock is perpendicular.

Critical to this, and impossible to model in 1-D simulations is the changing obliquity angle ΘBn

magnetic field.

4.3.3 Energy limitation mechanisms

As in earlier work, the particle distribution is assumed to be limited at high energies by

one of three possible mechanisms: the age of the SNR, synchrotron losses, or by particle escape.

These limitations apply equally to electrons and protons except for radiative losses. Since Emax

for electrons is limited in early times by age and in late times by radiative losses, this has the

consequence that in young remnant a limit on electron acceleration should also apply to ions but in

older remnants the ion spectrum could extend greatly beyond the electron spectrum.

In the age-limited case the maximum energy is

Emax
age ∼ 50BµG(ηRJ)−1 TeV.

Eloss
max = 100u8(ηRJBµG)−1/2 TeV

where u8 = u1/108 cm s−1 (Reynolds, 2001).

We have not taken into account in our Inverse Compton calculations the Galactic infrared

and optical background used by Gaisser, Protheroe, & Stanev (1998). This will have little effect on

the photons produced by IC losses, since these infrared and optical photons are much less efficiently

scattered than those from the cosmic microwave background, but may have an impact on electron

losses.

Unless the escape limit is encountered, all models eventually become loss limited at a time



60

t ∼ 1.1104B
−5/2
µG (ηRJ)5/6years

(Reynolds, 2001).

In the escape-limited case, it is assumed that the MHD waves doing the particle scattering are

much weaker above a wavelength λmax and Emax
esc will be the energy of particle at that gyroradius.

While an intuitive limit for the gyroradius is the radius of the remnant, it can be demonstrated

that the radius for the escape limit is always smaller than the physical size of the SNR (Lagage

& Cesarsky, 1983). After the electrons have escaped, they are assumed to diffuse upstream with

η‖=100 and η⊥=1.

The maximum energy in the escape limited case is

Emax
esc ∼ 20Bµλ17TeV.

where λ17 is λ in units of 1017 cm (Reynolds, 2001).

The escape limited models are much simpler than the loss- or age-limited models. There

is no dependence on η in the escape models. They have identical spectral shapes which can be

characterized by a single parameter, Emax
esc .

4.4 Early tests of synchrotron models

Early tests of models with less sophisticated shock theory in Reynolds & Chevalier (1981)

found that the models did not disagree with then-current measurements of integrated X-ray fluxes

of SN 1006. Reynolds (1996) showed that more elaborate models described above could fit the

pre-ASCA integrated flux spectrum.

One application of the synchrotron formula to data addressed a broader question with direct

bearing on the origin of cosmic rays. If all the X-ray emission in an SNR were nonthermal, what

is the maximum energy to which that SNRs is accelerating particles? If the emission is not all

nonthermal, that value is an upper limit to the true maximum energy. The model with the fewest

possible assumptions and the sharpest physically plausible cutoff, is the synchrotron emissivity due

to a powerlaw spectrum with an exponential cutoff. This “cut-off” model was developed and ported

to XSPEC under the name SRCUT . It contains no SNR physics but just a careful calculation of

the synchrotron emission from such a distribution radiating in a uniform magnetic field.

Reynolds & Keohane (1999) fit data from a sample of 14 Galactic SNRs which were selected

to be young SNRs which fit within the ASCA GIS field of view. The ASCA observations were fit

with SRCUT and obvious thermal lines were fit with Gaussians. Where necessary, clearly thermal

emission was fit with a Bremsstrahlung model. It is important to note that it was not the point
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of the research to fit each SNR with a realistic model – as evidenced by line emission, these SNRs

contain significant thermal components. Instead the goal of the exercise was to put the firmest

possible upper limit on the energies to which SNRs could accelerate electrons. The results were

sobering. Most SNRs had maximum energies between 20-50 TeV (Cassiopeia A had an Emax
cut of

80 TeV and Kes 73, Emax
cut of 200 TeV1). Assuming ions are accelerated like electrons none of these

SNRs had any hope of accelerating cosmic rays close to the knee.

This procedure was repeated with a different sample of eleven SNRs in a nearby dwarf galaxy,

the Local Magellanic Cloud (LMC, Hendrick & Reynolds, ApJ, in press). For all the SNRs Emax
cut

fell between 10 and 80 TeV, confirming the low limit found in Galactic SNRs.

4.5 The thesis

4.5.1 Brief description of goals

The goal of my thesis was to cross the divide between theory and observations by adapting

the escape limited model from Reynolds (1998) for XSPEC and for the first time putting ten years

of well developed formalism to work compare detailed observations of nonthermal X-rays directly

with model predictions. This is a much more stringent test than fitting pre-ASCA integrated X-ray

fluxes, or than simply reproducing a power-law index.

The escape limited synchrotron model uses the radio spectral index and flux as inputs and

fits a single parameter νrolloff . The model calculates the full electron distribution everywhere in the

SNR and obtains a synchrotron volume emissivity at each point by integrating the full single-particle

emissivity over the electron distribution. The model contains a single free parameter, a frequency

which describes the rolloff in the synchrotron spectrum. This parameter measures the product of

the maximum MHD wavelength scattering the electrons and the magnetic field strength.

In the escape model electrons will escape upstream once their energy reach an Emax
esc :

Emax
esc = λmaxeB1/4

where B1 is the upstream magnetic field strength. This energy corresponds to a photon frequency

νmax = 1.05 × 1015λ2
17B

2
µG

(r

4

)
where rc is the compression ratio, λ17 = λmax/1017 cm and BµG is the upstream magnetic field

measured in microgauss. From the equations for synchrotron emission

1It has since been discovered that Kes 73 contains a pulsar.
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ν = 1.82 × 1018E2B

The escape limited model is the simplest of the three models for fitting purposes, since it

has only one parameter. It was adapted as an XSPEC model and used to fit previously unanalyzed

archival ASCA data.

The SRCUT model has been successfully used on RCW 86, an SNR with both thermal and

non-thermal emission (Borkowski et al., 2001) and on simulated data for SNRs with and without

nonthermal components (Reynolds, 2000). The physics in synchrotron models is now available to

the X-ray community to describe (non-plerionic) synchrotron X-rays in SNRs, as models SRCUT

and SRESC , released publicly in XSPEC v11.

4.5.2 Questions

This work will allow us to address the following current questions about the spectrum of

nonthermal emission in SNRs:

• If nonthermal X-rays are present in SNRs, what is the shape of the radio-to-X-

ray nonthermal spectrum, and what implications does this have for magnetic-field

strengths and electron acceleration efficiency?

• How does the presence of any nonthermal component impact fits to the thermal

component?

• Can the remaining thermal component be fit with simple models?

This work also allows us to:

• Derive magnetic-field strengths and electron-acceleration efficiencies

4.5.3 The impact on thermal fits

The realization of the importance of X-ray synchrotron emission also has important conse-

quences for thermal emission in SNRs. The electrons seen in radio and X-ray synchrotron emission

represent only a small fraction of the remnant energetics. Thermal X-ray emission from hot gas is

more directly tied to the remnant dynamics and can be used to answer questions about densities,

temperatures, elemental abundances, and the thermal and dynamical history of the gas. Nonthermal

spectral components must be understood so that they may be separated from the thermal emission

before fitting is attempted. Otherwise one obtains erroneous temperatures and line strengths, and

reasonable fitting is impossible. Understanding both components is required in order to make use
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of either. In addition many predictions have been made for the abundances that should be found

in SNRs, but thermal fits have been so unwieldy that it has not possible to reconcile predictions

with observed abundances. Accurate accounting for a possible non-thermal component will be a

necessary precondition to using nucleosynthesis models to interpret abundances in SNRs.

One consequence of the development of SRESC is that it is also much better constrained

(due to radio inputs) than its predecessor model, the generic powerlaw. This unintended benefit may

be of great importance to the X-ray community as thermal models become more complex. Testing

of SRESC vs. powerlaw models in Paper I (see Chapter 5) revealed that sophisticated thermal

models could adapt to virtually any amount of powerlaw, without significant changes to χ2. If the

powerlaw component is strong, the thermal model adjusts by making the thermal continuum low

and then elevating abundances to account for lines. If the powerlaw is weak, the thermal continuum

can be strong and lower abundances are required.

This work is especially timely since recently it seems that nonthermal emission is being re-

ported everywhere. Table 4.1 lists SNRs with reported nonthermal (non-plerionic) X-ray emission.

However, this assorted list of SNRs is quite diverse. Like SN 1006, G347.3-0.5 (RX J1713.7-3946,

Koyama et al. 1997, Muraishi et al. 2000, Slane et al. 1999) has a nearly featureless X-ray spectrum

clearly dominated by nonthermal emission. Cassiopeia A, while not dominated by nonthermal emis-

sion in the ASCA band, shows other evidence pointing to its presence, namely OSSE observations

at 400-1250 keV (The et al. 1996) which are well described by a broken power law, steepening to

higher energies (Allen et al. 1997). RCW 86 (Vink et al. 1997) shows anomalously low abundances

when fit with thermal models. When the fit includes a synchrotron model the abundances fall within

expected ranges (Borkowski et al. 2001b).

Table 4.1. Current SNRs with Synchrotron (Non-plerionic) Emission

SNR Alternate name citation

SN 1006 G327.6+14.6 Koyama et al. (1995)
Cassiopeia A G111.7-2.1 Vink et al. (1999)

RCW 86 G315.4-2.3 Borkowski et al. (2001)
RX J1713.7-3946 G347.3-0.5 Slane et al. (1999)

G327.1-1.1 Sun, Wang, & Chen (1999)
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Fig. 4.3.— Emission spectra for inverse Compton (dotted), Bremsstrahlung (dot-dashed), pion decay
(dashed) and the total emission (solid). In this case n=10 cm3 and there is a 10:1 ratio of protons to
electrons at 10 GeV. The data points are from EGRET observations 2EG J0618+2234 (Esposito et
al., 1996) and upper limits from Whipple (Buckley et al., 1998) and HEGRA (Prosch, 1995). Figure
from Baring et al. (1999).
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Fig. 4.4.— Three different photon spectra. The dashed line is the photon spectrum from a truncated
particle spectrum. The dash-dot lie is a photon spectrum from a more reasonable exponentially
dropping spectrum, using the “delta-function” approximation for single particle emissivity. The solid
line represents a exponentially dropping spectrum folded through the full single particle emissivity.
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Fig. 4.5.— a) The definition of ΘBn. b)An SNR expanding into a uniform upstream magnetic field

with values for ΘBn indicated.

Fig. 4.6.— One unfortunate result of more sophisticated (and therefore more flexible) thermal
models is that if there is no constraint placed on the nonthermal spectrum (here specified with a
powerlaw) thermal models can adapt to both a) strong and b) weak powerlaws with profound effects
on derived abundances.
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Chapter 5

Separating Thermal and Nonthermal X-Rays in

Supernova Remnants I: Total Fits to SN 1006 AD

This chapter appeared in the April 10, 2001 issue of The Astrophysical Journal.

5.1 Introduction

Since supernova shocks are one of the few mechanisms known to be capable of providing

adequate energy to supply the pool of Galactic cosmic rays, supernova remnants (SNRs) have long

been suspected as the primary site of Galactic cosmic ray acceleration, at least up to the slight

steepening in the cosmic-ray spectrum at a few 1015 eV, known as the “knee.” Direct evidence for

energetic particles comes from radio observations of synchrotron emission from 1–10 GeV electrons.

However, in the cosmic rays observed at Earth, at a few GeV electrons are about 50 times less

numerous than cosmic-ray ions, whose spectrum is an unbroken power law from 109 eV to 1015

eV. These considerations raise two questions: 1) Do SNRs accelerate ions? 2) Are they capable

of accelerating any particles to energies of 1015 eV? This paper addresses the second question by

demonstrating the presence of electrons of energies of hundreds of TeV in the remnant of SN 1006

AD.

High-energy electrons can produce X-rays via nonthermal bremsstrahlung and synchrotron

radiation, and gamma-rays from inverse-Compton upscattering of any photons present. Relativistic

protons can produce γ-rays from the decay of π0 particles produced in inelastic collisions with

background gas. These processes have recently been studied in detail by Sturner et al. (1997),

Gaisser, Protheroe, & Stanev (1998) and Baring et al. (1999). The analysis of X-ray and gamma-

ray observations of shell supernova remnants may give direct evidence bearing on both questions

above. In this paper we will interpret observed X-rays and TeV gamma-rays as primarily synchrotron

radiation and inverse-Compton upscattered cosmic microwave background radiation, respectively,
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and will obtain maximum electron energies and electron shock acceleration efficiencies – crucial

information for understanding shock acceleration in general, and the origin of Galactic cosmic rays.

The earliest evidence of nonthermal X-ray emission in a shell supernova remnant came from

the featureless spectrum of SN 1006 AD (G327.6–1.4 Becker et al., 1980, see Figure 5.1), explained

as the loss-steepened extrapolation of the radio synchrotron spectrum by Reynolds & Chevalier

(1981). However, early data were poor and the models were simplistic. Thermal models by Hamil-

ton, Sarazin, & Szymkowiak (1986) seemed able to produce a featureless X-ray spectrum, given

a high degree of elemental stratification in ejecta. However, observations by ASCA (Koyama et

al., 1995) showed unmistakable evidence for nonthermal emission in the rims, along with thermal,

line-dominated emission in the interior. Reynolds (1996) demonstrated that detailed, self-consistent

synchrotron models could be constructed which adequately described the pre-ASCA integrated

spectrum of SN 1006 as the diminishing extension of the radio spectrum, reproducing the slope

reported by Koyama et al. (1995) in the rim. While Laming (1998) proposed a modified thermal

bremsstrahlung model based on the model of Hamilton et al. (1986), even the author concluded that

it is not an appropriate fit for SN 1006.

Since then, several more shell SNRs have been shown to have nonthermal, non-plerionic

emission. In addition to SN 1006 (Koyama et al., 1995), G347.3-0.5 (RJ J1713.7-3946) (Koyama

et al., 1997; Muraishi et al., 2000; Slane et al., 1999) has nearly featureless X-ray spectra clearly

dominated by nonthermal emission. Some remnants, while not dominated by nonthermal emission

in the ASCA band, show other evidence pointing to its presence. OSSE observations of Cassiopeia

A at 400-1250 keV (The et al., 1996) are well described by a broken power law, steepening to

higher energies (Allen et al., 1997a). RCW 86 (Vink, Kaastra & Bleeker, 1997) shows anomalously

low abundances when fit with thermal models. When the fit includes a synchrotron model the

abundances fall within expected ranges (Borkowski et al., 1999).

An important consequence of synchrotron X-ray emission was pointed out by Pohl (1996)

and Mastichiadis & de Jager (1996). Electrons capable of producing keV synchrotron photons

in magnetic fields of a few microgauss will also produce high-energy photons by inverse-Compton

scattering any photon fields. In particular, inverse-Compton upscattering of cosmic-microwave-

background photons can produce TeV gamma rays, and Pohl (1996) explicitly predicted a range for

the expected TeV flux of SN 1006 (subsequently found by the CANGAROO air Čerenkov telescope).

The predicted flux depends only on the electron distribution, so it can be used, in conjunction with

observed synchrotron fluxes, to deduce a mean magnetic-field strength in a remnant. Subsequent

extensive calculations by Sturner et al. (1997), Gaisser et al. (1998), and Baring et al. (1999) included

this effect.
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However, nonthermal X-ray emission from shell supernova remnants could be due to bremsstrahlung

from nonrelativistic electrons with energies of a few tens of keV (Asvarov et al., 1990) rather than

synchrotron radiation from electrons with energies of hundreds of TeV. Careful models (e.g., Bar-

ing et al., 1999 as well as Reynolds, 1996) show that in neither case are straight power-laws to be

expected. Synchrotron spectra should all be steepening (convex up) while bremsstrahlung spectra,

resulting from the lowest energy cosmic ray electrons departing from the Maxwellian tail, ought

to be flattening (concave up). Allen et al. (1997a) showed that the ASCA spectrum from SN 1006

steepens to higher energies, and the discovery of the predicted TeV gamma rays by the CANGAROO

collaboration (Tanimori et al., 1998) provided strong evidence that the nonthermal X-ray emission

in SN 1006 is in fact synchrotron radiation. However, nonthermal bremsstrahlung is expected to

be important for some remnants, and as more observations become available above 10 keV, it will

be necessary to discriminate between synchrotron and nonthermal bremsstrahlung. (While most

analyses, e.g., Mastichiadis & de Jager (1996), conclude that the TeV emission from SN 1006 is

inverse-Compton, Aharonian & Atoyan (1999) and Berezhko, Ksenofontov, & Petukhov (1999) assert

that the π0-decay mechanism may be partly responsible.)

Despite the strong evidence for curvature, a straight power law is still commonly regarded

as a defining characteristic of X-ray synchrotron radiation in shell supernova remnants, as it is

in Crab-like supernova remnants and active galactic nuclei. While power laws will certainly be

a better description of synchrotron emission produced by the particle spectra expected in SNR

shock acceleration than quasi-thermal exponential continua, all SNR X-ray synchrotron continua

are expected to be substantially curved, even over a relatively narrow energy range. However, in

almost all published studies, nonthermal SNR X-ray emission has been described by a power law.

This purely phenomenological treatment, while characterizing the emission, fails to explain its origin.

Power laws cannot continue forever rising as the frequency drops, a fact camouflaged by the rapidly

dropping response of X-ray instruments at low energies. Broken power laws can avoid this “infrared

catastrophe,” but they still duck the question of the origin of the emission and its relation to the

lower-energy synchrotron spectrum. Since no Galactic supernova remnant has X-ray emission bright

enough to lie on the unbroken extrapolation of the radio spectrum (Reynolds, 1999), extrapolating

from radio measurements will grossly over-predict the X-ray flux, as demonstrated in Figure 5.2.

The spectrum must drop significantly below the observed power law in the radio to be consistent

with the X-ray flux measurements. A good physical model must both fit this turnover and explain

the mechanism causing the spectral curvature.

Some spectral modeling of SNR synchrotron X-rays has been done using other descriptions.

While a power law represents a spectrum with no curvature, the maximum curvature likely to
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result from shock acceleration comes from an electron spectrum with an exponential cutoff. In the

approximation in which each electron radiates all its energy at the peak frequency of the single-

particle synchrotron emissivity (the “δ-function approximation”), this implies a photon spectrum

S(E) ∝ exp((E/Em)−1/2). As was demonstrated in Reynolds (1998) the δ-function approximation

is not accurate well above the turnover energy. In addition, the electron distribution will vary

throughout the remnant. A convolution of the electron synchrotron emissivity with the calculated

electron distribution at each location in the remnant is required. The model described in this paper

includes the full electron emissivity.

It is important to understand and accurately characterize the synchrotron emission in SNRs.

If the emission mechanism in those SNRs with clear nonthermal continua is synchrotron radiation,

then many SNRs could have varying amounts of synchrotron X-ray emission, contributing part of

the continuum emission alongside the thermal lines and continuum. As demonstrated by RCW 86

(Borkoswki et al., 2000a), such an unmodeled component stymies thermal fits by preventing accurate

measurements of shock temperatures and elemental abundances. Understanding either the thermal

or nonthermal X-ray emission from SNRs requires appropriate modeling of both components. This

paper applies a model that assumes Sedov dynamics and a power-law distribution of electrons up to

a maximum energy Emax, which can vary with time and with location in the remnant. In general,

the maximum energy attained by electrons in the shock acceleration process could be limited by

one of several factors — electrons above this energy could escape from the remnant, the remnant

could be so young it has not had time to accelerate particles beyond some Emax, or Emax could be

the energy at which radiative losses balance further acceleration. Normally, a remnant’s spectrum

would first be limited by age, and then by radiative losses, unless escape prevented either of the

other limits from being reached.

In this paper we analyze new RXTE observations, along with archival ASCA observations, in

Section 5.2. We discuss the escape model, SRESC , in Section 5.3, along with our new gamma-ray

modeling, and compare SRESC to thermal models and a thermal+power law model in Section

5.4. In Section 5.5, we discuss the elemental abundances we infer from the joint thermal-nonthermal

model, and compare them to predictions by Nomoto, Thielemann, & Yokoi (1984) and Iwamoto et

al. (1999) and discuss the implications of our results for the efficiency of electron acceleration. We

summarize our conclusions in Section 5.6.
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5.2 Observations

5.2.1 RXTE

On 18–19 February 1996, SN 1006 was observed for 21 kiloseconds with the Proportional

Counter Array (PCA) of the RXTE satellite. A summary of RXTE observations can be found in

Table 5.1. The PCA is a spectrophotometer comprised of an array of five co-aligned proportional

counter units that are mechanically collimated to have a field-of-view of 1◦ at full width, half

maximum. The array is sensitive to 2–60 keV photons and has a maximum collecting area of about

7000 cm2 (Jahoda et al., 1996). The instrument was pointed at a location on the bright north-eastern

rim (α2000 = 15h 4.m0, δ2000 = −41◦ 48′). The angular diameter of SN 1006 is small enough (about

30′) that the entire remnant was in the field-of-view of the instrument. The total event-detection rate

during this observation is 26.43 ± 0.06 count s−1 in the range 3–10 keV. The background spectrum

of the PCA data was estimated using version 1.5 of the program pcabackest. This version includes

estimates of the charged-particle and diffuse cosmic X-ray backgrounds based on the “VLE” count

rate during observations of “blank-sky” regions and an estimate of the background associated with

the decay of radioactive material that is activated when the spacecraft passes through the South

Atlantic Anomaly. The count rate of the estimated background is 15.46 ± 0.06 count s−1 (3–10

keV). Time intervals during which (1) one or more of the five proportional counter units is off, (2)

SN 1006 < 10◦ above the limb of the Earth, (3) the background model is not well defined, and

(4) the nominal pointing direction of the detectors > 0.◦02 from the specified pointing direction are

excluded from the present analysis. The count-rate attributed to SN 1006 during the 6.6 kiloseconds

of the observation that satisfies these four criteria is 11.0 ± 0.1 count s−1.

During the proposal phase we were concerned with possible contamination from Lupus and

special effort was made to obtain off-source spectra in addition to spectra from SN 1006 AD. Lupus,

Table 5.1. RXTE Observations of SN 1006 AD

Parameter RXTE PCA

Cycle A01 Epoch 1
Date 1996 Feb 18-19

Pointing center α 15h 04m 00.s00
β (J2000) -41◦ 48′ 00.′′0

Exposure (ks) 6.6
Counts (k) 477

Effective Resolution 1◦ FWHM
Field of view 1◦
Energy range 2-60 keV
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a thermal source, is not expected to produce significant emission above 3 keV and preliminary

examination of RXTE data from Lupus reveal spectra very similar to the cosmic X-ray background.

This data has also been analyzed by Allen (Allen et al., 1997a, Allen et al. 2000, in preparation).

5.2.2 ASCA

SN 1006 has been observed several times with ASCA in the performance verification phase

and later cycles. A summary of the ASCA observations used in this paper can be found in Table

5.2. Backgrounds for SIS were obtained from off-source portions of the same chip. Backgrounds

for GIS were taken from the 3 November 1999 dark earth event files. Since SN 1006 is located in

the galactic anticenter, 15◦ off the plane, galactic emission should not contribute significantly to the

background.

In Section 5.4.1 we fit observations of the north limb of SN 1006, using areas from a single

SIS chip plus the equivalent portions of the GIS . In Section 5.4.2 we fit three ASCA observations

of the whole remnant ( GIS 2 & 3, for a total of six data sets) obtained from 1993-1996. Since

RXTE has no spatial resolution and a 1◦ field of view only the full fields of the ASCA GIS can be

simultaneously fit with RXTE observations.

5.3 The escape model

Two models were proposed for the pre-ASCA integrated spectrum of SN 1006 in Reynolds

(1996), with different mechanisms causing the rolloff in the electron spectrum: an age-limited model,

which required an upstream magnetic field of only 0.6 µGauss, and an escape-limited model, in

which the upstream magnetic field could be much larger. The TeV detection (Tanimori et al., 1998)

constrains the mean magnetic field in the remnant, as described below, to be of order 10 µGauss,

ruling out the age-limited model. (The third category of model, radiative-loss-limited, could not

fit the pre-ASCA data.) We therefore consider only the escape-limited model as a description for

SN 1006.

Table 5.2. Select ASCA observations of SN 1006 AD

Parameter Center Northeast Southwest

Cycle PV PV AO4
Date 1993 Aug 19 1993 September 13 1996 February 20

Pointing center α 15h 02m 48.s24 15h 03m 31.s92 15h 02m 34.s32
β (J2000) -41◦ 55′ 45.′′8 -41◦ 46′ 25.′′0 -42◦ 02′ 57.′′8

Exposure (ks) 23 23 22
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5.3.1 Assumptions in the model

The model SRESC presented in this paper and discussed in Reynolds (1998) describes SNR

emission with electron energies limited by escape, which accounts correctly for variation of shock-

acceleration efficiency with obliquity and for post-shock radiative and adiabatic losses. The model

makes the following assumptions: 1) the remnant dynamics are well described by the Sedov self-

similarity solution (we eliminate the singularity at the center of the Sedov solution by truncating the

emissivity at a radius where the velocity of the shock=10,000 km s−1, an ejection velocity appropriate

to Type Ia supernovae); 2) the remnant is expanding into a uniform medium with a uniform magnetic

field, B1; 3) the density increases by a fixed factor rc downstream of the shock – this means that

the magnetic field strength increases by a factor between 1 and rc as the tangential component is

compressed, depending on the angle between the shock normal and the upstream magnetic field;

4) the postshock magnetic field evolves by flux-freezing, with no turbulent amplification after the

initial compression; 5) the relativistic electrons have short postshock diffusion lengths so that their

density evolves in the same way as the thermal-gas density. Electrons that escape are allowed to

diffuse upstream from the shock along magnetic field lines, producing a faint “halo”.

Recent models of nonlinear shock acceleration (e.g., Berezhko Yelshin & Ksenofontov Berezhko

et al. , 1999; Baring et al., 1999, Ellison, Berezhko, & Baring 2000) predict that high efficiencies

of particle acceleration mimic a lossy shock, with overall compression ratios considerably higher

than 4, and correspondingly lower thermal-gas temperatures. Since both the escape model and the

thermal models we use below predict only post-shock quantities, they are largely independent of

the compression ratio, which is used only to infer pre-shock values of density and magnetic-field

strength bsed on the post-shock inferences. The thermal inferences have strictly no dependence

on the compression ratio, while the details of the fainter nonthermal emission in the escape model

(where the magnetic field is parallel to the shock normal) are slightly dependent on rc. However,

for the values of rc ∼ 7 given by the nonlinear model of Berezhko et al. (1999), the predictions

are indistinguishable from rc = 4. In any case, the reader should bear in mind that all statements

about pre-shock quantities assume some value of the compression ratio.

The model describes the drop-off in synchrotron emission compared to a straight power-law.

As adapted for XSPEC (the X-Ray Spectral Fitting Package, Arnaud , 1996) it can be applied to

remnants with different total radio flux densities and spectral indices. Predicted images depend on

the time at which the remnant was assumed to enter the Sedov stage, and at the aspect angle between

the upstream magnetic field and the line of sight, but these parameters do not affect the integrated

spectrum. In fact, the escape model can be applied to any remnant which has been interacting with

uniform-density material with a uniform magnetic field for most of its lifetime, as long as the electron
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spectrum is in fact cut off by escape, and not by finite remnant age or by radiative losses. This can

only be checked by reference to the expressions for those maximum energies, as given for instance in

Reynolds (1998); we require Emax (escape) < min(Emax(age), Emax(loss)). The assumption of Sedov

dynamics, rather than (say) a late stage of self-similar driven wave into uniform material, makes

little difference to the total spectrum. Since most of the X-ray emission is produced closely behind

the shock, the detailed form of the drop-off of synchrotron emissivity is not critical. (It would be

important in modeling radio images, but not for the integrated spectrum.)

The window for applicability of the escape model is probably intermediate in a remnant’s

life, between early times when the age limitation is most restrictive (and in which a core-collapse

remnant may be interacting with stellar-wind material with a circumferential magnetic field), and

late times when radiative losses may be most influential.

There are several reasons why electrons above some Emax could escape the remnant. While

an intuitively obvious limit for an electron’s gyroradius is the SNR diameter, it has been shown that

other mechanisms dominate before this limit is reached (Lagage & Cesarsky, 1983). In our diffusive

acceleration picture, acceleration occurs as electrons scatter resonantly from magnetohydrodynamic

waves in the upstream and downstream fluids. While the downstream medium is likely to be highly

turbulent, supporting waves of all wavelengths, this may not be true of the upstream medium,

where waves are probably produced by the accelerated particles themselves. Without reference to

a detailed mechanism, in the escape model we assume that magnetohydrodynamic scattering waves

are much weaker above some wavelength λmax which corresponds to an energy Emax of electrons

at this gyroradius. Since electrons with gyroradius rg scatter resonantly with waves of wavelengths

λ = 2πrg = 2π(E/eB), electrons will escape upstream once their energy reaches an Emax given by

Emax = λmaxeB1/4 (5.1)

(after averaging over pitch angles) where B1 is the upstream magnetic field strength. Unlike the

age and loss-limited cases (Reynolds, 1998), here Emax does not change with time or depend on the

angle between the shock normal and upstream magnetic field. This energy then corresponds to a

photon frequency

νmax = 1.05 × 1015λ2
17B

3
µG

(r

4

)
(5.2)

where λ17 ≡ λmax/1017 cm, BµG is the upstream magnetic field measured in microgauss and rc is the

compression ratio. Only one power of rc is involved since Emax depends on B1, and B2 only enters

because νmax reflects the particles with E = Emax radiating in the stronger post-shock magnetic

field.
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The shape of the cutoff could depend on the detailed distribution of waves, but is likely to

be no steeper than an exponential. The escape model assumes an electron distribution given by

N(E) = KE−pexp(−E/Emax) at the shock, and evolves it appropriately in the remnant interior,

including radiative (synchrotron and inverse-Compton) and adiabatic expansion losses. At each

point a synchrotron volume emissivity is found by convolving the single-electron emissivity with this

distribution. Model images (shown in Figure 5.6b) are formed by integrating along a raster scan of

lines of sight and the spectrum is found by integrating the flux over the image at each frequency.

The models are discussed in more detail in Reynolds (1998).

5.3.2 The model SRESC

The escape-limited model is particularly well suited to algorithmic fitting processes like those

in XSPEC, since the departure from a power-law is described by a single parameter; a universal

function describes the shape of the rolloff, and the one parameter simply locates the rolloff in

frequency. Note from Equation 2 that fixing νrolloff does not fix λmax, B1, or rc, but only the

combination λ2
maxB

3
1 r. The model can be found in XSPEC 11 under the name SRESC . The

models are also expected to be available with the next release of CIAO, the Chandra software.

The model has three parameters:

1. the radio flux measurement (norm) at 1 GHz

2. α, the radio spectral index (flux density ∝ ν−α)

3. the characteristic rolloff frequency (Hz), called rolloff (for SRESC , νrolloff = 5.3νmax, for

historical reasons; νrolloff is the frequency at which the spectrum has dropped by a factor of

∼ 6 below the extrapolated radio power law; Reynolds, 1998)

The spectral index and 1 GHz flux for SNRs are fixed by radio observations. For Galactic SNRs,

they can be found at Green’s website1.

Finally it should be emphasized that SRESC is only designed to model Sedov-phase remnants

whose maximum electron energy is limited by electron escape. It also presumes a remnant in or

close to the Sedov dynamical phase, which has been encountering a uniform upstream medium

with a constant magnetic field. It is not appropriate for remnants in a highly inhomogeneous

environment. It should not be applied to core-collapse remnants still interacting with stellar-wind

material (although it could be appropriate for some core-collapse remnants which have expanded

beyond the pre-supernova medium). In addition, if the compression ratio rc is very much greater

1Green D.A., 1998, ‘A Catalogue of Galactic Supernova Remnants (1998 September version)’, Mullard

Radio Astronomy Observatory, Cambridge, United Kingdom (available on the World-Wide-Web at

”http://www.mrao.cam.ac.uk/surveys/snrs/”).
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than 4, the model will overestimate fluxes from the “poles” where the emission is faintest, though

the integrated spectrum will not be strongly affected.

Since SRCUT (synchrotron radiation cut-off model, Reynolds & Keohane, 1999) describes the

simplest possible synchrotron source with a minimum of assumptions, it can be applied to remnants

of unknown provenance or dynamical stage more safely. Until an appropriate range of models,

including different dynamical stages and different external media, is available, SRCUT represent

a significant improvement over fitting a power law especially if the purpose of the fit is to account

for the nonthermal emission so that a thermal model may be accurately fit. Models appropriate for

core-collapse remnants, and describing age- and loss-limited cases have been calculated (Reynolds,

1997, 1999), and will also be made available in XSPEC when practicable.

5.3.3 Uncertainties in radio flux and spectral index

Since the SRESC model has only one free parameter (rolloff) with both the spectral index

(α) and the 1 GHz flux (norm) specified by radio measurements, errors in these values will have an

effect on the synchrotron fits, and therefore on values in the co-fitted thermal model. The sensitivity

to α is substantial, since a variation of 0.05, over a frequency range between 109 Hz and 1018 Hz (4

keV), results in an offset of a factor of 3.

In addition, since many interferometer radio maps may miss smoothly distributed radio flux,

care must be taken if the flux in spatially distinct regions is to be used as input to the model.

In Section 5.4.1 we used SRESC to fit part of the remnant. To obtain the appropriate value of

norm from our 1.34 GHz interferometer map (Reynolds & Gilmore, 1986), which is missing a good

deal of flux, we added a uniform flux across the image to raise the total flux in the remnant to the

prediction from the radio single dish measurement of 15.9 Jy, using a spectral index α= 0.6 to scale

the 1 GHz total flux of 19 Jy (Green, 1998). We measured the flux in the subregion, then scaled the

flux to the 1 GHz value for input into the SRESC model using Sν1/Sν2 = (ν1/ν2)−α.

5.3.4 TeV gamma-ray consequences of SRESC

In the SRESC model, the spatial dependence of the electron distribution is entirely fixed by

the assumption of Sedov dynamics and the assumption that the relativistic-electron density tracks

the thermal-gas density, with the specification of Emax and B1. This dependence is calculated

taking into account synchrotron and cosmic microwave background inverse-Compton losses as well

as adiabatic expansion losses. Adding a radio flux density and spectral index fixes the normalization

of the distribution, given the value of B1. Given the electron distribution everywhere, it is a simple

matter to calculate the morphology and spectrum of TeV gamma-ray emission. To extract this

prediction, we have added the inverse-Compton kernel described in Baring et al. (1999), basically
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the full Klein-Nishina result, to SRESC . Here it is natural to work in photon energies instead of

frequencies. The Klein-Nishina cross-section is given by

σK−N(εs, γe; εγ) =
2πr2

0

εsγ2
e

[
2q loge q + 1 + q − 2q2 +

Γ2q2(1 − q)
2(1 + Γq)

]
, (5.3)

with Γ = 4εsγe being the parameter that governs the importance (when Γ ∼> 1) of photon recoil and

Klein-Nishina effects, and with

q =
εγ

4εsγe(γe − εγ)
, 0 ≤ q ≤ 1 , (5.4)

where εsmec
2 is the initial photon energy, εγmec

2 is the upscattered (final) photon energy, and

γe = (Ee + mec
2)/mec

2. The constant r0 = e2/(mec
2) is the classical electron radius. This result

assumes isotropic soft photon fields, the case for the cosmic microwave background radiation.

The inverse Compton emissivity for isotropic photon fields is then (e.g., Blumenthal & Gould

1970)
dnγ(εγ)

dt
= c

∫
Ne(γe) dγe

∫
dεsnγ(εs) σK−N(εs, γe; εγ) , (5.5)

where nγ(εs) is the distribution of seed photons, and Ne(γe) is the calculated electron energy distri-

bution at each point in the remnant (Reynolds, 1998). This expression is used with the blackbody

photon distribution (expressed in terms of photon energies)

nγ(εs) = nBB(εs) ≡ ε2
s

π2λ3
c

1
eεs/Θ − 1

, Θ =
kT

mec2
, (5.6)

with T = 2.73 K so that Θ = 4.6 × 10−10. Here λc = h̄/(mec) is the Compton wavelength.

As with synchrotron emission, the inverse-Compton emissivity is calculated at each point in

the remnant, and integrated along a raster scan of lines of sight to produce a gamma-ray image.

Images at different photon energies are integrated over to produce a total spectrum.

5.4 Results

Since preliminary fits to the X-ray data were unable to constrain the absorbing column density,

we turned to past observations. While Koyama et al. (1995) found an absorption of 1.8 × 1021 cm−2

most other observations point to lower absorption. The Schweizer-Middleditch star seen through

SN 1006 has a color excess E(B−V ) of 0.12 (Blair, Long & Raymond, 1996). From this, the empirical

relation between color excess and column density (Gorenstein, 1975) yields NH = 7.7 × 1020 cm−2.

This is not in gross disagreement with previous ROSAT observations by Willingale et al. (1996),

who found a column density of (3.9 − 5.7) × 1020 cm−2. BeppoSAX observations by Vink et al.

(2000) found an absorption of (8.8 ± 0.5) × 1020. For fitting purposes we adopt a column density

of 5 × 1020 cm−2 for all models. Details on the datasets used for fitting are summarized in Table
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5.3. To account for instrumental differences and differences in background subtractions we allowed

multiplicative offsets between all the data sets. The ratio of RXTE PCA to ASCA GIS data is given

in Table 5.4, row 3. It varied between 0.63 and 0.70.

In the cases where a thermal and nonthermal model were fit, where the nonthermal model

dominated the flux, the thermal model had little leverage to determine some parameters accurately.

In particular, determining the absolute abundances (relative to hydrogen) requires fixing the level of

thermal continuum, which is particularly difficult in the presence of synchrotron continuum emission.

We believe the obvious line features can be analyzed with somewhat more confidence. Formal fits to

the data resulted in overall high abundances, with correspondingly large errors, but we believe the

ratios between abundances (in particular to silicon, whose Kα emission is relatively well determined)

are more reliable than the absolute values obtained, and give the ratios in Table 5.4. For the SRESC

+ VPSHOCK fit in Section 5.4.2.4 we reversed the process. Rather than fixing hydrogen and helium,

we fixed silicon, the most obvious line present in the data, allowing the emission measure and other

lines to adjust. This produced abundance ratios very close to fits with hydrogen and helium fixed

but allowed us to obtain more reliable error ranges, including upper limits on hydrogen and helium.

SN 1006 presents a complicated mix of thermal and nonthermal spectra. It has been known

from some time that emission from the rim of SN 1006 is almost entirely nonthermal (Koyama et

al., 1995). Since the results of jointly fitting two models are rarely unique we constrained fits to the

full remnant by first fitting the north rim with a nonthermal model, either power-law or SRESC
2. We then used the parameters from the limb data to constrain the nonthermal model used on the

entire remnant.

2Since SRESC was designed to describe the spectrum from the remnant as a whole this is an approximation,

though a reasonable one since the limbs dominate the total spectrum. In a future paper we will use spatially resolved

versions of SRESC to describe subsections of the SNR.

Table 5.3. Datasets Fit For This Paper

North Limb Full Remnant
Parameter ASCA SIS ASCA GIS ASCA GIS RXTE PCA

Date 1993 September 13 1993 September 13 1993-1996 1996 Feb 18-19
Average Pointing center α 15h 03m 55s 15h 03m 55s 15h 02m 58s 15h 04m 00s

β (J2000) -41◦ 46′ 00′′ -41◦ 46′ 00′′ -41◦ 33′ 02′′ -41◦48′00′′
Total Exposure (ks) 104 104 136 6.6

Total Counts (k) 33 14 258 477
Background from chip night sky night sky model

Background Counts (k) 4 144 9400 5.46 (from model)
Spatial area used ∼10′ ∼10′ ∼78′×103′ ∼2◦

Energy range 0.6-10.0 keV 0.6-10.0 keV 0.6-10.0 keV 3.0-10.0 keV
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Table 5.4: Model Fits to ASCA GIS & RXTE PCA observations of SN 1006 AD
Parameters NEI VPSHOCK VPSHOCK + power-law VPSHOCK + SRESC

χ2/DOF 7463/2285 3237/2279 2721/2279 2709/2280
χ2

ν 3.27 1.42 1.19 1.19
PCA / GIS 0.70 0.63 0.64 0.64

kT [keV] 1.631.62
1.64 2.182.13

2.22 1.791.84
1.74 0.600.70

0.52

τ [s cm−3] 7.3E87.42
7.18 3.3E93.07

3.35 2.9E93.14
2.72 3.8E9∗∗∗3.6

Abundances:
O 1 8.2E-29.3E−2

7.0E−2 8.6E-29.9E−1
7.4E−2 3.2E-23.7E−2

2.0E−2

Ne 1 2.8E-13.1E−1
2.5E−1 2.5E-12.9E−1

2.2E−1 1.0E-11.2E−1
6.8E−2

Mg 1 1.5E01.6E0
1.4E0 1.2E01.4E0

1.1E0 4.4E-15.2E−1
3.0E−1

Si 1 1.0E01.1E0
9.3E−1 1.0E01.1E0

9.2E−1 1.0E0∗∗∗6.9E−1

S 1 5.3E-16.6E−1
4.2E−1 7.4E-19.3E−1

5.8E−1 2.2E02.5E0
1.5E0

Fe 1 1.9E02.4E0
1.6E0 2.5E03.3E0

1.8E0 2.1E02.8E0
1.4E0

Normalization1 0.240.25
0.23 0.150.16

0.14 0.110.111
0.105/2E-2 0.610.63

0.58/19.0

Nonthermal . . . . . . Γ=2.502.63
2.34 keV−1 cm−2 s−1 rolloff=3.0E173.1

2.8 Hz

Flux [ergs cm−2 s−1] 2.0E-10 1.9E-10 1.3E-10/5.6E-11 5.0E-11/1.3E-10
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5.4.1 Model fits to the north limb

We selected ASCA SIS spectra obtained in the northeast observation (13 August 1993) from

the single chips ( SIS 0 chip 1, SIS 1 chip 3), with corresponding regions from GIS 2 and GIS 3.

We fit these featureless spectra with a power law, as shown in Figure 5.3a. We obtained a photon

index of 2.46 and a norm (photons keV−1 cm−2 s−1 at 1 keV) of 8.09 × 10−3, yielding a χ2
ν= 0.91.

All four datasets were allowed to vary by a constant – the ratios were SIS 0:1.00 SIS 1:0.91 GIS

2:1.01 GIS 3:0.76. Using the energy range, column density, and line centroids from Koyama et

al. (1995) we were able to replicate their results to within 1σ. We obtained Γ=2.502.34
2.63 (1 σ), in

agreement with α =1.95±0.2. (For power-law emission, using the explicit positive convention for

α, the energy spectral index, Sν ∝ ν−α; these quantities are related by α + 1 = Γ, where Γ is the

photon index.)

We then fit the same four data sets with SRESC , as shown in Figure 5.3b. We froze the

spectral index α at 0.60 and froze norm to the proportionate flux (as discussed in §5.3.3) of 2.54

Jy. This left one free parameter, rolloff=3.063.1
2.8×1017 Hz yielding χ2

ν=1.04. The ratios between the

datasets were SIS 0:1.00 SIS 1:1.02 GIS 2:1.14 GIS 3:0.88.

5.4.2 Model fits to full remnant

Table 5.4 contains the results of the fits to the whole remnant, for each of several thermal

models as described below. Included are the χ2 and the number of degrees of freedom (DOF, row 1),

the reduced χ2 (row 2), the multiplicative offset used between the RXTE PCA and the ASCA GIS

(row 3), the temperature found by each thermal model in units of keV (row 4) and the ionization

timescale τ ≡ net in units of s cm−3 (row 5). The fitted abundances are listed in rows 6-11, given as
<X/H>

<X/H>¯
(by number, not mass, from Grevesse & Anders, 1989), relative to silicon. Elements not

listed could not be constrained by the data and were left at solar. In row 13 the amount (norm)

of thermal/nonthermal component is given. For the powerlaw the normalization is photons keV−1

cm−2 s−1 at 1 keV; for SRESC the normalization is the 1 GHz radio flux. In row 14 the 0.6 –

10.0 keV flux of the thermal and nonthermal model is given. Finally, in row 15, the constraining

nonthermal parameter is listed (power-law index for the power law, and νrolloff for SRESC ). This

parameter is not allowed to vary, but is taken from the corresponding fit in Section 5.4.1. Each

model was fit to the full dataset (six GIS datasets + RXTE) but is shown in the figures only with

a single GIS and the RXTE dataset for clarity. All errors given are 1 σ errors.
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5.4.2.1 Nonequlibrium ionization model

The ASCA-RXTE observations of SN 1006 were first fit with NEI, a constant temperature

non-equilibrium ionization model that describes an impulsively heated uniform and homogeneous

gas (Borkowski, Lyerly & Reynolds, 2000b), released with XSPEC v11. The NEI model, with

elemental abundances held fixed at solar, produced a χ2
ν=3.27 (see Figure 5.4a). While the NEI

model represents the simplest non-equilibrium ionization description of a thermal shock, we do not

expect it to be a good description since the physical case it describes is only appropriate in limited

cases where all emitting material was shocked at the same time – such as individual clumps of gas

rapidly overrun by the shock.

5.4.2.2 Plane shock model

The VPSHOCK model is a plane-parallel shock model with varying abundances (Borkowski

et al., 2000b, released with XSPEC 11) including nonequilibrium-ionization effects. It represents an

improvement over the NEI model by allowing a linear distribution of ionization timescale τ ≡ net

vs. emission measure between user-specified τlower and τupper. Normally one will set τlower equal to

zero, for an ongoing shock, and we have done so. The abundances of O, Ne, Mg, Si, S, and Fe were

allowed to vary. We fit the ASCA GIS + RXTE PCA data with VPSHOCK , shown in Figure 5.4b.

Were this the only information we had on SN 1006 we would conclude that this is an acceptable

description of the data. However, the absence of spectral lines in the limb data (fit in Section 5.4.1),

indicates that a purely thermal explanation is not in fact adequate.

5.4.2.3 Power law + plane shock model

It was impossible to find a unique separation between the power-law and VPSHOCK com-

ponents based only on the full-remnant spectrum. Lower fluxes of the power-law component were

compensated for by the thermal model with lower temperatures and higher abundances, with no

outstanding fit. Instead, we allowed the limb data (§5.4.1) to fix the power-law photon index. With

that photon index we set the highest possible norm that did not disagree with the RXTE PCA data.

We then froze the power law parameters and fit a VPSHOCK model, allowing the abundances to

vary. The fit is shown in Figure 5.5a.

5.4.2.4 Escape limited synchrotron + plane shock model

We then fit an SRESC model plus VPSHOCK . We took the parameters for SRESC from

the limb fits (§5.4.1): α= 0.60, rolloff=3.06×1017 Hz, and norm (the 1 GHz flux)= 19 Jy. This

left no free parameters in the SRESC portion of the fit. We then added a VPSHOCK component

and allowed the elemental abundances to vary. The fit is shown in Figure 5.5 and the results are
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listed in Table 5.4. In the best fit SRESC + VPSHOCKmodel we found that 60% of the flux was

synchrotron emission and the thermal emission comprised the 40% remaining X-ray flux. While the

χ2 for SRESC + VPSHOCK is identical to that of the power-law + VPSHOCK fit, there is

only one SRESC + VPSHOCK model, while as discussed above, many power-law + VPSHOCK

models were possible.

As discussed in Section 5.4, we fixed silicon, the line with the most information in the spec-

trum, and fit all other parameters. The results are shown in the Table 5.4, excepting hydrogen

0.002.0E−3 and helium 0.003.0E−3, for which it was only possible to find upper limits.

The parameters of SRESC also yields spatial predictions. In Figure 5.6a we show the 1993

August 19 GIS 2 data selected from 2-10 keV, the portion of the spectrum where, according to

SRESC models, the SNR is completely dominated by nonthermal emission. In Figure 5.6b we show

the predicted image of the model at 2 keV generated from the radio spectral index, the 1 GHz radio

flux and the SRESC parameter, rolloff. Both images have been convolved to 2.′ These images are

strikingly similar, supporting the use of the synchrotron model.

5.4.3 Gamma-ray observations of north limb

Making use of the results of the above fits, we can also fit the TeV gamma-ray observations of

SN 1006 by Tanimori et al. (1998). The fitted values for SRESC with VPSHOCK produce a one-

parameter family of predicted TeV gamma-ray spectra, since two parameters (basically magnetic-

field energy density and relativistic-electron energy density, or K and B1) are required to set the

synchrotron normalization, and norm only fixes the product KB1+α. The value of νrolloff from the

SRESC fits fixes the product λ2
maxB

3
1 . Different choices of B1, then, imply different inferred values of

λmax, otherwise unobservable, and different values of the normalization constant K in the electron

distribution. However, each value of K gives a different normalization to the inverse-Compton

spectrum which has no dependence on magnetic field.

The integrated fluxes of (4.6 ± 2.0) × 10−12 photons cm−2 s−1 (E ≥ 1.7 ± 0.5 TeV) and

(2.4 ± 1.2) × 10−12 photons cm−2 s−1 (E ≥ 3.0 ± 0.9 TeV) imply an energy spectral index of 2.15.

Using this value, the fluxes imply monochromatic flux densities of 3.5×10−38 erg cm−2 s−1 Hz−1 at

ν = 4.1×1026 Hz, and 1.0×10−38 erg cm−2 s−1 Hz−1 at ν = 7.2× 1026 Hz. These fluxes are plotted

in Figure 5.7a, which also shows two gamma-ray spectra, for B1 = 3 and 5 µgauss (and rc = 4),

constrained to have the same value of norm, i.e., varying in K. The observed TeV gamma-ray flux

then fixes the magnetic field, along with K and λmax. A value of B1 = 3 µgauss describes the data

well, and implies λmax = 1.4 × 1017 cm and K = 5.9 × 10−12 ergp−1 cm−3. Figure 5.7b shows

the predicted image of gamma-ray emission at an energy of 1 TeV. If rc > 4, all values of B1 are



85

multiplied by 4/r.

5.5 Discussion

5.5.1 Thermal and nonthermal continuum

As expected, the simple non-equilibrium ionization model, nei, with solar abundances is a

poor description to SN 1006. VPSHOCK is a better fit but knowing that parts of the remnant

are dominated by nonthermal emission we know that temperature and abundances change with the

addition of a nonthermal model.

The power-law model was very difficult to constrain in conjunction with thermal models.

vpshock, and we suspect other thermal models as well, can seemingly adapt to nearly any amount of

power-law : larger amounts of power-law cause lower temperatures, as VPSHOCK contributes less

of the continuum, and higher abundances, as VPSHOCK tries to account for line emission from a

lower thermal continuum.

The SRESC + VPSHOCK described the ASCA and RXTE observations very well, at least

as well as the best VPSHOCK + power-law . In addition, if νrolloff is constrained from fits to

the nonthermal dominated limb observation, then remarkably SRESC has no free parameters – it

uniquely specifies the synchrotron emission in the SNR. This result confirms that nonthermal X-ray

emission can be well described by simple synchrotron model, and the synchrotron escape model,

which has previously only been tested on integrated fluxes, provides a good description of the data.

High abundances of heavy elements in the SRESC + VPSHOCKmodel imply that thermal

emission is strongly dominated by supernova ejecta, which became obvious only after a proper

separation of nonthermal and thermal components. Elemental abundances in SN 1006 ejecta are

clearly of great interest, but spatially-integrated GIS and RXTE spectra used in this work allow

only for the most basic interpretation of thermal spectra.

The vpshock model is the best first approximation for modeling X-ray spectra from shocks

dominated by heavy element ejecta. Because this model provides statistically and physically rea-

sonable fits to spatially integrated GIS spectra, we briefly interpret our results. However, these

are just preliminary results, a more detailed analysis of spatially-resolved spectra should provide

more secure answers. In this future analysis, one needs to consider both the reverse and forward

shock, instead of just one plane shock considered here. This analysis should also be based on full

hydrodynamical models with the realistic Type Ia ejecta structure (Dwarkadas & Chevalier, 1998).

By freezing silicon, we found the best fit model required no hydrogen or helium with a 1-σ

upper limit of <H>
<Si>=2×10−3 and <He>

<Si> =3×10−3. We can use this to try and set an upper limit on
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the preshock density. From an upper limit on hydrogen of <H>
<Si>=2×10−3 we obtain an upper limit on

the preshock density of 0.014(4/r) cm−3. This is somewhat less than nH of 0.05–0.1 cm−1 (assuming

rc = 4) estimated by Dwarkadas & Chevalier (1998) in their detailed analysis of SN 1006. However,

our value is poorly constrained, since it depends on determining the level of thermal continuum,

which we cannot do with certainty in the presence of much stronger nonthermal continuum.

But most emission in the VPSHOCK model comes from heavy elements, presumably ejecta

shocked by the reverse shock, and the temperature T and ionization timescale τ in the last column

of Table 5.4 most likely refer to the reverse shock. We can roughly estimate the time-averaged

electron density 〈ne〉 in the shocked heavy-element plasma by assuming that most X-ray emission

comes from material shocked in the last 500 yr (approximately half of the remnant’s age), which

gives 〈ne〉 ∼ τ/500 yr = 0.24 cm−3. This order of magnitude estimate, together with abundances

and normalization of the VPSHOCK model from Table 5.4, allows us to arrive at the total mass

of X-ray emitting ejecta of 0.71 M¯, a lot of it (0.45 M¯) in Fe. While the absolute numbers are

uncertain, a high Fe mass is consistent with the Type Ia SN progenitor.

5.5.2 Elemental abundances

Extensive theoretical work has been carried out by Iwamoto et al. (1999) and Nomoto et al.

(1984) predicting abundances expected from different supernova types. However it has proved quite

difficult in practice to compare theory directly to measured abundances in a SNR.

In Figure 5.8 we compare the measured abundances (Iwamoto et al., 1999) with a thermal

model alone (vpshock), to abundances measured with a thermal + synchrotron model ( VPSHOCK

+ SRESC ). The abundances are given relative to Si. The predicted abundance of Si for the W7

model is 0.16 M¯ and 0.12 M¯ for the Type II model (Iwamoto et al., 1999). The abundances

in our fits change significantly with the addition of the nonthermal model, bringing the measured

abundances closer to models predicted by Nomoto et al. (1984). We can take this farther and

compare abundances to those predicted for Type Ia and core-collapse SNRs. As shown in Figure

5.9, the VPSHOCK + SRESC model fit to the observations seems to agree better with Type Ia

models, as expected for SN 1006; however, the uncertainties are large and the Type II model cannot

be ruled out.

By fixing silicon and fitting all other parameters, we are also able to calculate the total mass

in each element, which we give in Table 5.5. Most notably, with the SRESC model we have found

half a solar mass of iron, closer to theoretical predictions, possibly a first for Type Ia SNR. As

demonstrated in the table, while our calculated masses are not in perfect agreement with the Type

Ia models in Iwamoto et al. (1999), they are closer to the Type Ia models than the Type II models.
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Fig. 5.1.— a) VLA image of SN 1006 AD resolution 12′′ × 7′′, corrected for the primary beam. b)
ASCA GIS 3 convolved to 60.′′

Table 5.5. Mass of Elements in SN 1006

Element, [M¯] vpshock W7 Core Collapse

O 3.5E-23.9E−2
2.7E−2 1.4E-1 1.8E0

Ne 2.0E-22.3E−2
1.8E−2 4.5E-3 2.3E-1

Mg 3.3E-23.7E−2
3.0E−2 8.6E-3 1.2E-1

Si 8.1E-21.6E−1
7.3E−2 1.6E-1 1.2E-1

S 9.5E-21.2E−1
7.7E−2 8.7E-2 4.1E-2

Fe 4.5E-15.0E−1
3.9E−1 7.5E-1 9.1E-2



88

Fig. 5.2.— The radio flux measurement with a power law spectrum extrapolated to X-ray energies.
The X-rays are the unfolded ASCA spectrum, shown only for comparison.
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We believe these results represent an improvement in technique over past work, while at

the same time considering the values obtained preliminary. Improved results can be obtained by

analyzing spatially resolved regions where the thermal emission dominates (such as will be done

in Paper II). In addition we have used only the simplest possible thermal model (an single non-

equilibrium ionization model not being physically plausible). However from these preliminary results

we can state confidently that accurate accounting for a possible nonthermal component will be a

necessary precondition to using nucleosynthesis model predictions to interpret abundances in SNRs.

5.5.3 SRESC inferences and cosmic-ray acceleration

5.5.3.1 Simple estimates

Even before the reported detection of SN 1006 in TeV gamma-rays by the CANGAROO

collaboration (Tanimori et al., 1998), Pohl (1996) calculated expected TeV fluxes due to upscattering

of cosmic microwave background photons by electrons of 10-100 TeV, and the subsequent detection

has been widely accepted as direct evidence for the presence in SN 1006 of such electrons. Pohl

calculated a range of values of predicted flux based on a homogeneous emitting volume; the results

depended on the then poorly known electron spectrum.

Since the maximum photon energy εγ that can be produced by an electron of Lorentz factor

γe upscattering photons of energy εs is given by εγe
= 4γ2

eεs, turning cosmic microwave background

photons (T = 2.73 K ⇒ ε0 = 2.4×10−4 eV) into 4 TeV gamma-rays requires γ ≥ 6.5×107. Then the

Klein-Nishina parameter Γ ≡ 4γeεs = 0.1 and the Thomson limit (Γ < 1) is marginally acceptable, at

least for energies not too far above the CANGAROO thresholds. In that case, the inverse-Compton

volume emissivity for a thermal distribution of seed photons scattered by an electron distribution

Ne(γe) = Cγ−p
e can be written (Rybicki & Lightman 1979, switching to photon frequencies for

comparison with synchrotron)

jν =
h

4π

dnγ

dt
=

C(2πr2
0)

h2c2
(kT )(p+5)/2F (p)(hν)−(p−1)/2 erg cm−3 s−1 Hz−1 sr−1 (5.7)

where F (p) = 5.67(6.11) for p = 2.1 (2.2) (values appropriate for SN 1006). Rewriting the electron

distribution as N(E) = KE−p with K = C(mec
2)p−1, and taking p = 2.2, we can express the ratio

of the synchrotron to inverse-Compton volume emissivities as

jν(SR)
jν(IC)

=
3.48 × 10−12KB1.6

G ν−0.6

2.35 × 10−25Kν−0.6
= 3.72 × 103B1.6

µG (5.8)

where BµG is the magnetic field in the radiating region in units of µG.

We can use this result to estimate the mean magnetic field in SN 1006, making the simplest

assumptions of a homogeneous source coextensive in synchrotron and inverse-Compton emission.
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(The inverse-Compton emitting volume will always be at least as large as the synchrotron volume,

larger if electrons diffuse to where the magnetic field is weak or negligible.) If no turnover has begun

by the lower of the two CANGAROO energies, the ratio of the extrapolation of the synchrotron flux

to the TeV flux at 1.7 TeV is about 1.4×105, using a radio spectral index α = (p−1)/2 = 0.6. This

gives a mean magnetic field strength of 9.6 µG.

The observed radio flux density at 1 GHz of 19 Jy (Green, 1998) then requires K = 2.8×10−12

ergp−1 cm−3. Now the immediate post-shock relativistic electron density is given by

ue ≡
∫ Eh

El

EN(E)dE =
K

p − 2
E2−p

l

(
1 −

(
Eh

El

)2−p
)

∼= 5KE−0.2
l (5.9)

where Eh and El are the ends of the electron distribution, and we have assumed Eh À El. If we let

El = 0.5 MeV, appropriate since a constant power-law in momentum will flatten in energy below

mc2, we find a post-shock energy density

ue = 2.3 × 10−10 erg cm−3 (5.10)

which can be compared with the post-shock pressure

P2 =
3
4
ρ1u

2
sh = 9 × 10−9

(
ush

3200 km s−1

)2

(5.11)

for a strong shock in a gas with adiabatic index 5/3. So this simple estimate implies a relativistic-

electron acceleration efficiency in the shock of about 2.6%. Extension of the same momentum

power-law to nonrelativistic energies would give a comparable amount of energy in nonrelativistic

suprathermal electrons. If the shock is dominated by relativistic particles, the compression ratio

could be as high as 7, dropping the post-shock pressure by about 50% and increasing the inferred

efficiency by that factor.

If supernova remnants are to produce the Galactic cosmic rays, efficiencies of ion acceleration

must be of order several tens of percent, so given that we do not know the ratio of electron to ion

acceleration efficiency, these estimates seem reasonable. They also imply a total magnetic energy

content in SN 1006 of

UB ≡ 4πR3
sh

3
φ

B2

8π
= 5.3 × 1046 erg (5.12)

where φ is a volume filling factor of the emission, taken to be 1/4. This is far below equipartition,

since the total relativistic-electron energy is

Ue = 3.3 × 1048 erg (5.13)

assuming the same filling factor, and we have not taken account of ions. However, if the pre-shock

magnetic field is of order 3 µG, the post-shock field due to shock compression only will be about 10

µG, so reaching equipartition would require major turbulent magnetic field amplification.
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5.5.3.2 Model calculations

Using the full spectral code, we have calculated the spectrum shown in Figure 5.7, using the

rolloff frequency value obtained from our best fit result above. Now fitting SRESC produces only

the value of

νrolloff ≡ 5.3 νmax = 5.3
(
1.82 × 1018E2

maxB2

)
, (5.14)

where B2 is the post-shock magnetic-field strength and Emax is given by (1). (The factor 5.3 was

introduced in converting the original models into XSPEC-readable format.) So

νrolloff = 5.57 × 1015

(
λmax

1017 cm

)2

B3
µG

(r

4

)
. (5.15)

There is no theoretical expectation for λmax, so any value of B1 can produce a particular value of

νrolloff . This degeneracy is then broken by the inverse-Compton predictions which do depend on B1.

In Figure 5.7, we show the model with our fitted value of νrolloff = 3.1 × 1017 Hz, and

B1 = 3 µG ⇒ λ = 1.4× 1017(4/r)−1/2 cm. This model is able to reproduce the CANGAROO fluxes

reasonably well. In the SRESC model, the magnetic field behind the shock is compressed only, by

a factor of between 1 and rc depending on the shock obliquity, and drops with distance behind the

shock. The mean value of B2 is approximately 9 µG, consistent with the simple estimate above.

The required value of K is 5.9 × 10−12 ergp−1 cm−3, about twice the simple estimate, implying

ue = 4.8 × 10−10 erg cm−3 ⇒ Ue = 7.0 × 1048 erg (5.16)

and a relativistic-electron acceleration efficiency ue/(3/4)ρ1u
2
sh = 5.3% – somewhat higher than the

simple estimate. This value was not obtained, as was the simple estimate, by assuming the Thomson

limit. Again, a somewhat higher compression ratio does not alter the electron energy density, but

by dropping the post-shock pressure slightly, can increase this value by of order 50%.

The values of λmax and B1 give Emax = 50 ergs or 32 TeV from Equation (1); this energy

is in the range of the upper limits to maximum energies of synchrotron X-rays allowable in twelve

other Galactic remnants whose X-rays are dominantly thermal (and far below the “knee” at around

1000 TeV). The significance of this particular value of λmax, above which the level of magnetohy-

drodynamic turbulence is presumed to be much less, is not obvious; this is the first example of this

form of determination of structure in the magnetic-fluctuation power spectrum.

Figure 5.7b shows the predicted image in gamma rays at 1 TeV. The modeling of the propa-

gation of electrons escaping upstream is not constrained at all by X-ray fitting, since those electrons

radiate in the weaker upstream magnetic field and hence contribute only a small amount of syn-

chrotron flux. However, they contribute more significantly to the inverse-Compton flux. Imaging

observations may allow improvements in the description of these escaping electrons. The width of
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the emission behind the shock is greater than for synchrotron X-rays, since the magnetic field also

drops behind the shock. However, in our nonthermal models for SN 1006, a contact discontinuity

separating shocked ISM from SN ejecta is still present (modeled by the cutoff radius at which ma-

terial was shocked at 104 km s−1), and the shock-accelerated electrons are not assumed to diffuse

into that region.

There is no obvious reason that the NE limb, but not the SW, should be detected in TeV

gamma rays, especially since both limbs have very similar X-ray spectra (Allen et al., 1997b).

Tanimori et al. (1998) report that the upper limit on emission from the SW limb is about one-

quarter of the emission detected from the NE. This result demands a lower relativistic-electron

density by that factor. An unfortunate coincidence could allow the magnetic-field strength to be

larger in the SW in such a way as to produce an identical synchrotron spectrum with a lower density

of relativistic electrons. The magnetic field would need to be larger by at least 42/(p+1) = 2.4.

Other possible explanations are at least as contrived, such as greater line-of-sight component of the

magnetic field in the SW compensating for a lower electron density. We are unable to offer any

convincing physical explanation at this time for the detection of only the northeast limb. We plan

to search for spatial variations, such as variations in the value of νrolloff , between the limbs, which

might help account for the lack of TeV emission from the SW, in our spatially resolved study.

5.6 Conclusions

1. The escape-limited synchrotron model, SRESC , provides a good fit to integrated spectral

observations of SN 1006 by RXTE and ASCA – the highest quality data to date. In addition,

the spatial prediction closely matches the X-ray image in the energy range where the model

applies.

2. The SRESC model provides a significant improvement over the power-law models:

(a) SRESC provides a more accurate description of the emission based on physical principles.

(b) SRESC allows a clearer separation of thermal and nonthermal emission, constrained by

radio observations

3. We believe an adequate description of the synchrotron emission leads to more accurate temper-

ature and abundance measurements in the remaining thermal model, though better thermal

inferences require both spatially resolved spectra (and models) and codes appropriate for ejecta

dominated by heavy elements. Evidence for enhanced abundances suggests that at least part

of the thermal X-ray emission comes from ejecta.
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4. The TeV gamma-ray observations allow us to determine the energy in relativistic electrons to

be about 7 × 1048 erg; the current shock efficiency at accelerating electrons is about 5%, and

the energy in relativistic particles is much greater than that in magnetic field.

5. We estimate that the ambient magnetic field is about 3 µGauss, and that the MHD wave

spectrum near SN 1006 drops substantially in amplitude above a wavelength of about 1017 cm.

We have demonstrated that SRESC , in conjunction with inhomogeneous thermal models,

can describe the full remnant emission. These models ( SRESC and SRCUT in more general

situations, as discussed in Section 5.3) represent a significant improvement over power-law models

in describing the physics of synchrotron X-ray emission. We can now proceed to spatially-resolved

spectral modeling of SN 1006. The true test of the escape limited synchrotron model will be its

application to the spatially resolved data sets in our forthcoming paper. We will develop specialized

versions of the SRESC model to describe spatially distinct areas of SN 1006.

The National Radio Astronomy Observatory is a facility of the National Science Foundation

operated under a cooperative agreement by Associated Universities, Inc. Our research made use of

the following online services: NASA’s Astrophysics Data System Abstract Service, NASA’s SkyView
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BAD at Centre de Données astronomiques de Strasbourg (US mirror http://simbad.harvard.edu/Simbad).

Thanks to J. Keohane for research notes and advice. This research is supported by NASA

grant NAG5-7153 and NGT5-65 through the Graduate Student Researchers Program.
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Fig. 5.3.— ASCA SIS 0 & 1 GIS 2 & 3 (only SIS 0 (crosses) and GIS 2 (diamonds) are shown)
taken from the north rim, fit by a) power-law and b) SRESC . Parameters for the fits are given in
§5.4.1.
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Fig. 5.4.— a) The NEI model fit to the full remnant ASCA GIS (diamonds) and RXTE PCA
(crosses). Parameters listed in Table 5.3, column 2. b) The VPSHOCK model applied to the full
remnant ASCA GIS (diamonds) and RXTE PCA (crosses). Parameters listed in Table 5.3, column
3.
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Fig. 5.5.— a) The VPSHOCK + power-law model applied to the full remnant ASCA GIS (dia-
monds) and RXTE PCA (crosses). The solid line is the total model while the broken lines represent
the individual contributions: the smooth varying broken line is power-law while the VPSHOCK
shows promanent spectral lines. Parameters listed in Table 5.3, column 4. b) The VPSHOCK +
SRESC model fit to whole remnant ASCA GIS (diamonds) and RXTE PCA (crosses). The solid
line is the total model while the broken lines represent the individual contributions: the smooth
varying broken line is SRESC while the VPSHOCK shows promanent spectral lines. Parameters
listed in Table 5.3, column 5.b

Fig. 5.6.— a) GIS image from 2-10 keV, energies dominated by synchrotron. b) The synchroton
X-ray image predicted by the SRESC model fitted parameters rolloff= 3.0×1017, α= 0.6, norm(1
GHz flux) = 19 Jy. We have assumed a uniform upstream magnetic field of 3 µG and a compression
ratio of 4. Both images are convolved to 2.′
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Fig. 5.7.— a) Two gamma-ray spectra, for B1 = 3 and 5 µgauss (rc = 4), constrained to have the
same value of norm, i.e., varying in K. b) The predicted image of gamma-ray emission at an energy
of 1 TeV.
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Fig. 5.8.— Abundances measured by a) VPSHOCK model (circles) and b) VPSHOCK + SRESC
(circles) compared to the W7 supernova model from Iwamoto et al. (1999) (squares), normalized to
silicon (by mass).
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Fig. 5.9.— Abundances measured by VPSHOCK + SRESC (circles) compared to a) Type II SNR
b) Type Ia (W7) SNR predictions from Iwamoto et al. (1999) (squares), normalized to silicon (by
mass).
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Chapter 6

Separating Thermal and Non-Thermal X-Rays in

Supernova Remnants II: Spatially Resolved Fits to

SN 1006 AD

6.1 Introduction

When X-ray synchrotron emission was observed in SN 1006 in 1993 (Koyama et al., 1995)

the event was news for Nature. Today there is a growing number of galactic remnants exhibiting

nonthermal (non-plerionic) emission in the X-ray band, most recently G266.2–1.2 (also known as

RX J0852.0–4622; Slane et al., 2001). The number of SNRs with suspected nonthermal emission is

now in the double digits and we predict, as new X-ray instruments improve the spectral and spatial

resolution, many more SNRs will be found with varying amounts of X-ray synchrotron emission,

previously undetected among thermal continuum and line emission. However, few analyses have

included nonthermal components and even those that do, do not take advantage of this extraordinary

opportunity to extract information about particle acceleration from the emission of ultra-relativistic

electrons. We know that the radio extrapolation must roll off before X-ray energies to avoid over-

predicting X-ray flux measurements. Therefore observations of X-ray synchrotron lie in the regime

where the particle spectrum is changing. Shock-acceleration models that can reproduce this drop-

off may be able to provide information about the remnant age, radiative losses of electrons or the

spectrum of magnetohydrodynamic (MHD) waves near the shock.

In Dyer et al. (2001; hereafter Paper I) we demonstrated that the total-flux spectrum from

SN 1006 was well fit by a combination of new synchrotron models and plane-shock thermal models,

and that the fit was an improvement over previous fits both due to the robustness of the synchrotron

models (which use radio measurements to constrain the nonthermal emission) and due to the new
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accuracy of the thermal models, which with the assistance of the synchrotron model now detected

for the first time half a solar mass of iron. However, these models were fit to spectra averaged over

the entire remnant and it is well known that the remnant spectra can vary significantly across the

face of an SNR. In particular Koyama et al. (1995) settled a controversy about the X-ray spectrum

of SN 1006 by exhibiting a difference in spectra between the limb and center. So spatially resolved

studies are required in order to: 1) see where the synchrotron models break down, 2) learn

about departures from their simple assumptions, 3) refine thermal analyses, 4) see to

what extent thermal properties vary across the remnant.

The cylindrical symmetry of SN 1006 lends itself to a second order attempt to apply these

models. We created a subset of the escape-limited synchrotron model ( SRESC ) model used in Paper

I designed for different regions of SN 1006. While the cylindrically symmetric synchrotron model

we are extracting from is clearly an oversimplification, the results in Paper I were very encouraging

and so we push forward, endeavoring to find the limits of the model.

Due to overall energy considerations, shocks in SNRs have been suspected for decades of

accelerating the majority of cosmic rays. However, firm evidence has been scarce. One would not

normally choose to study electrons in order to shed light on the source of cosmic rays, since (as

observed at earth in the range 1–30 GeV) electrons are less numerous than ions by a factor of ∼50.

However, until there is unmistakable evidence of π0 emission (predicted by Drury, Aharonian, &

Voelk, 1994; Gaisser, Protheroe, & Stanev, 1998; Baring et al., 1999, among others), relativistic

electrons provide the best observational handle on particle acceleration. We know with certainty

that electrons are being accelerated up to 1-10 GeV from radio observations of synchrotron emission.

Now, observations of X-ray synchrotron emission push the energy of observed electrons to ∼30 TeV

(Paper I) where the observed rolloff in the electron spectrum contains much more information on

acceleration processes than the simple power-law responsible for radio emission.

SN 1006 has been detected by the Collaboration of Australia and Nippon for a Gamma-Ray

Observatory in the Outback telescope (CANGAROO) in two separate observations, at the 5.3σ and

7.7σ level (Tanimori et al., 1998). SN 1006 was the first (of only three) shell SNRs to have been

detected in TeV γ-rays. The positional information is uncertain but likelihood calculations localize

the emission in the northeast (NE) limb, and set an upper limit on emission from the southwest

(SW) limb below one-quarter of the emission detected from the NE. As we showed in Paper I, the

detected TeV flux allows us to infer a mean magnetic field of about 10µG but the lack of γ-ray

emission in the SW limb is still unexplained.
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6.2 The context of this work

The models consider that the shock everywhere accelerates a power-law distribution of elec-

trons, with an exponential cutoff above an energy Emax whose value depends on various physical

parameters: remnant age, shock obliquity angle, shock speed, magnetic field strength, etc. The

models then evolve that distribution behind the shock including adiabatic and radiative losses, and

calculate the volume emissivity of synchrotron radiation at each point in the remnant by integrating

that distribution over the single-electron synchrotron emissivity. Images and total-flux spectra are

obtained by appropriate integrations over the volume emissivity. The models make only the simplest

assumptions about shock-acceleration physics. Their novelty resides in the care given to calculating

Emax, the evolution of the post-shock particle distribution, and the synchrotron emissivity, so that

the models are complementary to calculations such as Ellison, Berezhko, & Baring (2000), which use

a sophisticated model for the shock-acceleration physics, but in which the radiation spectrum is just

that of a single post-shock distribution function of electrons radiating in a homogeneous magnetic

field. (The shock also is assumed to be plane and exactly parallel, i.e., ΘBn = 0.)

A maximally curved model SRCUT (Reynolds & Keohane, 1999) was used to find upper limits

for synchrotron emission in Galactic remnants. The model was fit, ignoring evidence for thermal

emission, as if all X-ray emission were synchrotron. Since the model had maximal curvature, this

placed a firm upper limit on the energy to which SNRs could accelerate electrons with the same

slope as at radio emitting energies. The results were significant – even if all X-ray emission were

synchrotron these Galactic SNRs are currently incapable of accelerating electrons beyond a limit of

20-100 TeV (for Cassiopeia A the limit is 80 TeV)1. This work was repeated for 11 SNRs in the

Large Magellanic Cloud (Hendrick & Reynolds, 2001) this time fitting a Sedov model (Borkowski,

Lyerly, & Reynolds, 2001) and SRCUT simultaneously, with similar limits placed on the ability of

SNRs to accelerate electrons. These trials cast some suspicion on the role of SNRs in accelerating

ions to energies needed to produce even cosmic rays below the 1015 eV “knee.”

The next step was to move from setting limits to actually describing the synchrotron spectrum

in SNRs with suspected X-ray synchrotron emission. Reynolds (1998) showed that the maximum

energy attained by electrons from the shock acceleration process could be limited by several different

mechanisms: 1) electrons above some energy Emax could escape from the remnant, e.g. due to a lack

of appropriate MHD wave to scatter them, 2) the remnant could be young enough that there has

not been sufficient time to accelerate electrons beyond Emax, or 3) Emax could represent the energy

at which radiative losses precisely balance gains. While young SNRs should be age limited and older

1Reynolds & Keohane (1999) found that Kes 73 could obtain an anomalously high energy of 300 TeV. However, it

has since been shown that Kes 73 contains a pulsar, i.e. an entirely different source of synchrotron emission.
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SNRs should be loss limited, the escape model is applicable anytime Emax is lower than the other

maximum energies. There is no simple rule-of-thumb for determining this. Each maximum energy

must be calculated, referencing the expressions given in Reynolds (1998), in order to determine if

Ecut
maxis the lowest of the three.

For SN 1006, models limited by radiative losses were ruled out even by pre-ASCA data

(Reynolds, 1996) and the detection of Inverse-Compton (IC) TeV γ-rays by Tanimori et al. (1998)

allowed an estimate of the magnetic field of order 10µ G, eliminating the age-limited model (the

magnetic field would have to be below 0.6 µG for the age-limit to be below the escape limit). The

dominantly synchrotron X-ray emission from SN 1006 served as an impetus to develop the escape-

limited synchrotron model. In fact the escape model has several advantages over loss- and age-limited

models. Unlike the loss and age limited models it is a single-parameter model easily adapted for

inclusion in X-ray spectral analysis software.

In this paper we outline the theory behind the SRESC model in §6.3 and then discuss the

SRESC submodels. We discuss issues related to X-ray and radio observations in §6.4 & §6.5. In §6.6

we apply the new models to regions of SN 1006. In §6.7 we discuss the results of our fits including

abundance information, and discuss the implications of those results. We then discuss future work,

including pending XMM and Chandra observations in §6.8 and summarize our conclusions in §6.9.

6.3 Description of models

6.3.1 Synchrotron model

The models consider that the shock everywhere accelerates a power-law distribution of elec-

trons, with an exponential cutoff above an energy Emax whose value depends on various physical

parameters: remnant age, shock obliquity angle, shock speed, magnetic field strength, etc. The

models then evolve that distribution behind the shock including adiabatic and radiative losses, and

calculate the volume emissivity of synchrotron radiation at each point in the remnant by integrating

that distribution over over the single-electron synchrotron emissivity. Images and total flux spectra

are obtained by appropriate integrations over over the volume emissivity.

A full description of the synchrotron theory that goes into the models may be found in

Reynolds (1998). All synchrotron models, including SRESC , cap, limb, and center begin with the

assumption of Sedov dynamics and a power-law distribution of electrons up to a maximum energy

Emax which in general may vary with both physical location within the remnant and with time.

While the maximum energy attained by electrons in the shock acceleration process could be

limited by several factors (escape, age or radiative losses) we have chosen to focus on a escape model
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since the case of SN 1006 is best described by an escape limited synchrotron model. In this model

electrons are presumed to escape upstream, probably due to an absence of magnetohydrodynamic

waves beyond a certain wavelength λmax available for scattering.

The wavelength λmax corresponds to an energy Emax of electrons. Electrons with gyroradius

rg scatter resonantly with waves of wavelengths λ = 2πrg = 2π(E/eB). Therefore electrons will

escape upstream once their energy reaches an Emax given by

Emax = λmaxeBupstream/4

This energy then corresponds to a photon frequency

νmax = 1.05 × 1015λ2
17B

3
µG

(r

4

)
Hz

where λ17 = λmax/1017 cm, BµG is the upstream magnetic field measured in microgauss and r is the

compression ratio. While this relation gives the frequency at which electrons of energy Emax emit

the most synchrotron power, we emphasize that the models use the full single-electron emissivity to

calculate the spectra.

The implementation in XSPEC of the escape-limited synchrotron model SRESC has three

parameters:

1. the radio flux measurement (norm) at 1 GHz

2. α, the radio spectral index (flux density ∝ ν−α)

3. a characteristic rolloff frequency (Hz), called rolloff

In the context of previous work

νrolloff = 5.3νmax

where νrolloff was the rolloff parameter used for SRCUT in Reynolds & Keohane (1999). Note

that fixing νrolloff does not determine λmax, Bupstream or r independently but only the combination

λ2
maxB3

upstreamr.

The great advantage of SRESC over power law models is that only one of these parameters,

rolloff, is used for fitting. The spectral index and 1 GHz flux for SNRs are fixed by radio observations.

For Galactic SNRs, a convenient collection can be found at Green’s website (Green, 2000). There

are however, uncertainties in these quantities. Radio fluxes measured at the same wavelength with

the same telescope can vary by as much as 20% and while spectral indices are rarely quoted with
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errors, they are rarely better known than ±0.1 (∼15%). We will discuss this effect on our results

later.

The formalism given in Reynolds (1998) was motivated in part by a desire to predict mor-

phology as well as spectra. The models were created by integrating over predicted images of the

remnant at a series of incremented frequencies. Therefore it was relatively straightforward to create

sub-models of SRESC which applied only to regions of the SNR image. We created three mod-

els: limb, cap, and center, by extracting from regions shown in Figure 6.1a (unlike SN 1006 itself,

the synthesized image is completely symmetric so the two limbs are identical as are the two caps).

Difference in θBn produces very slightly different curvatures for the sub-models of SRESC . They

are plotted together in Figure 6.1b for the same value of rolloff.

6.3.2 Thermal model

Since our primary interest is in the nonthermal emission, we fit thermal emission from the rem-

nant with the simplest reasonable model VPSHOCK. Wherever we specify that a thermal model was

used, we mean VPSHOCK. This is a plane-parallel shock model in which abundances can be varied

(Borkowski, Lyerly, & Reynolds, 2001), which represents an improvement over single-temperature,

single-ionization timescale, non-equilibrium ionization models by allowing a distribution of ioniza-

tion timescales. One might expect the thermal emission in regions of the remnant to be best fit by

a SEDOV model or two shock models, approximating the reverse and forward shock. However,

there are enough uncertainties involved in a simultaneous nonthermal and thermal fit that more

sophisticated thermal models were not warranted. A more sophisticated analysis would involve

full hydrodynamic modeling such as was carried out for Kepler (Borkowski, Sarazin, & Blondin,

1994), with realistic Type Ia ejecta structure such as developed in Dwarkadas & Chevalier (1998);

Dwarkadas (2000). This level of analysis is more appropriate for, and may be required by, high

quality data. Observations of SN 1006 with XMM will have superior spectral resolution and obser-

vations with Chandra will provide higher spatial resolution for select regions of the SNR. However

with ASCA CCD resolution and current signal to noise VPSHOCKhas provided good empirical

fits to Chandra and XMM data.

6.4 X-ray observations

Unless stated otherwise SIS 0 & 1 datasets from the same observation were fit for each

region. Full descriptions of the datasets used are given in Table 6.1. We used SIS BRIGHT data

at high and medium bit rate. The standard REV2 screening was used, and data were grouped with

minimum of 20 counts per channel for valid χ2 analysis. The background spectra were obtained
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Table 6.1: Datasets Fit For This Paper
Observation Date Cycle t [ks] center[α, δ] region size [arcmin] Counts: SIS 0 Counts: SIS 1

Northeast Limb 1993Sept13 PV 21 15 03 45, -41 47 00 23×9 2.38/2.33 2.03/1.96

Southwest Limb 1993Aug19 PV 26 15 02 00, -42 00 15×8 1.47/1.42 1.23/1.18

Center 1993Aug19 PV 26 15 03 00, -41 56 00 16×13 1.04/0.98 0.91/0.83

North Polar Cap 1993Aug19 PV 26 15 02 15, -41 35 46 8×8 0.25/0.22 0.30/0.27

South Polar Cap 1996Feb21 AO4 26 15 03 15, -42 05 30 4×8 0.19/0.18 0.18/0.16
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from the 1994 Blank Sky event files in the case of PV 4-chip observations and from off source areas

for AO4 2-chip observations. We compared the results of subtracting the two types of backgrounds

and found the differences in the resulting data were minor. What was not minor were gain shifts

between GIS and SIS data. We intended to fit GIS and SIS data simultaneously to obtain better

statistics. However, we found significant line shifts between the GIS and SIS (plotted in Figure

6.2). The difference was 70-80 eV in strong line energies (silicon is prominent). New (currently

pre-release) GIS matrices reduced the shift in Si line energy by ∼20 eV; however they were unable

to completely remove the shift. We therefore chose the SIS instrument over the GIS for energy

reliability and higher spatial and spectral resolution.

6.5 Radio observations

In Paper I, since the entire remnant was being fit, we obtained the normalization for the

synchrotron models from single dish flux measurements. However, in order to separate limb from

center emission we now needed accurate spatially resolved fluxes. We have the advantage of having

several different radio images, published in Reynolds & Gilmore (1986, 1993); Moffett, Goss &

Reynolds (1993) of SN 1006 available to our group. Comparing these images allows us to examine

their fidelity with disturbing results. Interferometric images have the fundamental problem that

zero-spacing flux (the total flux in the image) is not measured. It is common knowledge that

maps without this “zero-spacing information” are missing the information to recreate the total

flux (Holdaway, 1999). For some time the radio community has been discussing the reliability of

nonlinear methods of image reconstruction (such as the Barry Clark CLEAN and the maximum

entropy method) which to some extent try to restore absolute flux levels. The absence of short

interferometric spacings showed up prominently for SN 1006 as negative flux densities in the center

and polar cap regions. Profiles of the fluxes in Figure 6.3 across the regions illustrated in Figure

6.4 illustrate the differences in flux levels between interferometric maps. “Zero-spacing” information

can be restored to interferometric maps by adding single dish observations. We addressed this

problem by obtaining a 843 MHz map created with data from both Molonglo Observatory Synthesis

Telescope (MOST), an East-West parabolic interferometer with UV coverage from 15 meters to 1.6

kilometers, and the Parkes 64-meter radio telescope (a single dish)(Roger et al., 1988). The total

flux in the Roger et al. image agrees with single dish measurements and no regions of the SNR have

negative fluxes. This has an impact on future use of these synchrotron models on regions of other

SNRs. If small regions of an SNR are to be measured, a good single-dish radio map is far preferable

to a higher resolution interferometric image (provided the resolution is not worse than the size of

region). The introduction of the Green Bank Telescope and software designed to make the process
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of incorporating single dish and interferometric information easier will aid future researchers.

It was critical to measure the radio synchrotron emission from exactly the same region used

to extract the X-ray spectra. After trying several methods we found that the most precise was to

create a region file on the radio image (a FITS-format image which could be loaded in SAOImage).

The FTOOL FREGCON was then used to translate that region file into the sky coordinates of

the ASCA dataset. That region file was then further altered to exclude chip gaps and off-chip

regions (not an issue in the radio image). A FITS image and a spectrum were then extracted using

the region file. The image was loaded into the Astronomical Image Processing System (AIPS),

convolved to a resolution of 11′′ to smooth the X-ray sampling, and aligned to the radio image with

AIPS task HGEOM. The radio image was then clipped everywhere the X-ray image was blank, and

the remaining flux was measured at the observing frequency (0.834 GHz) and then extrapolated to

1 GHz for input into the model. The radio images with the X-ray region in contour are shown in

Figures 6.5 and 6.6. Only the SIS 0 contours are shown. The SIS 1 regions are slightly different.

6.6 Fits to data

We have fit and plotted the ASCA data from 0.4-10.0 keV. While 0.4 keV is below where

ASCA data are normally considered reliable (generally above 0.6 keV and for the most recent

data, only above 1.0 keV) we have chosen to use these data for several reasons. First, most of

the datasets used are from the early performance verification phase (PV), prior to significant chip

damage. Second, SIS 0 and SIS 1 are still in good agreement in that region – one test for data

reliability. Finally, there were additional problems fitting regions from the center, south polar cap

(SPC) and north polar cap (NPC), in the vicinity of 0.6 keV. Without including data from 0.4-0.6

keV, XSPEC was free to fit models with extremely high flux at low energies. While we do not trust

the data sufficiently to report abundances measured at low energies, we believe the data can be

trusted to rule out fluxes high by a factor of two or more. Finally, the lowest energies in each fit

were dominated by thermal emission. As stated above, the main purpose of this work was to test

models against nonthermal emission, which dominates at higher energies.

There were slight variations reported by SIS 0 and SIS 1 in the measured flux. While χ2
ν could

be slightly improved by allowing either the normalization of the thermal model, or a multiplicative

constant between SIS 0 and SIS 1, we did not choose to do so, preferring a slightly higher χ2
ν over

introducing further uncertainties in norm.

It is reasonable to expect that regions of the remnant with dominantly thermal emission could

be better fit by two shock models – a forward shock with solar abundances and a shock with high

abundances representing the reverse shock. Two-shock models were tried on the polar caps and the
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center region. The fits all returned similar parameters for the component with solar abundances:

T ∼0.3 keV and τ ∼ 4.1 × 1010 cm−3 s1.

We tested the two shock models for reasonability using the method of Hamilton & Sarazin

(1984). We first assume all the bulk kinetic energy of the shock (as measured by the Hα velocity)

is transformed directly into random kinetic energy (T ). In the absence of an non-Coulomb heating

at the shock, the postshock Te/Ti ratio will initially be proportional to the ratio of particle mass:

1/2000. Given enough time, Coulomb collisions will equilibrate the two temperatures, resulting in

Te = Ti. The question is, given our ionization timescale (τ) and the initial temperatures (from the

Hα shock velocity), what is the minimum temperatures of the plasma?

Te =
[
5lnΛ
503

n(t − t0)T
]

We find

Te min(vs = 3000 kms−1, τ = 4.1 × 1010cm−3 s) = 1.4 keV

which contradicts our fitted result of Te=0.3 keV (we use Λ = 23. We can rule out this particular

two shock model.

In Paper I we assumed the value of rolloff was identical across the entire SNR. Now with

spatially resolved regions, we have relaxed that assumption and allowed the individual regions to

determine the rolloff.

Table 6.2 contains the results of the fits to each region of the remnant, for each model com-

bination as described below. Included are χ2 and the number of degrees of freedom (DOF, column

1). The following two columns determine the nonthermal model: the 1 GHz norm (the flux in Jy,

measured from the radio map) in column 3 (difference between SIS0 and SIS1 are a result of gap

location, rather than chip differences), and in column 4, the rolloff (νrolloff in Hz for all SRESC

submodels). Thermal parameters from the VPSHOCKmodel include: the temperature found by

each thermal model in units of keV (column 5) and the ionization timescale τ ≡ net in units of

s cm−3 (column 6). In column 7 the emission measure (norm) is given; 10−14

4πD2

∫
nenHdV where D is

the distance to the source in cm. The fitted abundances are listed in column 8-12, given as <X/X¯>
<Si/Si¯>

(by number, not mass, from Grevesse & Anders, 1989). Note that they are given relative to silicon.

All errors given are 1σ errors. As in Paper I, we assumed an absorption column density of 5×1021

cm−2, using the Wisconsin absorption model, wabs.
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Center

Northeast Limb

Southwest Limb

North Polar Cap

South Polar Cap

Fig. 6.1.— a) The regions for which separate models were developed in this paper. b) The decrement

factor of the models (the factor by which they fall below a powerlaw) is plotted vs. the frequency.

The solid line is the total SRESC model. Models for specific regions are shown (with the same

spectral index and normalization): the limb (dash), the center (dash-dot), and the polar cap (dotted).
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Fig. 6.2.— Comparison of ASCA line shifts for silicon (fit with a Gaussian). GIS data are marked

with squares, while SIS data are marked with circles. Datasets 1-22 are from the PV phase. Datasets

24-35 are from AO4. Where signal to noise is adequate error bars are indicated at 1σ.
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Fig. 6.3.— A) Profile of the radio flux from southwest polar cap to northeast polar cap. B) Profile

from the northeast limb through the southwest limb. The solid line is the 843 MHz Parkes+Molonglo

observations (scaled by α=0.60 to 1.4 GHz), while the rest are 1.4 GHz VLA datasets: dashed line

is C and D array created with a maximum entropy algorithm, the dot-dashed line is B, C, and D

array created with the CLEAN algorithm and the dotted line is C and D array only, created with

CLEAN.

A

B

Fig. 6.4.— Image of SN 1006 showing location of flux profiles in Figure 6.3
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Fig. 6.5.— ASCA SIS 0 X-ray regions shown in contour over the Parkes+Molonglo radio map in

grayscale. Clockwise: NE limb, NPC, SPC, SW limb.
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Fig. 6.6.— ASCA SIS X-ray region for the center.



Table 6.2: Best Fit Parameters to ASCA SIS Observations of SN 1006
Nonthermal Thermal

Region χ2

DOF norm rolloff kT [keV] τ EM O
Si

Ne
Si

Mg
Si

S
Si

Fe
Si

NE Limb 609
339

4.60
4.84 3.3E173.8E17

2.6E17 1.851.89
1.81 5.2E96.8E9

3.8E9 1.5E-21.7E−2
1.4E−2 1.0E-11.1E−1

9.0E−2 4.8E-26.1E−2
3.6E−2 4.1E-15.1e−1

3.1E−1 4.6E-17.6E−1
1.6E−1 1.1E-11.3E−1

8.4E−2

SW Limb 613
341

3.65
3.56 2.3E172.6E17

1.9E17 1.871.89
1.78 1.5E101.7E10

1.4E10 2.0E-22.1E−2
1.9E−2 6.6E-27.1E−2

6.1E−2 3.1E-23.7E−2
2.6E−2 1.7E-11.9E−1

1.5E−1 5.8E-16.9E−1
4.7E−1 1.1E-21.4E−2

8.1E−3

Center 1222
207 . . . . . . 0.820.85

0.76 2.5E102.8E10
2.3E10 2.9E-23.2E−2

2.7E−2 1.121.27E−1
1.16E−1 5.5E-26.1E−2

5.1E−2 1.8E-12.0E−1
1.7E−1 8.6E-11.0E0

6.8E−1 4.4E-24.8E−2
4.1E−2

Center 1247
206

2.51
2.57 3.0E161 0.780.80

0.75 2.8E103.0E10
2.4E10 3.0E-23.2E−2

2.9E−2 1.17E-11.22E−1
1.15E−1 5.15E-25.58E−2

4.78E−2 1.72E-11.86E−1
1.57E−1 9.4E-11.1E0

7.4E−1 3.9E-24.3E−2
3.6E−2

NPC 256
140 . . . . . . 1.171.30

1.06 6.5E97.9E9
5.5E9 6.6E-37.2E−3

6.1E−3 2.0E-12.2E−1
1.9E−1 2.0E-12.2E−1

1.9E−1 5.9E-16.7E−1
5.1E−1 6.3E-19.1E−1

3.4E−1 2.6E-12.7E−1
2.4E−1

NPC 272
139

1.01
0.93 1.35E171 0.911.0

0.82 6.5E98.8E9
5.2E9 6.0E-36.8E−3

4.9E−3 2.4E-12.9E−1
2.2E−1 2.2E-12.6E−1

2.0E−1 5.7E-17.1E−1
4.5E−1 1.2E01.7E0

6.3E−1 3.4E-13.8E−1
3.1E−1

SPC 575
116 . . . . . . 1.111.24

0.98 2.3E102.8E10
1.8E10 5.1E-36.0E−3

4.3E−3 1.7E-12.0E−1
1.5E−1 4.9E-26.6E−2

3.4E−2 1.4E-11.8E−1
1.0E−1 1.1E01.6E0

7.2E−1 5.9E-27.0E−2
4.9E−2

SPC 593
115

0.76
0.95 8.0E161 1.091.27

0.97 2.5E103.2E10
2.0E10 4.2E-35.1E−3

3.5E−3 2.1E-12.5E−1
1.8E−1 4.6E-26.5E−2

2.9E−2 1.2E-11.7E−1
7.5E−2 1.4E02.2E0

8.5E−1 5.4E-26.9E−2
4.4E−2

116
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6.6.1 Limbs

We began by finding the maximum amount of the limb model tolerated by the northeast and

southwest limbs, assuming a spectral index of 0.60 and limb norm measured from the radio, i.e. we

raised rolloff until it threatened to exceed the data at high energies. We found that the spectra

of the northeast and southwest limb are not identical (see Figure 6.7). The northeast limb could

tolerate a maximum rolloff of 7×1017 Hz while the southwest limb could only tolerate a maximum

rolloff of 4×1017 Hz.

We then fit the data with combined thermal and nonthermal models, using VPSHOCK+limb,

shown in Figure 6.8. The results for the fit are given in Table 6.2, row 1. The combined thermal

and nonthermal fit achieved a χ2
ν∼1.8. Residuals from the fits primarily show discrepancies between

SIS 0 and SIS 1 between 0.5-1.0 keV.

With the addition of a thermal model the rolloff for the NE limb dropped to 3.3×1017 Hz

with 1σ limit of 2.6×1017 and 3.8×1017 Hz. The SW limb had a rolloff of 2.3×1017 Hz with 1σ

limits of 1.9×1017 and 2.6×1017 Hz. Despite the difference in maximum rolloff’s above, these fitted

rolloff’s only differ by 1σ. The NE limb had a temperature of 1.851.89
1.81 keV and ionization timescale

of 5.26.8
3.8 × 109 s cm−3. The total flux from 0.4 to 10.0 keV in the NE limb was 6.1×10−11 ergs

cm−2 s−1, of which 47% was from the synchrotron model. The SW limb had a temperature of

1.871.89
1.79 keV and an ionization timescale of 1.51.7

1.4 × 1010 s cm−3. The total flux in the SW limb was

4.3×10−11 ergs cm−2 s−1, of which 46% was from the synchrotron model.

6.6.2 Polar Caps

6.6.2.1 North Polar Cap

Our initial assumption in applying the simple escape model was that all regions of the remnant

would be fit with varying amounts of norm, measured in radio observations, but the same spectral

index and rolloff. However, it is immediately clear from the data that while the northeast and

southwest limbs have similar rolloff’s (average 2.8×1017 Hz), that rolloff , with norm appropriate to

the NPC and a spectral index of 0.60, clearly contradicts the polar cap data, even before addition

of a thermal model required by the lines (see Figure 6.9a).

Fits to the NPC region with a thermal-only model (shown in Figure 6.10a) yielded a χ2
ν of

1.80. Deficiencies in the thermal model can be noted in residuals near 0.7 and 0.9 keV (Ne Kα or

Fe L-shell). Full results are given in Table 6.2, row 5. The temperature of the fit was 1.21.3
1.0 keV and

τ = 6.57.9
5.5 × 109 cm−3 s . The total flux from this fit was 1.3×10−11 ergs cm−2 s−1.
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Fig. 6.7.— The northeast and southwest limbs with the maximum amount of nonthermal synchrotron

plotted.

Fig. 6.8.— Thermal and nonthermal fits to a) northeast limb and b) southwest limb.
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Fig. 6.9.— ASCA data from a) the NPC with the cap model plotted with rolloff taken from the

limb data. b) The SPC data with the cap model plotted with rolloff taken from the limb data.

Fig. 6.10.— NPC fit with a) thermal model VPSHOCK only b) both VPSHOCKand SRESC

capmodel.



120

We then tried a VPSHOCK+cap model which gave a fit with χ2
ν=1.96 (see Figure 6.10b).Values

for the VPSHOCK+cap model are given in Table 6.2, row 6. The temperature for the thermal com-

ponent was 0.91.0
0.8 keV, and τ = 6.58.8

5.2 × 109 cm−3 s . The nonthermal model had a rolloff of

1.4×1017 Hz. We were unable to place standard 1σ limits on rolloff. Addition of the nonthermal

model did not reduce χ2
ν or change residuals; in fact detailed probes of this fit found that in fact an

extremely low rolloff (i.e. virtually no nonthermal component) was preferred.

It was critical to place upper limits on the the amount of nonthermal emission even in regions

where no nonthermal component was required so we followed the following procedure: we added a

nonthermal model (beginning with α = 0.60, rolloff=2.8×1017 and norms measured from the radio

image) to the best thermal-only fit (given in Table 6.2, row 5) and then changed each of the three

nonthermal parameters in turn (α, rolloff, and norm), holding the others fixed until the χ2
ν rose by

∼2.3, a 1σ change. The results of these fits are given in Table 6.3 with the varying quantity in bold

face. With this method we found that for the NPC data the cap model had a maximum rolloff of

1.1×1017 Hz, or a maximum norm of 0.25 Jy at 1 GHz, or a spectral index α of 0.67. This places

a limit of ≤8% on the nonthermal contribution to the NPC flux.

6.6.2.2 South Polar Cap

As with the NPC, using the value of rolloff measured in the NE and SW limbs overpredicted

the observed flux in the SPC (see Figure 6.9b). Thermal fits to the SPC (see Figure 6.11a) were

significantly worse that the NPC. χ2
ν was ∼3 for a single VPSHOCK model, a two- VPSHOCK model

(not shown), and a cap+ VPSHOCK model. Interestingly, despite a much worse χ2
ν the residuals

look very similar to those in the northeast polar cap – obvious line-like residuals at 0.7 and 0.9 keV.

The thermal-only model (Table 6.2, row 7) had a temperature of 1.11.2
1.0 keV and a τ =

2.32.8
1.8 × 1010 cm−3 s . The combined fit (Figure 6.11b and Table 6.2, row 8) had a rolloff of

8.0 × 1016 Hz, temperature of 1.11.3
1.0 keV and a τ = 2.53.2

2.0 × 1010 cm−3 s .

Following the method outlined above for the NPC, we set limits on the nonthermal emission.

In the SPC we can exclude a rolloff above 1.1×1017 Hz or a spectral index, α greater than 0.67, or

a norm above 0.2 Jy at 1 GHz. The total flux of this faint region is 8.6×10−12 ergs cm−2 s−1 and

the maximum nonthermal contribution is ≤ 9%.

6.6.3 Center

We turn now to the center of SN 1006. Unlike the NPC and SPC, the center data could just

tolerate the nonthermal model with fixed rolloff, shown in Figure 6.12a. However joint fits soon

reduced the nonthermal component to ≤5% (using the method outlined in fits for the NPC). Both

combined and thermal-only models had very high χ2
ν(> 5). Thermal-only fits (Figure 6.12b and
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Table 6.3. Upper Limits on SRESC Models in SN 1006

Region Model α νrolloff [Hz] norm, [Jy@1 GHz]

North Polar Cap cap 0.60 2.8×1017 0.247
0.60 1.068×1017 1.01/0.931

0.669 2.8×1017 1.01/0.93

South Polar Cap cap 0.60 2.8×1017 0.192
0.60 1.023×1017 0.76/0.95

0.671 2.8×1017 0.76/0.95

Center center 0.60 2.8×1017 0.42
0.60 6.9×1016 2.51/2.57

0.692 2.8×1017 2.51/2.57

1Measured fluxes are given for SIS0 and SIS1. The difference is primarily

due to the location of chip gaps.

Table 6.4. Percentage Thermal and Nonthermal Emission in Regions of SN 1006

Region Thermal flux NT Flux Percent NT
10−11 ergs cm−2 s−1 10−11 ergs cm−2 s−1

NE Limb 3.24 2.83 47%
SW Limb 2.33 1.96 46%

Center 3.27 <0.18 <5%
North Polar Cap 1.25 <0.11 <8%
South Polar Cap 0.86 <0.09 <9%
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Fig. 6.11.— a) Best VPSHOCK fit to the SPC. b) Best VPSHOCK+cap fit to the SPC.

Fig. 6.12.— ASCA SIS data from the center of SN 1006 a) plotted with center model with

rolloff from the limb data, b) fit with VPSHOCK.
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Table 6.2, row 3) reported a temperature of 0.820.85
0.76 keV and a τ = 2.52.8

2.3×1010 cm−3 s . Combined

fits (Figure 6.13 and Table 6.2, row 4) gave a temperatures of 0.780.80
0.75 keV. All fits to the center

show residuals similar to the NPC and SPC.

6.7 Discussion

6.7.1 Limitations to thermal fits

As stated earlier, the focus of this work was on testing nonthermal models. Therefore only

the simplest plane shock model, VPSHOCK, was used to fit thermal emission (more sophisticated

two-shock models also failed, as discussed in §6.6). The quality of the fits varied widely across the

SNR: bright regions such as the NE limb, the SW limb and the NPC had marginal χ2
ν ∼ 1.8. Fainter

regions such as the center and the SPC were poorly fit by VPSHOCKwith χ2
ν > 5.0. However

despite different values of χ2
ν , residuals for the SPC and NPC were very similar, casting suspicion

even the apparently better NPC fits.

In paper I fits, to the total flux of the SN 1006 achieved better values, χ2
ν=1.2. Better fits may

be due to the poorer spatial resolution, since the integrated spectra in that paper were taken from

the ASCA GIS instrument, or to the dominance of the integrated spectrum by the two similar

bright limbs.

It is not a surprise that ASCA observations of SN 1006 are difficult to fit with simple thermal

models. It is well known that CCD spectra can be very difficult to fit since poor spectral resolution

results in line blends which are difficult to deconstruct. VPSHOCK, while an improvement over

simpler non-equilibrium ionization models, assumes a constant density, clearly inappropriate for

a spherical remnant. In addition, to the extent that SN 1006 is spherical, the constant velocity

and temperature assumptions in a plane shock are not good approximations. One goal of thermal

modeling is to search for evidence of ejecta. However, if heavy element ejecta are present, the

temperature will vary in a way not accounted for in the VPSHOCK model. Finally, all evidence

regarding SN 1006 indicates that thermal fits should require models for both the forward and reverse

shock, which should by all accounts still be present. Even our simple fits point toward this conclusion:

the single shock model has difficulty fitting both relatively low abundances at 0.4-1.5 keV and

very high abundances obvious in the magnesium and silicon lines, suggesting two shocks with very

different abundances. However, simple two-shock fits did not improve either the residuals or the χ2

and returned nonphysical results (see section 6.6 for details). However, despite these difficulties we

will draw some broad conclusions from the thermal parameters, tempered by the poor quality of the

fits.
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Fig. 6.13.— ASCA SIS data from the center of SN 1006 fit with center+ VPSHOCK.
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6.7.2 Thermal fits

One conclusion that can be drawn from the thermal fits in Table 6.2 is that while the thermal

fits may be incorrect, the VPSHOCK model is clearly sensitive to both thermal parameters and

abundances. Whereas we might have expected large uncertainties, the 1σ errors are rarely more

than 8%.

6.7.2.1 Shock temperatures and velocities

SN 1006 has been extensively observed in many wavelengths and shock velocities from ex-

pansion, Hα and other lines, and models of UV emission can be compared to our fits(see Table 6.5

for a summary). However there are some caveat. Fits to X-ray spectra with thermal models only

measure the electron temperature Te. (New more sophisticated X-ray models such as GNEI and

VNEI can fit the current electron temperature and the ionization-timescale averaged temperature

separately.) The shock velocity vs, however is related to 〈T 〉 ∼ 1/2(Te + Ti), for cosmic-abundances

(note that this relation may not be valid for for ejecta-dominated shocks such as SN 1006). Proper

motions (radio and optical) give instead the postshock fluid velocity v2. For a strong adiabatic shock

in a γ = 5/3 gas vs = 4/3v2. The shock velocity can be measured directly by measuring expansion

in a particular feature. In SN 1006 has been done in the radio (Moffett, Goss & Reynolds, 1993)

for all but the NPC and for the NPC at optical wavelengths (Long, Blair, & van den Bergh, 1988;

Gupta, Winkler, & Long, 2001) where the expansion is presumed to be in the plane of the sky.

Measurement of the broad component of Hα (Chevalier, Kirshner, & Raymond, 1980) (and

possibly the ratio of the broad and narrow component, but see Smith, et al. 1991) provide a second

measure of the bulk velocity v0. This method depends on the orientation of the shock to the observer,

however in the NPC all evidence points to the shock lying in the plane of the sky.

Since Te ≤ 〈T 〉 always, the electron temperature from the VPSHOCK model can be used to

calculate a lower limit to the shock velocity:

kT [keV] = 1.96 µ1 v2
s8

where µ1 is the upstream molecular weight and vs8 is the shock velocity in units of 108 cm s−1.

The upstream molecular weight depends on whether the material is ionized: unionized material

with solar abundances has a µ of 1.4 but totally ionized material only 0.6. The real answer lies

somewhere between. We can constrain this slightly: observations of Hα emission (bright in the NPC

and faint around the SNR Winkler & Long, 1997) indicate that the ambient medium cannot be fully

ionized. Given these options we will use µ=1 (equivalent to leaving µ in the equation).

For the remnant as a whole (except the NPC which is unfortunately too faint at radio wave-
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Table 6.5. Shock Temperatures for SN 1006

Reference Method Measures kTmin [keV] kTmax [keV]

Total SNR:

Moffett et al. 1993 radio expansion vs 18
(

2kpc
D

)2

57
(

2kpc
D

)2

Paper I GIS, full remnant Te 0.5 0.7

NE Limb fit, this paper Te 1.8 1.9

SW Limb fit, this paper Te 1.8 1.9

SPC fit, this paper Te 1.0 1.2

NPC:

Long et al. 1988 optical expansion vs 12
(

2kpc
D

)2

20
(

2kpc
D

)2

Gupta 2001 optical expansion vs 13
(

2kpc
D

)2

14
(

2kpc
D

)2

Kirshner et al. 1987 Hα v2 8.6 17

Smith et al. 1991 Hα v2 9.5 24

Laming et al. 1996 UV model of plasma v2 = 3/4vs 9.6 17

NPC fit, this paper Te 1.1 1.3

Center:

Wu et al. 1997 SM star Si II 55 88

Center fit, this paper Te 0.76 0.85
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lengths to measure) the expansion for the whole remnant is 0.44±0.13′′ yr−1 from radio measure-

ments by Moffett, Goss & Reynolds (1993). At a distance of 2 kpc this gives a speed of 3000 to 5400

km s−1. This measure of 〈T 〉 can be compared to fits from Paper I of the total SNR giving 770 to

660 km s−1. This indicates a range of Te/ 〈T 〉 between 2 and 5%.

Thermal fits to the north and south limb give higher temperatures and therefore higher

minimum shock speeds. Since the temperature found in Paper I is similar to that found in the

center region, this suggests that the thermal fit to the whole remnant is dominated by thermal

emission from the center. If we assume the radio expansion velocity is valid for the limbs and the

SPC we derive the following ratios: For the NE and SW limb Te

〈T 〉=8-26% and for the SPC Te

〈T 〉=4-8%.

While the NPC is too faint to measure expansion at radio wavelengths it is there that Hα is

the brightest allowing both proper motion and measurements of narrow and wide Hα components

(Chevalier, Kirshner, & Raymond, 1980). New optical expansion results give 〈T 〉 ≤ 2600-2700(
D

2kpc

)
km s−1 (Gupta, Winkler, & Long, 2001), whereas Hα line widths give model dependent

2100-2900 km s−1 (Kirshner, Winkler, & Chevalier, 1987) or 2200-2900 km s−1 (Smith, et al., 1991).

Plasma models by Laming (1998) to UV observations of the same region came up with a postshock

fluid velocity v2 (related to the shock velocity by v2 = 3/4vs) from 2210-2900 km s−1. These give a
Te

〈T 〉 for the NPC of ∼5%. From proper motions Te

〈T 〉 ∼12%, while from broad Hα Te

〈T 〉=10-17%.

In the center region of the SNR only UV observations of absorption against the SM star

provide secondary information. Line velocities of several elements, Si IV, O I, Si II give velocities

6500-4900 km s−1.

6.7.2.2 Ionization timescale and upstream density

It is not clear whether the τ measured by our our single temperature thermal applies to

the forward or reverse shock. With this caveat we provide only a few general results. Results for

the fitted ionization timescale τ fell into two broad camps: High χ2
ν for the center and SPC cast

suspicion on a high value for τ ∼ 1.5×1010 cm−2 s although we were unable to obtain better (or even

comparable) fits with lower values of τ . Given SN 1006’s age of 995 years, these imply a hydrogen

upstream density n0 ∼ 0.2 cm−3, where ne = 4.8n0.

In the NE and SW limb: τ = 5.2 × 109 s cm−3 and 1.5 × 1010 s cm−3, respectively. In the

NPC 6.5 × 109 s cm−3. These imply a density n0 = 0.040.03
0.05 cm−3 in the NPC, NE limb n0=0.030.04

0.03

cm−3 and SW limb n0 =0.0100.015
0.011 cm−3.

For an W7 explosion energy of 1.3×1051 ergs and an ejecta mass of 1.4 M¯ Dwarkadas (2000)

found that for the range in distance given by Laming (1998): 1.5 to 2.1 kpc implied a value of nH

was 0.04-0.27 cm−3. Hamilton & Sarazin (1984) argue that a value of nH > 0.1 cm−3 in the NPC
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would ionize oxygen to a point inconsistent with observations.

We will refrain from comparing elemental abundances due to the lack of good fits. However,

the small 1σ errors in Table 6.2 do indicate that the model is sensitive to changes in abundances.

6.7.3 Nonthermal results

The most striking result from the spatially resolved fit is that the SRESC submodels with

values of rolloff that fit the limbs, do not fit the spectrum in the center, NPC and SPC. There are

several possible explanations, with interesting consequences. First, it is possible that the SRESC

submodels are an accurate description of the nonthermal emission and that the value of rolloff differs

from one region to the next. Since νrolloff ∝ λ2B3 a difference in rolloff would imply a change in

the external magnetic field or the maximum wavelength of MHD waves available for scattering. The

variation of the rolloff parameter across the remnant marks a significant departure from the simple

assumptions of the escape model. We can offer no justification for this at the moment but if B or

λmax could be isolated they would be important probes for the shock physics.

In fact, as amply demonstrated in Table 6.3, the SRESC submodels cannot distinguish

between variations in rolloff and variations in spectral index (or both). It could well be that the

spectral index is changing. A large source of error in all SRCUT and SRESC fits is the uncertainty

in the radio spectral index α. An uncertainty in α of ± 0.1 at 1 GHz can change the extrapolated

flux by a factor of 7 between 2-3 keV. We can however, rule out the possibility that spectral index is

solely responsible for the variation in rolloff. While radio observations cannot constrain α to better

than ∼0.02 single dish observations firmly exclude an α as steep as 0.67. The question of a varying

spectral index across the remnant is intriguing. Many researchers have searched for variations in

radio spectral index in SNRs as an indication of changes in shock acceleration, with mixed success.

However, interferometric observations are ill suited to this kind of study (see discussion in Dyer

& Reynolds, 1999) and current observations of SN 1006 can neither support nor contradict this

premise.

A second possibility is that the physics in the synchrotron model that underlies SRESC

and submodels is inadequate to describe the nonthermal emission. One critical assumption that is

that the diffusion coefficient κ is proportional to the energy. A divergence from this assumption

at the highest energies could have serious consequences. Secondly, we have assumed cylindrical

symmetry for SN 1006 which can now firmly be laid to rest. If SN 1006 were cylindrically symmetric

observations through the center would include the same nonthermal emission (in slightly reduced

quantities) as seen in the limbs. We can now rule this out with a fair amount of certainty. This

is an uncomfortable conclusion, since it implies a preferred orientation between SN 1006 and the
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observer, but it does agree with arguments for asymmetry from Willingale et al. (1996) due to ratios

between the X-ray emission in limb and center as observed by ROSAT, and independent arguments

derived from the spectra of the SM star (Hamilton et al., 1997).

This asymmetry could take several forms. It is possible that the upstream magnetic field

not uniform. There is already evidence for symmetry breaking in the NPC: there Hα is strongest

– maybe the ambient medium outside the NPC is, for some reason, less ionized with an impact on

electron acceleration. This could affect λmax in particular. A higher density would lower Eloss
max,

although this effect is not large, since Eloss
max ∝ n−1/3.

The NE and SW limb do have slightly different spectra – rolloff for the limb model differs

by 1σ. This is not however, sufficient to explain the differences in TeV detection of the NE and

SW limb (assuming as in Paper I that the TeV detection is cosmic microwave background photons

inverse Compton scattered by the same population of electrons that produce the X-ray synchrotron

emission). The small difference in rolloff between NE and SW limbs only produces a difference of

5% in this flux at 1 TeV. Even rolloff’s differing by factor of three only produce a difference of about

70% in Emax. However, a difference in the spectral index is far more likely to produce the required

difference between synchrotron emission in the NE and SW limb to explain differences in γ-ray

detection (although, as discussed above the spectral index cannot account for the entire change).

Using the formula given in §6.3.1 and assuming a compression ratio r=4 and value B1=

3 µG as found in Paper I, we find that the rolloff of 3.33.8
2.6 × 1017 Hz in the NE limb gives a

λmax=2.21.7
1.6 × 1017 cm and in the SW limb a rolloff of 2.32.6

1.9 × 1017 Hz gives λmax=1.21.7
1.3 × 1017

cm. This results in electrons escape above 30 TeV – λ 1017 (Paper I value).

6.7.4 Effect on Paper I Results

These new investigations change few of the results in Paper I. It is clear that synchrotron

emission from the limbs dominates the total fit: the value of rolloff in Paper I was 3.03.1
2.8 × 1017 Hz,

while fits to the limbs individually found 3.3 × 1017 and 2.3 × 1017 Hz.

While in theory more precise values for the postshock magnetic field strength, the energy in

relativistic electrons and the electron efficiency (9 µG, 7×1048 ergs and 5% in Paper I) could be

obtained from limb-only fits, in fact these will change insignificantly considering the other uncer-

tainties. We hoped to obtain more accurate values for the thermal model from fits to the center,

but we were unable to do so.

6.8 Future work

ASCA observation of SN 1006 may remain valuable even in the light of new instruments for



130

their extensive and redundant coverage of the SNR. However, select regions of SN 1006 have already

been observed at much higher spatial resolution with Chandra (spatial resolution 0.5′′, spectral

resolution 20%-50% from 0.1-3.0 keV, PI Knox Long). SN 1006 is also scheduled to be observed by

XMM (6′′, 2% at 6.5 keV, nearly the same as ASCA SIS , PI Jacco Vink). Chandra observations

will reveal fine scale structure, although we predict that since they are CCD spectra, line blending

will continue to pose problems for thermal fitting. What is really needed is higher spectral resolution

such as would have been possible with ASTRO-E.

Progress on understanding the shocks in SN 1006 is hampered by more than observational

limitations. Further thermal fitting requires better models for reverse shocks as well as shock models

that accurately incorporate the effect of heavy metal abundances expected from ejecta on the shock

temperatures.

6.9 Conclusions

SRESC provides a useful framework to describe the nonthermal component in SNR shocks.

The simple model in SRESC , and extracted for cap, limb, and center works surprisingly well well

on the limbs, but fails to find nonthermal emission elsewhere.

From simple comparison we find that SN 1006 is not cylindrically symmetric about a line

parallel to the limbs, which has the unfortunate consequence of requiring the observer to have a

special location with respect to the SNR.

Thermal models suggest the density is lower by a factor of three from the SW to the NE limb.

We find that differences in the nonthermal spectrum in the two limbs are not sufficient to explain

why only the NE limb is detected in TeV γ-rays. Improvements in thermal fitting will require better

models for reverse shocks. However our derived thermal parameters make sense and are consistent

with previous results.

The usefulness of of limb, cap, and center models for other SNRs is not obvious. Most SNRs

have more complex morphology than SN 1006, and few present regions clearly appropriate for a

center or cap model. While the limb model may be appropriate for filamentary structure at the

edge of other SNRs, its curvature differs only very slightly from the SRESC model. We recall

that the model SRESC , and its derivatives have several assumptions that make them unsuitable

for SNRs of unknown type – the models presume a Sedov-phase remnant encountering an uniform

upstream medium with a constant magnetic field. SRCUT , as discussed in Reynolds & Keohane

(1999), which describes synchrotron radiation with a minimum of assumptions, may be a better

choice for SNRs about whose environment less is known.

Special thanks to Rob Roger who, on the eve of his retirement, rescued the 1988 SN 1006
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has made use of data obtained from the High Energy Astrophysics Science Archive Research Center

(HEASARC), provided by NASA’s Goddard Space Flight Center, NASA’s Astrophysics Data System

Abstract Service, and SIMBAD at Centre de Données astronomiques de Strasbourg (US mirror
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NGT5-65 through the Graduate Student Researchers Program (http://education.nasa.gov/gsrp/).
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