
ABSTRACT

HOU, LIQIANG. Dark Matter Annihilation in Small Scales. (Under the direction of Katherine
Mack).

This dissertation explores the impact of dark matter on the early universe and cosmological

observables, with a focus on dark matter annihilation effects on thermal history and dark

matter annihilation at the small scales, including the formation of the first stars and galaxies.

Dark matter annihilation, enhanced by cosmic inhomogeneities, reshapes the gas temperature

and ionization history of the early universe. Annihilation injects energy into the IGM, raising

the gas temperature and ionization fraction. This process can either suppress or accelerate the

star formation.

This study examines the effects of dark matter annihilation on the minimum cooling mass

of halos at different redshifts. Notably, this work presents the first combined calculation of dark

matter annihilation and dark matter baryon velocity offsets, which have previously been treated

separately. Our detailed calculations reveal the non-trivial effects of interplay between dark

matter annihilation and dark matter baryon velocity offsets affects the evolution of structure

formation. To explore these effects further, we extend existing models to include both molecular

and atomic cooling halos, allowing star formation to occur in lower-mass halos and offering

insights into how dark matter annihilation, streaming velocity, and cooling mechanisms shape

early observable signals.

Our study calculates the sky-averaged brightness temperature of the high-redshift 21cm

absorption signal against the cosmic microwave background, also known as the “global 21cm

signal”, including the effects of both dark matter annihilation and velocity offsets. These factors

create distinct features in the 21cm signal, providing potential observational signatures of dark

matter properties.

We also examine energy transfer processes within dark matter halos, including inverse

Compton scattering, photoionization, and pair production. By applying a refined Monte Carlo

energy-transfer calculation code, we link single-particle simulations to energy deposition

fractions. These developments will be crucial for connecting small-scale effects with large-

scale galaxy formation models and ultimately interpreting observational data from the early

universe.
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CHAPTER

1

INTRODUCTION

1.1 Structure Formation in � CDM

1.1.1 Overview

The Lambda cold dark matter ( � CDM) model is the leading cosmological framework for under-

standing the structure and evolution of the Universe. It combines the cosmological constant

(� ), representing dark energy, with CDM. The � CDM model offers a uni�ed explanation for

key astronomical phenomena, including the cosmic microwave background (CMB) radiation,

large-scale structure of the cosmos, and accelerating expansion of the Universe.

The origins of the � CDM model trace back to the early 20th century. When applying �eld

equations from General Relativity to the Universe, Einstein observed that the resulting model

of the Universe was either expanding or contracting, which con�icted with the prevailing

notion of a static Universe at the time. To resolve this, Einstein introduced the cosmological

constant ( � ) to achieve a stable, static model of the Universe. However, after Edwin Hubble's

study of distant galaxies in the late 1920s (Nussbaumer and Bieri 2011), which revealed that

the Universe is expanding (now known as Hubble's law), Einstein abandoned the cosmological

constant, famously calling it his "greatest blunder."

Despite this, the cosmological constant ( � ) was revived following a groundbreaking dis-
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covery in the late 20th century. Two independent research teams studying "standard candles"

(Type Ia supernovae) discovered that the Universe is expanding at an accelerating rate (Riess

et al. 1998; Perlmutter et al. 1999). This discovery led to a revision of the standard model of

the Universe, reintroducing the cosmological constant ( � ) as a description of the observed

acceleration, thereby shaping the modern � CDM framework.

CDM refers to hypothetical particles that move at low velocities relative to the speed of light.

In 1932, Jan Oort analyzed the rotation curves of stars in the Milky Way and observed that stars in

the outer regions were moving faster than expected based on their visible mass, suggesting the

presence of DM. In 1933, Fritz Zwicky investigated the Coma cluster of galaxies and discovered

a substantially greater mass-to-light ratio than that observed in our local neighborhood. This

discrepancy indicated missing mass and prompted Zwicky to propose the existence of "dunkle

Materie" or DM.

In 1951, Harold Ewen and Edward Purcell detected the 21-cm line, representing the spin-�ip

transition of neutral hydrogen. This line demonstrated potential for measuring the rotation of

the outer parts of galaxies. Later, in 1970, Ken Freeman analyzed photometric data, along with

observed rotation curves from 21-cm radio observations, assuming an exponential disk model.

Freeman discovered that in galaxies such as NGC 300 and M33, the observed rotation curves

peaked at larger radii than those predicted by visible matter alone, suggesting that additional

mass was required in the outer parts of galaxies.

The rotational velocity of a spherically symmetric galaxy can be expressed as

vcirc (R) =

v
t G M (R)

R
, (1.1)

where M (R) denotes the mass enclosed within radius R, and G represents the gravitational

constant. This equation provides information regarding the mass distribution within a galaxy.

A comparison of the mass distribution derived from the observed rotational velocity with

the distribution of observed luminous matter can help identify the presence of unseen mass

components.

In the 1970s, astronomers Vera Rubin and Kent Ford conducted detailed observations of

galaxy rotation curves using sensitive spectrographs (Rubin et al. 1980). Their measurements

of the rotational velocities of gases and stars at various distances from galactic centers revealed

that, contrary to expectations, the rotational velocities did not decrease with increasing distance

from the center. Instead, they remained nearly constant. This provided compelling evidence

regarding the existence of a substantial amount of unseen mass within galaxies.

The � CDM framework has made signi�cant strides in explaining and predicting various

cosmological phenomena.
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In 1965, Arno Penzias and Robert Wilson �rst discovered cosmic microwave background

(CMB) radiation, providing strong evidence supporting the Big Bang theory and indicating

that the Universe had a hot and dense phase. The � CDM model predicts anisotropies in

CMB—speci�cally, the statistical properties of temperature �uctuations across different regions.

In the 2000s, the Wilkinson Microwave Anisotropy Probe was used to conduct a detailed full-

sky survey of CMB anisotropies, con�rming the predictions of the � CDM model (Bennett

et al. 2013). This conclusion was further corroborated by the Planck satellite, launched by the

European Space Agency in 2009. Planck's observation provided more detailed data on CMB

and demonstrated excellent agreement with the predictions of the � CDM model.

Another major achievement of the � CDM model is its successful replication of the large-

scale structure formation history of the Universe. Based on this model, the structure of the

Universe originates from primordial �uctuations, which have grown over time. Within this

framework, small structures are assumed to form �rst and progressively merge into large

structures, a bottom-up scheme known as the hierarchical model.

Numerous simulations based on the � CDM model have been conducted to reproduce this

structure formation. These simulations have accurately replicated the large-scale distribution

of DM halos and galaxies, matching observations.

The theoretical framework of the � CDM model relies on the assumption of a homogeneous

and isotropic Universe on large scales, as described by the Friedmann–Lemaître–Robertson–Walker

metric.

d s2 = c 2d t 2 � a 2(t )

�
d r 2

1 � k r 2
+ r 2(d � 2 + sin2 � d � 2)

�

. (1.2)

This metric provides an analytical solution to Einstein's �eld equations, yielding the Fried-

mann equations:

•
�a

a

‹ 2

+
k

a 2
=

8� G

3
� +

�

3

2
ä

a
+

�a 2 + k

a 2
= � 8� G p + �

, (1.3)

where a denotes the scale factor, p represents pressure, � denotes total energy density, and

k represents spatial curvature. These equations were derived before Hubble's discovery of the

expanding Universe. Later, the expansion rate was quanti�ed using Hubble's law, where H � �a
a

denotes the Hubble constant. A positive value of � , the cosmological constant, indicates the

presence of a negative pressure accelerating the expansion of the Universe. Scientists often

express� in terms of energy density, as indicated in the following equation:
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� � 8� G� vac , (1.4)

where � vac denotes the vacuum energy density.

The critical density, � crit = 3H 2=8� G, is the total density required for a spatially �at universe.

The ratio of each energy density component to the critical density is denoted as 
 i = � i =� crit ,

where


 � + 
 m + 
 r + 
 k = 1 . (1.5)

In the above equation, 
 � represents the dark energy density parameter, 
 m denotes the

matter density parameter (including both DM r and baryonic matter), 
 r denotes the radiation

density parameter, and 
 k represents the curvature density parameter. Notably, in �at space,


 k = 0.

Recent measurements of these parameters were reported by the Planck 2018 collabora-

tion (Aghanim et al. 2020). The study determined the Hubble constant to be H0 = 67.66 �

0.42 kms � 1 Mpc � 1, along with the current values of the density parameters: 
 � = 0.6889,


 m = 0.3111, and 
 r = 9.139� 10� 5. This indicates that dark energy constitutes about 69%

of the Universe's total energy density. The matter density, 
 m , accounts for 31% of the to-

tal density and is composed of baryonic matter, 
 b = 0.049, and cold dark matter (CDM),


 DM = 0.2616.

Despite the notable achievements of the � CDM model in explaining and predicting large-

scale cosmic phenomena in the Universe, some challenges remain at smaller scales.

1. Small-Scale Challenges

Although the � CDM model accurately simulates large-scale structures, discrepancies arise

when comparing its predictions with small-scale observations. Notable examples of these

discrepancies include the core-cusp problem, missing satellites problem, and too-big-to-fail

(TBTF) problem:

• The core-cusp problem : The core-cusp problem refers to the discrepancy between

the predicted and observed DM density pro�les at the centers of galaxies. Simulations

based on the � CDM model predict the presence of a "cusp" wherein the CDM mass

density increases steeply toward the galaxy center. Speci�cally, these simulations suggest

a density pro�le described by � DM / r � � , where � � 1 (Navarro et al. 1997). As the

radius r approaches zero, the model predicts a steep increase in DM density � ! 1 ,

leading to a divergent pro�le at the core. However, observations of galactic rotation

curves suggest a constant-density core instead, which contradicts this "cusp" scenario

(McGaugh et al. 2001). This discrepancy highlights the need for further investigations into
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the assumptions of the � CDM model or potential modi�cations to its framework to better

align its predictions with observational data. Some studies propose that baryonic physics,

which is often not entirely included in simulations, could account for the �attening of

the central cusps of halos (Navarro et al. 1996). To resolve this issue, several alternative

models have been suggested by researchers studying DM physics. One such model is

the warm DM (WDM) framework, wherein DM particles are assumed to move at greater

velocities compared to those in the CDM paradigm. Such higher velocities lead to a �atter

density pro�le. However, the WDM framework is still debated, as it cannot explain certain

observations, such as the behavior of galactic rotation curves (Wu and Kroupa 2014),

structure of subhalos (Schneider et al. 2014), and con�guration of the Lyman- � forest

(Narayanan et al. 2000; Kuzio de Naray et al. 2010).

• The missing satellites problem : The missing satellites problem represents the discrep-

ancy between the predicted and observed number of subhalos in Milky-Way-like DM

halos. High-resolution N-body simulations predict a much steeper stellar mass function

at low masses compared to the corresponding observations (Klypin et al. 1999; Moore

et al. 1999). This discrepancy suggests that star formation may be suppressed owing to

reionization and feedback effects in smaller masses and the minimum mass for atomic

cooling in the early Universe (Bullock and Boylan-Kolchin 2017). Previous studies con-

sidering the principles of baryonic physics have predicted a low number of satellites,

accounting for feedback and reionization mechanisms (Brooks et al. 2013; Wetzel et al.

2016; Buck et al. 2019). Moreover, a study by Kim et al. (2018) revealed that observa-

tional biases may directly contribute to this problem, which could potentially be resolved

with future surveys. However, addressing this bias may lead to the "too many satellites

problem."

• The too-big-to-fail (TBTF) problem : The TBTF problem refers to the discrepancy be-

tween the circular velocities predicted by � CDM simulations and the observed velocities

of dwarf galaxies. Dissipationless � CDM simulations predict that most highly massive

subhaloes in the Milky Way are too dense to host any of its bright satellites (Boylan-

Kolchin et al. 2011). The TBTF problem is also prevalent in the M31 system and across

the Local Group. Several studies have proposed solutions to the TBTF problem by in-

corporating the effects of baryonic physics, such as supernovae feedbacks and tidal

disruption (Zolotov et al. 2012; Brooks and Zolotov 2014; Garrison-Kimmel et al. 2019).

2. Challenges in the First Light

Cosmic Dawn marks the onset of the �rst star formation processes and the end of the "Dark

Ages." The formation of the �rst stars and galaxies not only illuminated the Universe but also
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played a crucial role in reionizing the intergalactic medium (IGM). While the � CDM model

accurately predicts the large-scale structures that set the stage for early galaxy formation, the

speci�c mechanisms underlying the formation of the �rst stars and the reionization of the IGM

remain unclear, necessitating further investigation.

• Gas Cooling : During the Cosmic Dawn phase, the �rst stars, known as Population III (Pop

III) stars, formed in small DM halos. However, gas cooling processes, deemed essential

to trigger the formation of these stars, were unlikely because the metal-free primordial

gas lacked ef�cient cooling channels. Here, cooling predominantly occurred through

molecular hydrogen, which is known to be sensitive to the gas temperature and density.

Additionally, feedback from the �rst stars, such as ultraviolet (UV) radiation, supernova

explosions, and stellar winds, could either suppress or accelerate further star formation

processes (Greif et al. 2007). These complex phenomena, including cooling limitations

and feedback effects, require detailed modeling to comprehensively understand the for-

mation processes of the �rst stars. Researchers have begun examining early observational

data from the James Webb Space Telescope (JWST), offering insights into the properties

of the �rst galaxies. However, a comprehensive understanding is still forthcoming.

• Reionization : Following recombination, the Universe entered the "Dark Ages," a period

characterized by the absence of luminous sources and the predominance of neutral gas.

The formation processes of the �rst stars, primarily comprising hydrogen and helium,

produced ionizing photons that initiated the reionization of the IGM. While star-forming

galaxies are widely regarded as the primary drivers of reionization, several uncertain-

ties remain (Ellis and Silk 2008), particularly regarding their ionizing ef�ciencies and

the escape fraction of ionizing photons. These uncertainties suggest the possibility of

alternative or additional in�uencing ionizing sources. Determining the relative contribu-

tions of these sources is essential for acquiring a comprehensive understanding of the

reionization era.

• 21-cm line observations : The 21-cm line, arising from the hyper�ne transition of neu-

tral hydrogen, serves as a unique observational probe for studying the early Universe.

Observations of this line offer insights into the thermal history and spatial distribution

of neutral hydrogen during the Cosmic Dawn and reionization epochs. The Experiment

to Detect the Global Epoch of Reionization Signature (EDGES) yielded a brightness tem-

perature of T = � 500� 200 mK at a redshift of z = 17.2 (Bowman et al. 2018). However,

this strong absorption signal cannot be explained by the standard cosmological model

and remains a subject of active debate. For example, even under extreme assumptions,

such as those that disregard astrophysical heating, assume negligible reionization, and
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Figure 1.1: EDGES sky measurement of brightness temperature, displaying a strong absorption
signal at z = 17.2 with an amplitude of � 500 mK. Adapted from the work of Bowman et al.
(2018).

consider saturated coupling, the strongest predicted absorption signal is T � � 209mK at

� = 78 MHz (Barkana 2018). Thus, the result of the EDGES, which is still far beyond this

value, suggests a colder IGM than that predicted by the standard cosmological model. If

con�rmed, this observation could imply the need to consider new physics in the � CDM

model, such as DM–baryon interactions or previously disregarded cooling mechanisms

prevalent in the early Universe.

3. Mystery of Dark Matter

Although the � CDM model attributes approximately 26% of the total density of the Universe

to CDM, the nature of this DM remains unknown. Experimental endeavors, such as PandaX-4T,

LUX-ZEPLIN, and XENONnT, are yet to successfully detect DM particles, casting doubts on the

existence of prominent DM candidates, such as weakly interacting massive particles (WIMPs).

Explorations of alternative candidates, including axions and sterile neutrinos, are underway,

yielding different implications for particle physics and cosmology.

Some existing models suggest that DM particles may self-interact and annihilate into

Standard Model particles, altering observable aspects of the Universe. For instance, these inter-

actions can heat and ionize the primordial gas, leaving detectable signatures in astrophysical
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phenomena. Certain studies suggest that self-interacting DM models may help resolve small-

scale structure problems. However, the effects such interactions remain poorly understood

and require further investigation.

4. Hubble Tension

The Hubble tension refers to the signi�cant discrepancy observed between values of the

Hubble constant derived from different observational methods. Measurements derived from

observations of the early Universe, including the CMB observations of the Planck satellite, yield

a lower value of the Hubble constant ( H0 = 67.66 kms � 1 Mpc � 1). Conversely, measurements

derived from Type Ia supernovae calibrated against Cepheid variables suggest a higher value

(H0 � 74 kms � 1 Mpc � 1) (Riess et al. 2019, 2022). The Hubble tension has been con�rmed at a

high signi�cance level ( > 5� ), making it one of the most pressing challenges in the context of

the � CDM model.

Constraints in the H0 � 
 m Plane

The Hubble tension is typically analyzed by analyzing the constraints on H0 alone. However,

post-recombination cosmic evolution in the � CDM model is governed by two parameters: the

Hubble constant ( H0) and the matter-energy density fraction ( 
 m ). The analysis of constraints

based on different observations from the parameter space H0–
 m offers several advantages: (1)

This approach allows constraints derived from different observations to be treated as indepen-

dently as possible. (2) It simpli�es the consideration of single-sided constraints. (3) It enables a

more robust analysis of the compatibility between different constraints. (4) It clari�es the model

dependence of individual constraints. (5) It provides a more effective framework for testing

whether nonstandard models can resolve inconsistencies between con�icting constraints.

A systematic outlier analysis of Hubble tension in the H0-
 m parameter space was reported

in Lin et al. (2020), as presented in Fig. 1.2. Lin's study highlighted several key �ndings. Con-

straints derived from various observations, despite differing in their degeneracy directions,

converge in a common region centered around H0 � 68.5 km/ s/ Mpc and 
 m � 0.3. The exis-

tence of this region is supported by measurements such as baryon acoustic oscillations, galaxy

clustering, and the cosmic chronometer method. The local measurement of H0 from Cepheid-

calibrated Type Ia supernovae represents the most signi�cant outlier, as it does not overlap

with the common region suggested by other constraints. Similarly, time-delay strong-lensing

measurements exhibit only marginal overlap, making them the next most signi�cant outliers.

1.1.2 Halo Mass Function

The Universe follows a hierarchical structure formation process, wherein smaller structures

form �rst and progressively merge to create larger ones. The distribution of these structures is
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Figure 1.2: Different constraints in the H0–
 m parameter space derived using the �at � CDM
model. The dark and light contours denote the 68% and 95% con�dence regions of each
posterior, respectively, except for the cosmic-age bounds. Adapted from the work of Lin et al.
(2020).
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described by the halo mass function (HMF), which represents the number density of halos as

a function of their mass. The HMF offers a crucial tool for understanding the formation and

evolution of cosmic structures.

The theoretical prediction of the HMF is often derived from the Press–Schechter (PS) for-

malism (Press and Schechter 1974). According to this formalism, a collapse occurs when the

overdensity �= ¯� exceeds a critical value, � c , which is determined based on the spherical

collapse model. The PS mass function is de�ned as

d n

d M
=

v
t 2

�

¯�

M

� c

� 2(M )

d � (M )

d M
exp

�

�
� 2

c

2� 2(M )

�

, (1.6)

where ¯� denotes the mean density of the Universe, and � (M ) represents the variance of

the density �eld, smoothed using a top-hat �lter of mass M . The variance of the density �eld is

de�ned as

� 2(M ) =

Z 1

0

1

k
� 2(k )W 2(kR)d k , (1.7)

where � 2(k ) denotes the power spectrum of the density �eld, and W (kR) represents the

Fourier transform of the top-hat �lter.

The Sheth–Tormen (ST) mass function (Sheth et al. 2001) builds upon the PS formalism

by incorporating a correction for the ellipsoidal collapse model. This modi�cation results in

a more accurate representation. Consequently, the ST mass function better �ts the results

derived from numerical simulations. The ST mass function is expressed as

d n

d M
= A

v
t 2a

�

¯�

M

� c

� 2(M )

�

1+

�
� 2(M )

a � 2
c

� p �

exp

�

�
a � 2

c

2� 2(M )

�

, (1.8)

where A = 0.3222,a = 0.75, and p = 0.3.

Fig. 1.3 illustrates the HMFs calculated using the PS (black line) and ST (blue line) for-

malisms at a redshift of z = 20. To improve the accuracy of HMF calculations, several alternative

models have been proposed. For comparison, the above �gure also includes HMFs derived

from the models proposed by Reed et al. (2003) (orange line), Tinker et al. (2008) (red line), and

Watson et al. (2013) (green line). As illustrated, the PS mass function predicts steeper slopes at

the high-mass end, whereas the ST mass function produces a shallower slope.

The HMF serves as an important probe for studying the nature of DM, as the abundance of

halos is sensitive to the properties of DM, particularly on small scales.

For instance, if DM retains residual thermal energy, the collapse process is modi�ed by

free-streaming effects. This phenomenon has been studied in the context of WDM (Schneider
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Figure 1.3: HMFs derived from different models at a redshift of z = 20, represented by various
colors.

et al. 2013; Lovell et al. 2014), revealing that the HMF is suppressed on small scales compared

to the predictions of the CDM model, depending on the mass of WDM particles. Consequently,

the HMF can constrain the mass of WDM particles. A semi-analytical model of hidden DM

(HiDM) has been developed by Lin et al. (2023). This model is more general and predicts a

suppression of the HMF on small scales, similar to the WDM model. Hence, the HMF constrains

the characteristic parameters of the HiDM model. Similarly, fuzzy DM (FDM) modi�es the

HMF through quantum pressure effects. Marsh and Silk (2014) demonstrated that the linear

power spectrum of structure formation is suppressed below a characteristic scale in the FDM

model. Furthermore, Schive et al. (2016) conducted collisionless N-body simulations with FDM

initial conditions, while Kulkarni and Ostriker (2022) used an analytical model and observed

fewer halos when employing sharp-k windows. Fully resolved FDM dynamics simulations have

revealed that the HMF is sensitive to both initial conditions and the nonlinear dynamics of

FDM (May and Springel 2023).

The direct impact of DM annihilation and decay on the structure of DM halos is generally

expected to be minimal. This is because according to perturbation theory, the density of

baryonic matter is much lower than that of DM. However, the in�uence of the structure of DM

halos on energy injection from DM annihilation can be substantial (Mack 2014a). This topic

will be covered in detail in the following section.
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1.1.3 Alternative DM Histories

Efforts to understand the nature of DM have led to the exploration of alternative models that

deviate from the conventional CDM paradigm, including those considering WIMPs. These

alternative models often involve modi�cations to the thermal coupling of DM particles to

baryons, which can substantially alter structure formation in the Universe. This section delves

into the dynamics of the single-species HiDM model as a representative example.

The HiDM model represents a generalized hypothesis of DM, initially proposed in 2006

by Chen and Tye (2006) and was further developed by Lin et al. (2023). Unlike the standard

assumption that DM was initially in thermal equilibrium with Standard Model particles in a

hot "soup" HiDM exhibits an entirely different thermal history from Standard Model particles.

The dynamic evolution of HiDM is governed by the following properties:

1. Given that HiDM is hidden from the Standard Model sector, its entropy per unit comoving

volume remains constant.

2. Given the existence of only a single DM species, the particle number per unit comoving

volume also remains constant.

Numerical solutions for the background evolution of HiDM have been derived for both

thermal equilibrium and free-streaming cases. The results reveal minimal differences between

the two scenarios, further indicating that both cases can be well approximated by a universal

parameterized function of the scale factor a . This function is determined by the scale factor

at the relativistic-to-nonrelativistic transition of DM particles, denoted by â . Notably, the

background evolution of HiDM is particularly sensitive to the transition time, which depends

on the initial temperature-to-mass ratio. However, the evolution is relatively insensitive to other

particle properties such as mass, intrinsic degrees of freedom, or initial chemical potential.

The �uctuation dynamics of HiDM differ from those in the standard CDM scenario. Specif-

ically, when HiDM is relativistic, overdensities oscillate. If the relativistic-to-nonrelativistic

transition occurs late enough, these oscillations can visibly suppress the formation of small-

scale structures.

The suppressed mass scale in the presence of HiDM is expressed as

M sup '
4�

3

�
�

ksup

� 3

� 0
m = 1.6� 1011h 2M �

‚
RT

eq

0.001

Œ2.5

, (1.9)

where RT
eq denotes the characteristic parameter associated with the relativistic-to-nonrelativistic

transition of DM particles, â , which is de�ned as

RT
eq =

â

aeq
. (1.10)
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Figure 1.4: HMFs calculated using the extended PS formalism with HiDM. A suppressed mass
scale,M sup, exists, below which the number of halos is reduced compared to the � CDM case at
all times. Adapted from the work of Lin et al. (2023).

In the above equation, aeq = 4.15� 10� 5=
 m h 2 represents the scale factor at matter–radiation

equality in the standard CDM model. Furthermore, a value of RT
eq < 1 indicates that the transi-

tion occurred before the standard matter–radiation equality.

Fig. 1.4 illustrates the impact of the extended PS formalism on nonlinear structure formation,

focusing on for calculating the HMF. The number of low-mass halos is substantially suppressed

for masses below M sup across all redshifts. This mass scale, M sup, remains independent of red-

shift owing to the suppression of the initial linear power spectrum. Such suppression in�uences

the abundance of dwarf galaxies and other small-scale structures, potentially addressing some

small-scale structure problems in the CDM model.

1.1.4 Streaming Velocity

In the early Universe, baryons remained coupled to the photon �eld until recombination,

whereas DM had decoupled much earlier. This resulted in a relative velocity between DM and

baryonic matter, known as the streaming velocity. At recombination, the root-mean-squared

value of the streaming velocity was approximately 30 km/ s (Tseliakhovich and Hirata 2010).

This bulk relative motion substantially in�uenced early structure formation in the Universe on

scales of a few comoving megaparsecs.
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Figure 1.5: Variance in the relative velocity perturbation, � 2
v b c , per log k at different redshifts,

recalculated using CAMB.

Tseliakhovich and Hirata (2010) demonstrated that streaming velocity fundamentally in-

�uenced the formation and evolution of small-scale structures in the early Universe. Their

analysis revealed that streaming velocity suppressed the formation of small-scale structures,

diminishing the small-scale power spectrum. Speci�cally, they observed a � 15%reduction in

the power spectrum around the Jeans scale ( kJ � 200Mpc � 1) at a redshift of z = 40. This sup-

pression reduced the number of early halos and altered their spatial distribution, introducing a

scale-dependent bias and stochasticity in the �rst halos. Further research by Dalal et al. (2010)

revealed that streaming velocity potentially in�uences gas density and star formation, thereby

impacting observable signatures.

The variance of streaming velocity is de�ned as

� 2
v b c (k ,z) =

1

2� 2
k 3Pv b c (k ,z) , (1.11)

where Pv b c (k ,z) denotes the power spectrum of the relative velocity perturbation. The

root-mean-square of the relative velocity is expressed as

v 2
rms(z) =

Z 1

0

1

k
� 2

v b c (k ,z)d k . (1.12)
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Figure 1.6: Root-mean-square value of the relative velocity as a function of the redshift.

Fig. 1.5 illustrates the variance in relative velocity perturbation, � 2
v b c , as a function of the

scalek . The plot was created using the cosmological code CAMB(Lewis and Challinor 2011),

with the latest parameters derived from Planck observations. As depicted, the power spectrum

of the relative velocity declines rapidly for k > 0.5 Mpc � 1, indicating that relative velocity effects

are negligible on large scales.

Fig. 1.6 shows the root-mean-square (rms) of the relative velocity as a function of redshift

given by Equation. 1.12. The relative velocity is largest at high redshifts and decreases as (1+ z)

with the Universe evolves. At recombination redshift z � 1000, the relative velocity is about 30

km/ s.

Numerical simulations conducted by Stacy et al. (2011) and Greif et al. (2011) con�rm this

effect, demonstrating that streaming velocity reduced gas fractions, which in turn suppressed

star formation in the early Universe. Regions with higher streaming velocities formed stars

later and with low ef�ciency. Further, in a theoretical study, Fialkov et al. (2012) developed a

semi-analytical model to capture the impact of streaming velocities on the minimum cooling

mass required for gas cooling and star formation. Notably, this model relates the value of

streaming velocity to the minimum circular velocity, as follows:

V 2
cool = V 2

cool,0 + (� vbc)2 , (1.13)
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where Vcool,0 = 3.714km/ s represents the circular velocity of a halo in the absence of stream-

ing velocity, and � = 4.015 denotes the scale of the streaming velocity. Both parameters are

derived from previous simulations. The above relationship suggests the suppression of star

formation in low-mass halos.

Recent studies have extended the concept of streaming velocity to various contexts. For

instance, Muñoz (2019) performed calculations of the 21-cm signal while considering streaming

velocity to examine its effect. Their results revealed that considerations of streaming velocity

during 21-cm signal calculations are essential. Moreover, Kulkarni et al. (2021) and Schauer et al.

(2019b, 2021) developed comprehensive numerical simulations of early star formation. These

simulations incorporated the effects of streaming velocity. Their results indicated that streaming

velocity increases the required minimal cooling mass and leads to stronger suppression of star

formation.

The impact of streaming velocity on structure formation can be quanti�ed using the PS

formalism as follows:

The number density of halos with mass M at redshift z is expressed as

n (M ,z) =

v
t 2

�

¯�

M

� c

� 2(M ,z)

d � (M ,z)

d M
exp

�

�
� 2

c

2� 2(M ,z)

�

, (1.14)

where � (M ,z) denotes the variance in the density �eld smoothed with a top-hat �lter of

mass M .

� 2(M ,z) =

Z 1

0

1

k
� 2

v b c (k ,z)W 2(kR)d k , (1.15)

where W (kR) denotes the Fourier transform of the top-hat �lter.

1.2 First Stars

The �rst stars, also known as Pop III stars, represent the earliest generation of stars formed

in the Universe. The formation of these stars marked the end of the cosmic dark ages and

the beginning of a transformative era in cosmic history. The �rst stars played a crucial role in

shaping the reionization history of the Universe(Gnedin and Ostriker 1997; Loeb and Barkana

2001; Kitayama et al. 2004) and the production of heavy elements (Furlanetto and Loeb 2005;

Wise et al. 2011), which led to the subsequent evolution of galaxies (Barkana and Loeb 2001a).

Thus, investigating the �rst stars is important for understanding structure formation in the

early Universe, which ultimately in�uenced the development of the present-day Universe.

High-redshift studies (Bromm et al. 2002; Bromm 2013a; Hirano et al. 2015) have demon-
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strated that �rst stars formed within low-mass halos, with typical masses ranging from 105 �

106M � , known as minihalos, at redshifts of z � 10� 30. The formation of these stars was gov-

erned by structure formation and the rise in �uctuations. Consequently, their formation was

directly in�uenced by small-scale physics, including parameters such as streaming velocity

(Greif et al. 2011). In turn, the �rst stars exerted feedback on their surrounding gas, signi�cantly

affecting subsequent star formation and galaxy formation in various ways (Greif et al. 2010).

Thus, understanding the formation of the �rst stars is vital for unraveling the complexities of

small-scale physics, which remain uncertain in current cosmological research.

Simulations and theoretical studies have signi�cantly advanced our understanding of the

formation of the �rst stars. However, direct observations of these stars remain elusive. The JWST

is expected to detect objects at very high redshifts. However, at present, its sensitivity is far below

that required for observing individual �rst stars (Schauer et al. 2020). Gravitational lensing can

magnify the light emitted from �rst stars, increasing the likelihood of their detection. However,

the scarcity of suf�ciently massive Pop III stars makes this method extremely challenging

(Rydberg et al. 2013). Furthermore, distinguishing high-redshift Pop III galaxies from non-Pop

III stellar populations is dif�cult. This process requires careful analysis of observational data

(Trussler et al. 2023; Katz et al. 2023).

An alternative method for studying the �rst stars involves the analysis of the 21-cm signal

of neutral hydrogen, arising from the spin-�ip transition. This signal depends on the spin

temperature, which is in�uenced by the formation of the �rst stars. When the �rst stars formed

in the early Universe, they emitted abundant Lyman- � photons, which coupled the spin tem-

perature of neutral hydrogen with the gas temperature through the Wouthuysen–Field effect,

thereby altering the 21-cm signal. Furthermore, the X-ray radiation emitted by the �rst stars

heated the IGM via photoionizations, causing the 21-cm signal to transition from absorption to

emission. Previous studies have examined various other factors in�uencing the 21-cm signal,

such as the initial mass function of the �rst stars (Gessey-Jones et al. 2022) and stellar feedback

processes, such as the Lyman–Werner (LW) feedback (Fialkov et al. 2013a). Recent studies

have further examined the in�uence of DM–baryon relative velocities on the 21-cm signal

(Barkana 2016; Schauer et al. 2019a), highlighting its critical role in understanding the early

universe. Observations of the 21-cm signal, therefore, provide rich information to constrain

the formation processes of the �rst stars.

This section focuses on the current understanding of the formation processes of �rst stars.

We begin by discussing the �rst-star formation mechanisms, including gas infall and cooling.

We also outline the impact of streaming velocity on �rst-star formation. Additionally, we explore

the feedback effects of the �rst stars. For more comprehensive discussions on these topics,

readers are referred to reviews by (Loeb et al. 2008; Bromm 2013b; Klessen and Glover 2023).
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1.2.1 Gas Infall and Cooling

Jeans Mass

In 1902, Sir James Hopwood Jeans assessed the stability of a gas cloud under its self-gravity and

derived a criterion for its collapse, now known as Jeans instability. This instability describes the

interplay between the thermal pressure of the gas and gravitational force. When the mass of

the gas cloud exceeds the Jeans mass, its self-gravity overcomes the internal pressure, leading

to gravitational collapse of the cloud.

On cosmological scales, the Jeans length scale, � J, is de�ned by two characteristic timescales:

the free-fall timescale, t ff =
p

3�= 32G� 0, and the pressure timescale, which represents the

time required by sound waves to transverse the gas, t s = � J=cs. Gas collapse occurs when the

gravitational free-fall timescale is shorter than the pressure timescale t ff < t s.

Following recombination in the early Universe, the primordial gas was thermally coupled

to CMB photons via Compton scattering. At this time, the pressure of the primordial gas was

adequately to resist gravitational forces. However, at redshifts z ® 150, the kinetic temperature

of the gas decoupled from the CMB temperature. As the Universe expanded, the gas cooled

nearly adiabatically, with its temperature scaling as TK / a � 2. In regions where the gas pres-

sure became insuf�cient to counteract gravitational contraction, gas clouds collapsed into

structured DM halos.

For a system comprising both DM particles and baryons, the total density is expressed as

� = � B + � DM . Based on linear perturbation theory, we can derive the following:

d 2� X

d t 2
+ 2H

d � X

d t
= 4� G� (
 X � X + 
 B � B ) (1.16)

d 2� B

d t 2
+ 2H

d � B

d t
= 4� G� (
 X � X + 
 B � B ) � c 2

s

k 2

a 2
� B , (1.17)

where � X and � B denote the overdensities of DM particles and baryons, respectively, and

cs represents the speed of sound in the gas which depends on the temperature of the gas.

When the gas temperature scales as T / 1=a , we have the following:

� B

� X
�

1

1+ k 2=k 2
J

, (1.18)

where k J = a
p

4� G�= cs denotes the Jeans scale. At very high redshifts of z > 150, when

the gas temperature is coupled to the radiation temperature via Compton scattering, the Jeans

scale remains constant because
Æ

�= c 2
s / a � 1. Thus, at these epochs, the Jeans scale becomes

independent of the redshift.
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For calculations of the Jeans scale, the speed of sound in an ideal gas can be expressed as

cs =

v
t 5kBT

3� mN
, (1.19)

where kB denotes the Boltzmann constant, and � = 1.22 represents the mean molecular

weight of neutral primordial gas.

The Jeans wavelength is de�ned as

� J = cs

v
t 3�

32G� 0
. (1.20)

Further, the Jeans mass, de�ned as the total mass in the Jeans scale, is

M J =
4

3
�� 0

•
� J

2

‹ 3

. (1.21)

At redshifts of z ® 150, the electron population in the gas becomes insuf�cient to sustain

Compton scattering. Consequently, the gas temperature decouples from the CMB photons

and decreases faster than the radiation temperature.

The �ltering scale, introduced in Gnedin (2000), provides a general solution for the baryonic

fraction. This solution matches the numerical solution at high k values, even though it is derived

for small k .

The relationship between the overdensities of DM particles and baryons is expressed as

� B

� X
= 1 �

k 2

k 2
F

+ O(k 4) . (1.22)

The �ltering scale, kF , is de�ned as

1

k 2
F

=
1

D+ (t )

Z t

0

d t 0a 2(t )
D̈+ (t 0) + 2H (t 0) �D+ (t 0)

k 2
J(t 0)

Z t

t 0

d t 00

a 2(t 00)
. (1.23)

Under the assumption of a �at universe, where the growth factor D+ (t ) = a (t ), this equation

simpli�es to

1

k 2
F

=
3

a

Z a

0

d a 0

k 2
J(a 0)

–

1 �
•

a 0

a

‹ 1
2
™

. (1.24)

For gas in a halo with mass M h at redshift z , the total density is approximated as � =

� DM + � B � � DM because the baryonic density was negligible compared to the DM density in

the early Universe. The speed of sound, cs, in this gas is expressed as
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cs(z ,M ) =

v
u
t 5kBTg (z ,M )

3� mN
, (1.25)

where Tg (z ,M ) denotes the gas temperature in a halo of mass M at redshift z , � = 1.22

represents the mean molecular weight of neutral primordial gas, mN denotes the proton mass,

and kB represents the Boltzmann constant.

The Jeans mass,M J, is de�ned as the mass enclosed within the Jeans scale:

M J =
4

3
��

•
� J

2

‹ 3

, (1.26)

where � J = 2�= kJ represents the Jeans wavelength.

To estimate the gas fraction within DM halos, computing the time-averaged Jeans mass (Gnedin

2000; Naoz and Barkana 2007; Barkana and Loeb 2011), also known as the �ltering mass M F, is

essential. The �ltering mass is de�ned as

M 3=2
F (a ) =

3

a

Z a

0

M 3=2
J (a )d a 0

‚

1 �

v
t a 0

a

Œ

, (1.27)

where a denotes the scale factor, and M J represents the Jeans mass at a given redshift.

The gas fraction inside halos, denoted as fgas, follows the equation (Gnedin 2000; Naoz and

Barkana 2007) below:

fgas(z ,M ) = fb,0

•
1+

�
2�= 3 � 1

� •
M F

M

‹ � ˜ � 3=�

, (1.28)

where M F denotes the �ltering mass at redshift z (Equation 1.27), and � = 0.7, as rec-

ommended by Tseliakhovich et al. (2011). The cosmic baryon fraction, fb,0(z), is expressed

as

fb,0(z) =

 b (z)


 m (z)
(1+ 3.2rLSS) , (1.29)

where 
 b (z) and 
 m (z) denote the density parameters for baryons and DM particles, re-

spectively, at redshift z , and rLSS represents a redshift-dependent function de�ned in Naoz and

Barkana (2007).

Cooling Mass

As the baryonic gas in the surrounding environment falls into the halo, the gas collides with

itself. These collisions and rapid compression lead to the formation of shocks. DM halo shock-

heated primordial gas within virial halos to high temperatures which is determined by the mass
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Figure 1.7: Gas cooling within halos. Small halos with M ® 105 solar mass cannot support
gas cooling and star formation. Conversely, halos with 106 to 107 solar mass support ef�cient
H2 cooling and the formation of �rst stars. Meanwhile, massive halos such as those forming
supermassive black holes support the formation of massive objects. Adapted from Wise (2019).

of the halo. This gas, primarily comprising hydrogen and helium, required further cooling to

enable star formation. This gas cooling occurred through various processes, including atomic

line cooling and molecular line cooling.

Atomic cooling becomes signi�cant at high temperatures ( T > 104 K). At these temperatures,

gas cools by emitting radiation at speci�c wavelengths, such as the Lyman- � line of hydrogen.

This cooling mechanism is ef�cient in massive halos with virial masses M vir > 108M � . However,

in lower-mass halos, atomic processes are not suf�cient to cool the gas effectively.

Molecular cooling dominates at lower temperatures, where the gas cools by emitting radia-

tion through the rotational and vibrational transitions of molecules. This process is effective in

halos with M vir ® 107M � and supports the formation of the �rst stars.

In low-mass halos, gas cooling is predominantly driven by molecular cooling, with H2

serving as the primary coolant. Generally, the cooling rate must be suf�cient to lower the gas

temperature, thereby enabling gravitational gas collapse and star formation. In this scenario,

multiple factors in�uencing the cooling process, including the abundance of key elements

(e.g., hydrogen, helium, and electrons) involved in H2 production and cooling, as well as the

reaction and cooling rates, which depend on the gas temperature Tg .

The minimum cooling mass, M cool , corresponds to the lowest mass of star-forming halos

below which the gas is unable to cool ef�ciently and form stars.

The minimum cooling mass, M cool , corresponds to the critical virial temperature, Tcrit , at

which cooling proceeds effectively. The relationship between halo mass and virial temperature
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has been established by (Barkana and Loeb 2001b), as follows:

Tvir = 1.98� 104
� �

0.6

� •
M

108h � 1M �

‹ 2=3 •

 m ,0


 m

˜1=3 •
1+ z

10

‹
K , (1.30)

where � denotes the mean molecular weight of fully neutral primordial gas, which has a

value of approximately � � 1.22. By setting the virial temperature to Tvir = 104 K, the atomic

cooling threshold can be derived as

M atom � 1.83� 107
•

 m ,0


 m

˜ � 1=2 •
1+ z

10

‹ � 3=2

M � . (1.31)

where 
 m ,0 denotes the cosmic matter density today, and 
 m is the cosmic matter density

at redshift z .

1.2.2 Radiative Feedback

Lyman-Werner Feedback

When the �rst stars formed, they emitted abundant Lyman-Werner (LW) photons within

the energy range of 11.2–13.6 eV. These photons dissociated molecular hydrogen within the

primordial gas, suppressing further star formation.

In practice, LW photons increase the minimum cooling mass (O'Shea and Norman 2008;

Safranek-Shrader et al. 2012; Schauer et al. 2021), thereby suppressing star formation in low-

mass halos. Previous studies have incorporated the effects of LW feedback in simulations

using �xed intensities (Machacek et al. 2001; Wise and Abel 2008) and derived the following

relationship between cooling mass and the intensity of LW feedback:

M cool (z ,FLW) = M cool,0(z)
�
1+ 6.96(FLW)0.47

�
, (1.32)

where M cool,0 represents the cooling mass in the absence of LW feedback, and FLW = 4� JLW

denotes the LW �ux, measured in units of 10 � 21 ergss� 1 cm � 2 sr� 1 Hz � 1.

Recent high-resolution simulations have demonstrated the effect of LW feedback. For

instance, Schauer et al. (2021) employed the AREPOmoving-mesh cosmological hydrodynamics

code to simulate the effects of LW photons at a redshift of z � 17 with intensities 0 � JLW � 0.1.

For these photons, their model accounted for self-shielding using the TREECOLalgorithm

proposed by Clark et al. (2011) and computed the effective self-shielding factor following the

methodology proposed by Draine and Bertoldi (1996). Their results revealed minor differences

under a weak background JLW = 0.01 and signi�cant differences under a stronger background

JLW = 0.1. These researchers examined two characteristic masses: the minimum mass threshold
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(M min ) and average mass threshold ( M ave). Both masses scale with the square root of the LW

background intensity, expressed as

log M ave = 6.0174� (1+ 0.166�
p

JLW)

log M min = 5.562� (1+ 0.279�
p

JLW)
. (1.33)

Similarly, Kulkarni et al. (2021) examined the formation processes of the �rst stars under

UV (LW) radiation using the adaptive mesh re�nement code ENZO. Their model incorporated

the updated self-shielding prescription outlined by Wolcott-Green and Haiman (2019) and

reaction rates detailed by Glover (2015). Their �ndings revealed that the minimum cooling

mass increases as redshift decreases, following a power law relationship, (1 + z)� 1.58, when

JLW = 0. For non-zero LW backgrounds, the cooling mass is de�ned as

M cool (JLW) = M 0 (1+ JLW)� 1

•
1+ z

21

‹ � (JLW )

, (1.34)

where M 0 = 1.96� 105M � , � 1 = 0.80 and � (JLW) = 1.64(1+ JLW)0.36.

X-ray Feedback

X-ray feedback exerted two distinct effects on molecular cooling in the early Universe: 1.

Positive Feedback through Ionization: X-ray photons ionized the IGM, increasing the electron

fraction. The resulting free electrons catalyzed the formation of molecular hydrogen via the

H – channel. Ultimately, the abundance of H2 enhanced cooling ef�ciency and promoted star

formation in low-mass halos. 2. Negative Feedback through Heating: X-ray heating raised the

temperature of the IGM, increasing the Jeans mass and inhibiting gas cloud collapse into halos.

Overall, elevated temperatures complicated the gravitational collapse of gas clouds, thereby

suppressing star formation.

Ricotti (2016) conducted an analytical study on the combined effects of LW feedback and

X-ray radiation. During their analysis, they identi�ed a global feedback loop wherein positive

feedback dominates at low X-ray intensities, whereas negative feedback dominates at high

X-ray intensities. The X-ray background radiation emitted by Pop III stars indirectly in�uences

their formation rates. Notably, Ricotti (2016) identi�ed a critical X-ray background intensity

relative to the LW background, beyond which its effects on early Population III stars formation,

become signi�cant.

Park et al. (2021) further explored these effects through simulations considering varying LW

and X-ray radiation intensities. Their results con�rmed the critical X-ray background intensity

identi�ed by Ricotti (2016). They also observed that X-rays reduce the critical mass more

substantially under strong LW backgrounds. Additionally, the effects of X-ray self-shielding
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were found to be negligible in most cases. They also demonstrated that X-ray irradiation

enhanced cooling within collapsing protostellar cores by increasing the H2 fraction, ultimately

reducing the speed of sound in gas and accretion rates and consequently lowering the �nal

masses of Pop III stars.

Recent simulations conducted by Hegde and Furlanetto (2023) examined the effects of X-ray

feedback on the minimum halo mass required for star formation. Their �ndings highlighted the

importance of X-ray feedback at redshifts z ® 15. Speci�cally, at low X-ray intensities, their sim-

ulations demonstrated that positive feedback from photoionization dominates, lowering the

minimum mass threshold for star formation. However, as the X-ray intensity increases, heating

effects take precedence, raising the minimum mass threshold for star formation. This demon-

strates a clear transition from positive to negative feedback with increasing X-ray background

intensity.

Streaming Velocity

Previous studies have examined the impact of streaming velocity on the formation of �rst stars

using high-resolution simulations (Greif et al. 2011; Stacy et al. 2011). Their �ndings indicate

that streaming velocity increases the minimum cooling mass threshold for star formation,

thereby suppressing star formation. Fialkov et al. (2012) expressed the cooling threshold in

terms of the halo circular velocity, Vcool , which depends on the minimum circular velocity,

Vcool,0, and streaming velocity, vbc. This relationship is expressed as

V 2
cool = V 2

cool,0 + (� vbc)2. , (1.35)

where Vcool,0 denotes the minimum circular velocity without streaming velocity effects.

Recent simulations (Kulkarni et al. 2021; Schauer et al. 2019b, 2022) have further explored

Pop III star formation by considering the effects of both streaming velocity and LW radiation

feedback. In particular, Schauer et al. (2021) derived the relationship between the cooling mass

and streaming velocity as follows:

log M ave = log M 0 + 0.4159�
vbc

� rms

log M min = log M 0 + s �
vbc

� rms

, (1.36)

where M 0 denotes the cooling mass without streaming velocity effects, � rms represents the

root-mean-square value of the streaming velocity, and s = 0.614(1 � 0.560
p

JLW) accounts for

the LW feedback effect.

Meanwhile, Kulkarni et al. (2021) observed that the minimum cooling mass increased with

24



streaming velocity. Notably, the cooling mass found to be

M cool (JLW, vbc) = M 0 (1+ JLW)� 1 (1+ vbc=30)� 2

� (1+ JLWvbc=3)� 3

•
1+ z

21

‹ � (JLW ,vb c )

� (JLW, vb c ) = 1.64(1+ JLW)0.36(1+ vb c =30)� 0.62

� (1+ JLWvb c =3)0.13

, (1.37)

where M 0 = 1.96� 105M � , � 1 = 0.80, � 2 = 1.83, � 3 = � 0.06.

1.3 DM Constraints

1.3.1 Overview

Fritz Zwicky's study of the Coma cluster of galaxies in 1933 provided the �rst notable evidence

for the existence of DM. Applying the virial theorem to the Coma cluster, Zwicky calculated a

substantially higher mass-to-light ratio compared to that observed in the local solar neighbor-

hood, suggesting the presence of unseen mass. Around the same time, in 1932, Jan Oort studied

the rotational curves of stars in the Milky Way, �nding evidence supporting DM. Speci�cally,

Oort observed that the rotational speeds of stars in the outer regions of the galaxy were much

higher than expected based on the visible mass. Recently, with advancements in cosmology

from both theoretical and observational perspectives, strong evidence supporting the existence

of DM has been obtained from various sources. Consequently, DM has become a cornerstone

of the standard cosmological framework. One of the most recent evidence for DM is provided

by the high-precision CMB data recorded by the Planck satellite.

Despite extensive evidence supporting the existence of DM, its nature remains unclear. DM

generally interacts very weakly with light, making it invisible to telescopes and other instru-

ments that rely on electromagnetic radiation for detection. This lack of direct DM detection

has resulted in a wide range of theoretical DM candidates. An alternative explanation to the

existence of DM is provided by a modi�cation of gravitational theory, such as modi�ed Newto-

nian dynamics (MOND) (McGaugh 2015). While MOND successfully explains the rotational

curves of galaxies without invoking DM particles, it has been ruled out by observations such as

the Bullet Cluster (Clowe et al. 2004) and the CMB structure (Dodelson 2011).

Massive compact halo objects (MACHOs), such as black holes, brown dwarfs, and neutron

stars, were once considered plausible DM candidates. These objects emit little to no light.

However, searches for MACHOs have revealed that they cannot account for the observed

amount of DM in the Universe.
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Currently, the prevailing hypothesis is that DM comprises a new type of particle that in-

teracts very weakly with ordinary matter. This idea is supported by the failure of the Standard

Model of particle physics to offer a viable candidate for the primary component of DM. Con-

siderable theoretical efforts have been devoted to the proposition of new particles as DM

constituents. However, stringent observational constraints limit the plausible properties of

these candidates (Taoso et al. 2008).

The most popular DM candidates include WIMPs, axions, and sterile neutrinos. Among

these, WIMP are particularly compelling as they naturally explain the observed DM abundance.

Ultralight DM (ULDM), also known as FDM, is an intriguing DM candidate, characterized

by extremely light bosons with masses in the range of 10� 22 to 10� 20 eV/ c 2. ULDM effectively

addresses the core-cusp problem as the quantum pressure of its particles smooths out the

density distribution of DM halos. Additionally, ULDM provides the minimum DM halo mass

threshold for star formation, offering a solution to the missing satellites problem (Khlopov

et al. 1985). ULDM signals lie far below current detection thresholds, making direct detection

challenging. On cosmological scales, ULDM suppresses small-scale mass �uctuations relative

to CDM, which alters galaxy formation processes and can be probed in a Lyman- � forest (Hui

et al. 2017). Moreover, if ULDM suppresses mass �uctuations on minihalo scales, which are

beyond the limits of current Lyman- � forest observations, ULDM detection based on the 21-cm

signal may become feasible in the future (Kadota et al. 2014; Shimabukuro et al. 2020).

This section outlines the current constraints on the direct and indirect detection of DM,

along with prospects for future experiments aimed at DM detection.

1.3.2 Direct Detection

The direct detection of DM relies on the measurement of nuclear recoils induced by the scatter-

ing of DM particles from nuclei. Given that DM particles are expected to be electrically neutral,

their interactions with electrons are negligible. However, they can transfer energy to nuclei,

producing quanti�able nuclear recoils. Major experimental efforts toward the direct detection

of DM have focused on massive DM candidates, such as WIMPs. Lighter DM particles such as

axions can also be considered. However, compared to WIMPs, axions are substantially lighter

and hence cannot transfer adequate energy to nuclei to generate detectable signals.

The expected number of events in a direct DM detection experiment with a live time T and

detection ef�ciency � is expressed as

N = T

Z Ehig h

El ow

d ER� (ER)
d R

d ER
, (1.38)
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Figure 1.8: Most recent results of spin-independent WIMP–nucleus scattering cross-sections,
derived from direct detection experiments. Adapted from Navas et al. (2024).

where ER denotes the energy of nuclear recoil, and d R=d ER represents the differential

scattering rate, which depends on the WIMP–nucleus scattering cross-section.

The energy range of detectable events is determined by the energy threshold of the ex-

periment. WIMPs with masses mD M < 1 GeV=c 2 fail to produce detectable nuclear recoils,

complicating direct DM detection in this region of parameter space.

Figure 1.8 illustrates the latest results of spin-independent WIMP–nucleus scattering cross-

sections obtained from direct detection experiments, imposing the most stringent constraints

in the 10–100 GeV range. The DAMA experiment (Bernabei et al. 2010, 2018), using NaI scin-

tillators for model-independent observations of annual modulation, has reported a 12.9�

detection in the 2–6 kVee (electron-equivalent energy) energy range, based on 20 years of data.

However, this result is inconsistent with those of other experiments. For instance, although

COSINE-100 (Adhikari et al. 2019) and ANAIS-112 (Amaré et al. 2021) used similar detection

tools, COSINE-100 reported a potential null result, whereas ANAIS-112 con�rmed a null result

at the 99% level.

The detection of massive DM particles above 10GeV / c 2 primarily relies on noble gas detec-

tors, particularly xenon-based detectors such as PandaX-4T (Meng et al. 2021), LUX-ZEPLIN

(LZ) (Aalbers et al. 2023), and XENONnT (Aprile et al. 2023) and argon-based detectors such as

DEAP-3600 (Ajaj et al. 2019) and DarkSide-50 (Agnes et al. 2023). Conversely, for the detection

27



of lighter DM candidates ( mDM ® 5 GeV/ c 2), cryogenic detectors, such as EDELWEISS using

Ge (Hehn et al. 2016), SuperCDMS using Si/ Ge (Agnese et al. 2018), and CRESST-III using

CaWO4 (Abdelhameed et al. 2019), prove more sensitive. Meanwhile, ionization detectors, such

as CDEX (Liu et al. 2019), NEWS-G (Arnaud et al. 2018), SENSEI (Abramoff et al. 2019), and

DAMIC (Aguilar-Arevalo et al. 2020), can detect energy thresholds down to single-electron

levels, enabling the search for sub-gigaelectronvolt DM. Directional detectors, such as MIMAC

(Santos et al. 2011) and DRIFT (Battat et al. 2017), focus on the directional information of

nuclear recoils. These detectors have the potential to probe cross-sections below the neutrino

�oor, even under low exposure.

1.3.3 Indirect Detection

Indirect detection offers an alternative approach for probing the properties of DM. Its primary

advantage lies in its potential to complement direct detection methods. For instance, while

direct DM detection techniques are effective in the gigaelectronvolt to teraelectronvolt en-

ergy range, they suffer from poor sensitivity in the kiloelectronvolt to gigaelectronvolt range

(Undagoitia and Rauch 2015). Unlike direct DM detection, indirect DM detection seeks the

byproducts of DM annihilation or decay, such as gamma rays, cosmic rays, and positrons. The

observable signals emitted by these byproducts are closely linked to astrophysical processes,

which can both simulate and help the interpretation of potential DM signatures.

The rate of DM decay is mathematically expressed as

� decay =
� DM

mDM

1

� DM
, . (1.39)

Meanwhile, the rate of DM annihilation is de�ned as

� anni = s
� 2

DM

m 2
DM

h� v i , (1.40)

where � DM denotes the DM particle lifetime before decaying, � DM denotes the DM density,

mDM represents the DM mass, h� v i signi�es the thermally averaged annihilation cross-section

of DM, and s is a factor that assumes a value of 1 / 2 if a DM particle annihilates with its

antiparticle or 1 / 4 if the DM particle is a Majorana particle (i.e., the DM particle is its own

antiparticle).

Generally, the successful detection of DM annihilation or decay signals requires a DM

density that is suf�ciently high to produce quanti�able effects. Given that DM annihilation

signals scale with � 2, high-density regions, such as the centers of galaxies, are anticipated

to yield strong signals. Dwarf spheroidal galaxies (dSphs) also represent popular targets for
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indirect DM detection owing to their high DM content and low gas concentration. Consequently,

the gamma-ray and X-ray emissions of dSphs include distinct baryonic backgrounds. Although

DM signals emitted from dSphs are anticipated to be substantially weaker than those from the

Galactic Center (GC) (Daylan et al. 2016), dSphs still serve as independent and reliable DM

probes.

Gamma rays are among the most promising signatures of DM annihilation. The spectra of

the resulting photons depend on the annihilation channel. When DM particles directly annihi-

late into photons, they typically produce monoenergetic photons with energies near the rest

mass of the DM particles. For massive DM particles in the gigaelectronvolt to teraelectronvolt

energy range, very-high-energy gamma rays serve as compelling signatures. This is because

only limited known astrophysical processes generate gamma rays with energies above the

gigaelectronvolt scale.

To date, numerous experiments have focused on detecting gamma rays originating from DM

annihilation near the GC. These include Fermi-LAT (Foster et al. 2023), MAGIC (Abe et al. 2023),

HESS (Abdallah et al. 2018), and VERITAS (Ryan 2023). These experiments offer high energy

resolutions and sensitivities across the ten gigaelectronvolt to hundreds of teraelectronvolt

range. The �ndings of these experiments have capped the upper limits of the DM annihilation

cross-section at h� v i ® 10� 28 � 10� 30 cm³ / s.

As detailed before, dSphs also represent critical targets for experiments aimed at detecting

gamma rays emitted from DM annihilation. Initially identi�ed in surveys such as the Sloan

Digital Sky Survey and the Dark Energy Survey, these galaxies have been extensively analyzed

using gamma-ray telescopes, such as Fermi-LAT (Di Mauro et al. 2023), HAWC (Albert et al.

2018), VERITAS (Acharyya et al. 2024), and MAGIC (Acciari et al. 2022). Depending on the

assumed DM density pro�les, the DM annihilation cross-section limits in dSphs can reach

h� v i � 10� 23 � 10� 24 cm3/ s (Hiroshima et al. 2019).

When DM particles annihilate into neutrinos, the resulting signals can be detected us-

ing neutrino telescopes. Generally, DM annihilation within high-density regions such as the

Earth's core, the Sun, or the galactic halo can produce detectable neutrinos (Pérez de los Heros

2017). IceCube, a ground-based telescope, detects neutrinos through Cherenkov radiation.

This telescope is sensitive to neutrinos with energies greater than 10 GeV, making it suitable

for detecting DM particles with masses ranging from teraelectronvolts to petaelectronvolts.

While such DM signals are yet to be detected, IceCube has constrained the velocity-averaged

annihilation cross-section into neutrinos to h� v i ® 10� 23 cm³ / s for petaelectronvolt-scale DM

particles (Abbasi et al. 2023). Similar results have been obtained from ANTARES (Bouta et al.

2021), and further improvements are anticipated from next-generation neutrino telescopes

such as KM3NeT (Šaina et al. 2023), P-ONE (Agostini et al. 2020), and IceCube-Gen2 (Aartsen
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et al. 2021).

Positrons or antiprotons that cannot be accounted for by standard astrophysical processes

may originate from DM annihilation or decay. These particles can be detected using charged-

particle detectors such as PAMELA (Donato et al. 2009) and AMS-02 (Cui et al. 2017; Krommydas

and Cholis 2023). Experiments using these detectors are particularly sensitive to DM particles

with masses mDM > 10 GeV and impose stringent conditions on DM particles with masses

mDM ¦ 80 GeV. These constraints are more restrictive than those derived from the gamma-ray

analysis of dSphs. The above experiments have constrained cross-section limits to h� v i ® 10� 26

cm³ / s for the b b̄ annihilation channel, with slightly weaker limits for channels such as e+ e �

and � + � � .

The 21-cm signal provides a unique observational window into the reionization history of

the Universe and is also regarded an important probe in the �eld of particle physics. Telescopes

such as SARAS (Singh et al. 2017, 2022) and LEDA (Bernardi et al. 2016) offer high-resolution

measurements of the global redshifted brightness temperature and are anticipated to play

pivotal roles in the observation of the 21-cm signal from the early Universe. Similarly, radio

telescopes such as LOFAR (Patil et al. 2017), HERA (DeBoer et al. 2017), and the upcoming SKA

(Ciardi et al. 2015) are capable of setting stringent upper limits on the 21-cm power spectrum

at high redshifts, thereby aiding in constraining models of reionization and uncovering the

properties of the early Universe.

The EDGES collaboration reported the detection of a global 21-cm absorption feature at a

redshift of z � 17, corresponding to a frequency of around 78 MHz Bowman et al. (2018). This

unexpectedly deep signal suggests that the IGM may be colder than that predicted by standard

cosmological models. If con�rmed, this �nding could provide insights into critical constraints

on interactions among DM particles and baryons (Barkana 2018; Liu et al. 2019).

Certain DM candidates, such as WDM, exhibit a suppressed power spectrum on small scales,

which delays the formation of galaxies. While these effects are observable using cosmological

probes such as the Lyman- � forest, they can be easily detected using the 21-cm signal when

spectral suppression extends down to the scale of minihalos. Theoretical analyses predict that

future observations of 21-cm line �uctuations will help identify constraints on the properties

of DM candidates, such as WDM (Sekiguchi and Tashiro 2014; Sitwell et al. 2014) and FDM

(Kadota et al. 2014; Shimabukuro et al. 2020). Recent studies, based on the EDGES result, have

reported a value of m TH > 6.1 keV for the WDM mass and a value of ma > 8 � 10� 21 eV for the

ultralight axion mass (Schneider 2018). Primordial black holes emit UV photons, which ionize

neutral hydrogen and potentially alter the globally averaged signal, in�uencing the reionization

process (Hektor et al. 2018; Mena et al. 2019). Furthermore, the 21-cm signal is sensitive to the

annihilation of DM particles. Such DM annihilation can deposit energy into the IGM, raise the

30



medium's temperature, affect the ionization fraction, and produce Ly- � photons. However, the

speci�c effects of DM annihilation depend on the types of DM particles and can be probed

using the 21-cm signal (Furlanetto et al. 2006; Valdes et al. 2007a). This topic will be reviewed

in Chapter 4.
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CHAPTER

2

DARK MATTER ANNIHILATION AND

COSMIC STRUCTURE

2.1 DM Annihilation Models

This section brie�y introduces the fundamental assumptions underlying DM annihilation and

offers insights into energy deposition in the primordial gas.

DM annihilation proceeds under the premise that DM particles (denoted by � ) interact

with one another and annihilate into Standard Model particles such as photons, neutrinos,

or electrons, depending on the annihilation channel. The particles produced by annihilation

subsequently interact with the IGM. In scenarios where DM particles annihilate into photons

or electrons, these secondary particles interact with the IGM primarily through ionization,

excitation, or other physical processes, depositing energy that heats the gas and ionizes neutral

hydrogen. This energy deposition alters the thermal and ionization history of the primordial

gas.

Energy deposition from DM annihilation in�uences both the IGM and other cosmological

phenomena. For instance, the heating and ionization of the IGM can delay the formation of the

�rst stars and galaxies, thereby shifting the timeline of cosmic reionization. These processes

also leave observable imprints on the CMB power spectrum and the global 21-cm signal,
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offering new avenues to test and constrain DM models.

The process of DM annihilation can be mathematically expressed as

�� ! b b̄ , (2.1)

where b , b̄ denotes the resulting Standard Model particles.

The DM annihilation rate per unit volume and time, p , is de�ned as the product of the

annihilation cross-section, � , and the number densities of the two DM particles:

p = h� v i n1n2 , (2.2)

where n1 and n2 denote the number densities of two distinguishable DM particles, and

h� v i represents the average-velocity-weighted annihilation cross-section.

For identical DM particles, such as Majorana particles (which are their own antiparticles),

the annihilation rate depends on the square of the number density, n , of the DM particles:

p =
1

2
h� v i n 2 . (2.3)

Here, the factor 1
2 accounts for the double counting of particle pairs during annihilation.

2.1.1 Cross Section

Despite signi�cant efforts toward the examination of the properties of DM, its fundamental

nature remains elusive. The annihilation of DM is possible.

The annihilation rate of DM is proportional to the average-velocity-weighted cross-section,

h� v i , which depends on the DM mass ( mDM ) and temperature ( T ). In most cases, the above

cross-section can be expanded as a power series of velocity v :

h� v i = � 0 + � 2v 2 + � 4v 4 + � � � , (2.4)

where � i denote model-dependent coef�cients. In the CDM paradigm, where the average

velocity v � 1, the cross-section is dominated by the �rst term � 0, which is independent of

velocity. This phenomenon is referred to as s-wave annihilation. The second term, proportional

to v 2, corresponds to p-wave annihilation, while the third term, proportional to v 4, corresponds

to d-wave annihilation. Owing to the low velocities involved, these higher-order terms are

dif�cult to constrain using current data. Consequently, this dissertation exclusively focuses on

s-wave annihilation. The cross-section of DM annihilation is determined solely by the type of

DM.
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Figure 2.1: 95% excluded cross-section based on Planck's upper limit, using the TT, TE,
EE+lowP Planck likelihood. The left panel shows the constraints on s-wave annihilation into
e+ e � ; the Right panel shows the constraints on s-wave annihilation into 

 . Adapted from Liu
et al. (2016).

Given the average-velocity-weighted cross-section, h� v i , the DM annihilation rate can be

derived as

pann =
h� v i

mDM
� 2

DM , (2.5)

where � DM denotes the DM density.

Fig. 2.1 illustrates the relationship between the annihilation cross-section and DM mass

for s-wave annihilation. The power associated with DM annihilation is described as

pann � 4.1� 10� 28 cm3 s� 1 GeV� 1 , (2.6)

where pann = feffh� v i =mDM (Collaboration et al. 2014; Liu et al. 2016). Furthermore, feff

represents a constant that approximates the deposited energy fraction, which depends on the

properties of the DM particles and cosmological parameters.

2.1.2 Energy Deposition

According to current experimental constraints, the interactions between DM particles and

baryons are extremely weak. However, DM annihilation is regarded as one of the primary

mechanisms through which DM particles interact with Standard Model particles and deposit
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energy into the IGM.

When DM particles annihilate into Standard Model particles, such as electrons, positrons,

or gamma rays, these primary particles either decay or interact with the surrounding matter

and radiation. These interactions produce secondary products, such as lower-energy photons,

which further interact with their environment. Overall, the interactions of these primary and

secondary particles with their environment in�uence the energy deposition pro�le of each

annihilation channel.

The primary processes for energy deposition vary by particle type:

• Electrons and Positrons : Depending on their energy, electrons and positrons interact

with baryons through mechanisms such as Compton scattering, electron ionization,

Coulomb scattering, or inverse Compton scattering (ICS) with background radiation.

• Gamma Rays: Leveraging their speed and low cross-section, high-energy gamma photons

traverse long distances without signi�cant absorption. However, they can engage in

processes such as pair production and photoionization under certain conditions.

• Neutrinos : Owing to their extremely weak interactions with Standard Model particles,

neutrinos contribute minimally to local energy deposition. However, they may leave

imprints in dense environments such as stellar cores or become detectable through

high-resolution experiments.

The mechanisms of energy deposition from DM annihilation in primordial gas can be

categorized as heating, which represents the primary channel for such energy deposition, and

ionization and excitation. When DM particles annihilate into particles such as electrons and

positrons, these primary particles interact with the surrounding medium, transferring kinetic

energy and thus raising the gas temperature. Meanwhile, high-energy electrons can also ionize

or excite hydrogen and helium atoms in the primordial gas. Moreover, photons produced

during annihilation can ionize atoms via photoionization. Additionally, DM annihilation can

produce Ly- � photons that can subsequently photodissociate H – . LW photons within the

11.2–13.6 eV energy range can photodissociate H 2 molecules, which are critical for early gas

cooling.

Early numerical models (Shull and van Steenberg 1985; Chen and Kamionkowski 2004)

investigating energy deposition by 3 keV electrons through heating and ionization in gas clouds

are referred to as SSCK. These models provide estimates of the fraction of the electrons' energy

deposited through ionization:

f ion =
1 � xe

3
, (2.7)
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where xe denotes the electron fraction in the gas cloud.

Although the SSCK model has been widely used and validated by recent calculations,

discrepancies arise at higher electron energies. Speci�cally, for electron energies exceeding

the megaelectronvolt range, ICS becomes dominant. Consequently, the process enters the

relativistic regime rather than the classical Thomson regime. To address this, Slatyer (2016)

recomputed the energy deposition pro�les of injected particles with energies ranging from

the kiloelectronvolt to the multi-teraelectronvolt scale. Their most recent numerical results

suggest higher deposit ef�ciency of DM annihilation in the early universe (Lopez-Honorez

et al. 2016).

2.2 21cm Cosmology

2.2.1 Overview

The spin-�ip transition of neutral hydrogen (HI) emits radiation with a frequency of 1.42 GHz,

corresponding to a wavelength of 21-cm. The 21-cm line, �rst predicted by H. van de Hulst in

1944 and detected by Ewen and Purcell in 1951, provides a unique observational window into

the Dark Ages and is recognized as one of the most critical probes for examining the thermal

and ionization states of the IGM.

The 21-cm line remains visible at high redshifts exceeding six as long as the IGM remains

neutral (Carilli et al. 2002). Observations of the 21-cm signal can offer valuable insights into

various aspects of cosmology, including the initial condition of in�ation (Loeb and Zaldarriaga

2004), nature of dark energy (Wyithe et al. 2008), formation of the �rst stars and galaxies

(Furlanetto et al. 2006), reionization history (Pritchard and Loeb 2008), and properties of DM

(Valdes et al. 2007a; Loeb and Wyithe 2008; Natarajan and Schwarz 2009).

The intensity of the 21-cm signal is determined by the ratio of hydrogen atoms in the singlet

state to those in the triplet state, described by the spin temperature TS:

n1

n0
=

g1

g0
exp

•
�

T�

TS

‹
, (2.8)

where g1 = 3 and g0 = 1 denotes the spin degeneracy factors of the triplet and singlet states,

respectively, and T� = 0.068 K corresponds to the energy of the 21-cm transition.

At very high redshifts ( z > 300), collisional coupling dominated owing to the high gas

density. Hydrogen–hydrogen, hydrogen–electron, and hydrogen–proton collisions constituted

the primary types of interactions. The total collision rate is de�ned as
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Figure 2.2: 21-cm cosmic signal. Adapted from Pritchard and Loeb (2012).

xc = x HH
c + x eH

c + x pH
c

=
T?

A10T


�
� HH

1� 0 (Tk)nH + � eH
1� 0 (Tk)ne + � pH

1� 0 (Tk)np

� , (2.9)

where � denotes the scattering rate as a function of the kinetic temperature ( TK ), as detailed

in previous studies (Liszt 2001; Kuhlen et al. 2006; Pritchard and Loeb 2012). During this time,

the kinetic temperature was coupled to the CMB temperature through Compton scattering.

Hence, the spin temperature was also indirectly coupled to the CMB temperature, resulting in

temperature TS � TK � T
 and no detectable 21-cm signal.

Once the kinetic temperature decoupled from the CMB temperature, the gas cooled adia-

batically. Thus, the kinetic temperature dropped faster than the CMB temperature, leading to

TK < T
 . The spin temperature also dropped below the CMB temperature, producing the 21-cm

signal as an absorption line. Over time, the expansion of the Universe reduced the gas density,

weakening collisional coupling. Consequently, the spin temperature gradually recoupled with

the CMB temperature, causing the 21-cm signal to fade around z � 30.

The period of Cosmic Dawn ( z ® 30) was characterized by the formation of the �rst stars

and galaxies. These stars and galaxies produced numerous Ly- � photons, which enabled the

spin temperature to recouple with the kinetic temperature through the Wouthuysen–Field

effect (Wouthuysen 1952; Field 1958). During this period, the spin temperature was lower than

the CMB temperature, indicating TS � TK < T
 . This led to the appearance of absorption lines.

As stars continued to form, the kinetic temperature of the gas rose above the CMB temperature

causing the spin temperature to exceed the CMB temperature, TS � TK > T
 . At this stage,

emission lines appeared.
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The Lyman- � coupling coef�cient ( x� ), related to the Wouthuysen–Field effect, is de�ned

as

x� =
16� 2T?e2 f �

27A10T
 mec
S� J� , (2.10)

where A10 = 2.85 � 10� 15s� 1 denotes the spontaneous emission coef�cient, f � = 0.4162

denotes the oscillator strength of the Lyman- � transition, and S� represents the correction

factor of order unity.

As the Universe underwent reionization ( z < 6), the 21-cm line disappeared entirely.

Throughout cosmic history, the spin temperature of the gas was in�uenced by several

factors: First, it was coupled to the CMB temperature TCMB = T0(1 + z) through Compton

scattering, where T0 = 2.725K, denotes the present-day CMB temperature. Next, it was coupled

to the kinetic temperature TK through collisional coupling. Finally, it was coupled to the Lyman-

� radiation �eld through the Wouthuysen–Field effect. Thus, overall, the spin temperature

is determined by the interplay between the CMB temperature, kinetic temperature, and the

coupling mechanisms that connect these temperatures to the spin temperature. The spin

temperature can be expressed as

T � 1
S =

T � 1

 + x� T � 1

� + xc T � 1
K

1+ x� + xc
, (2.11)

where T� represents the color temperature of the Lyman- � radiation �eld, which is coupled

to the kinetic temperature T� = TK in the current context. xc denotes the collisional coupling

coef�cient, which depends on the kinetic temperature TK .

Fig. 2.2 illustrates an example of the 21-cm signal, as presented by Pritchard and Loeb

(2012). During the Dark Ages (until a redshift of z � 30), early absorption lines were pro-

duced. Subsequently, the spin temperature was coupled to the kinetic temperature through

the Wouthuysen–Field effect, resulting in a deep absorption feature near z = 20. Subsequently,

the gas was reheated by X-ray radiation emitted by the �rst stars and galaxies, leading to the

appearance of emission lines at redshift z � 15. Finally, the 21-cm signal disappeared owing to

the reionization of the Universe.

The optical depth of a gas cloud can be expressed as

� v =

Z

d s
•
1 � exp

•
�

E

kBTS

‹‹
3c 3hA10

32� kB � 2
0

� (� ) , (2.12)

where � 0 = 1420.4 MHz represents the frequency of the 21-cm signal, and � (� ) denotes the

line pro�le.

To observe the 21-cm signal in practice, the difference between the CMB temperature and
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Figure 2.3: Dependence of the 21-cm signal on X-ray and Lyman- � emissivity. Adapted from
Pritchard and Loeb (2012).

the spin temperature of neutral hydrogen ( TS) is determined. The observable quantity is the

differential brightness temperature, � Tb , which represents the contrast between the CMB and

21-cm signal. For small optical depths, ( � 
 ), � Tb can be approximated as follows:

� Tb =
TS � TCMB

1+ z

�
1+ e � � 


�

= 27xHI (1+ � b )
•
1 �

TC M B

TS

‹ �
1

1+ H � 1 @vr
@r

� •
1+ z

10

‹ � 1
2
•

0.15


 m h 2

‹ 1
2
�


 b h 2

0.023

�

mK
, (2.13)

where xHI denotes the neutral fraction of hydrogen, and � b represents the baryon overden-

sity.

2.2.2 DM Impacts

Previous studies have extensively investigated the impact of DM annihilation on the 21-cm

signal. For instance, Natarajan and Schwarz (2009) reported that DM annihilation could leave
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a distinctive detectable signature in the 21-cm signal. Building on this, Evoli et al. (2014) calcu-

lated the 21-cm brightness temperature during the Cosmic Dawn phase, speci�cally utilizing

the 21cmFAST code to explore the effects of � � ! � + � � annihilation. LH16 developed a com-

prehensive history of brightness temperature for the �� ! e+ e � annihilation, demonstrating

that certain DM mass ranges could leave notable signatures on the 21-cm signal. Cheung et al.

(2019) utilized spin temperature data derived from the EDGES experiment to simulate the

21-cm signal for various DM models. Basu et al. (2020) examined the combined impacts of DM

annihilation with DM–baryon scattering on the 21cm signal, observing that these interactions

could substantially modify the expected signal. Cang et al. (2023) examined the inhomogeneous

effects of DM annihilation, demonstrating that these effects could enhance the amplitude

of �uctuation in 21-cm power spectrum by some orders of magnitude, providing a potential

method for distinguishing between various DM models. Finally, Qin et al. (2023) utilized the

DarkHistory code to investigate the impact of DM annihilation on molecular hydrogen ( H2)

generation for star formation. Their �ndings revealed that exotic energy transfers from DM

annihilation could either accelerate or delay the formation of the �rst stars, highlighting the

complex interplay between DM annihilation and early star formation.

Lopez-Honorez et al. (2016) (hereafter LH16) investigated the annihilation of DM particles

with masses in the megaelectronvolt to gigaelectronvolt range into electron–positron pairs.

They employed the energy deposition fraction calculation method proposed by Liu et al. (2016)

and observed enhancements in both the temperature and ionization fractions during the epoch

of reionization. The contribution of DM annihilation to the thermal history was computed using

the Comsoreccode for the early Universe, while 21cmFASTwas used for the corresponding

calculations during the period from Cosmic Dawn to reionization. Several parameters such as

the HMF, X-ray ef�ciency, and DM particle mass in�uenced the calculated spin temperature.

Among the models analyzed in LH16, those with mDM � 100 MeV demonstrated the most

pronounced effects.

While these previous studies have preliminarily examined the 21-cm signal, comprehensive

study of this spectral feature, combined with the formation of the �rst stars, requires a more

detailed treatment. Although some studies have accounted for the effects of the stellar LW

feedback, the properties of molecular cooling halos, which play notable roles in the formation

of the �rst stars, are often omitted in simulations using 21cmFAST. Omissions of molecular

cooling halos may delay the onset of star formation during simulations (e.g., Evoli et al. (2014);

Lopez-Honorez et al. (2016)). Furthermore, DM annihilation may impact the star formation

rate in such low-mass halos, altering early stellar feedback mechanisms. The energy deposition

fraction, which varies with both the redshift and DM mass, also demands careful consideration.

Previous studies (Basu et al. 2020; Cang et al. 2023) have relied on energy deposition fractions
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Figure 2.4: Global 21-cm signal and the power spectrum of �uctuations at a scale of 0.1 Mpc � 1,
plotted for �ve different DM masses, with DM annihilation cross-sections saturating the Planck
CMB limits. Adapted from Lopez-Honorez et al. (2016).
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Figure 2.5: The 21cm global signal as a function of redshift, with dark matter decay for two �du-
cial dark matter models. The shaded contours bracket the effect of H2 self-shielding. Adapted
from Qin et al. (2023).
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derived from numerical models (Shull and van Steenberg 1985; Chen and Kamionkowski 2004),

commonly referred to as the SSCK model). While these models have been widely adopted and

validated by recent calculations, they are based on 3 keV electrons, and discrepancies emerge

with increasing electron energy. Hence, an improved modeling method is crucial for accurately

understanding and constraining the effects of DM annihilation (Slatyer 2016). Furthermore, the

inclusion of DM–baryon velocity offsets is essential for self-consistency. These offsets suppress

structure formation on small scales and alter the impact of DM annihilation.

Fig. 2.4 represents the global 21-cm signal and the power spectrum of �uctuations as a

function of redshift. Dark matter annihilation modify the 21-cm signal by altering the thermal

history of the universe. Fig. 2.5 represents the impact of different models of dark matter decay

on the 21cm global signal as a function of redshift.
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CHAPTER

3

MODELING ANNIHILATION IN DARK

MATTER HALOS

3.1 Model

The energy from dark matter (DM) annihilation events arises not only from a smooth back-

ground but is also signi�cantly ampli�ed in regions with structured DM distributions. Because

the DM annihilation rate is proportional to the square of the DM density, annihilation events

are substantially more intense in dense regions and become further enhanced by the presence

of inhomogeneities, as expressed by the relation ¯� 2
� � ( ¯� � )2.

The energy released through DM annihilation is deposited into the primordial gas, altering

the thermal history of the intergalactic medium (IGM) through both heating and ionization

processes. Moreover, the properties of gas within dark matter halos are shaped by this energy

deposition, which can either suppress or accelerate early gas cooling required for Population III

(Pop III) star formation. On one hand, DM annihilation increases the ionization of the primor-

dial gas, thereby raising the electron fraction and catalyzing molecular hydrogen production.

On the other hand, the heating from DM annihilation elevates the temperature of the IGM,

leading to an increase in the Jeans mass, which inhibits gas collapse into halos. Consequently,

gas cooling is suppressed because of exotic energy injection in thermal energy, and the star
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formation become less ef�cient due to the low-density environments.

In this study, I investigate the energy deposition from dark matter annihilation in dark

matter halos and evaluate their impact on early star formations. In order to obtain potential

power in calculating observable signals, such as the luminosity function and the global 21cm

signal, which can be compared with future observations, I include a comprehensive discussion

of related processes, such as Lyman-Werner (LW) feedback and streaming velocity effects.

3.1.1 Dark Matter Annihilation Power

For self-annihilating dark matter (DM), the annihilation power per unit volume is described by

the equation

d E

d V d t
=

h� v i

mDM
� 2

DM , (3.1)

where h� v i represents the thermally averaged annihilation cross-section, � DM is the DM

density, and mDM denotes the mass of the DM particle.

For the case of s-wave dark matter annihilation, the cosmic microwave background (CMB)

spectrum provides an upper limit on the cross-section, as reported by the Planck collaboration:

pann � 4.1 � 10� 28 cm3 s� 1 GeV� 1, where pann = feffh� v i =mDM (Collaboration et al. 2014; Liu et al.

2016). Here, feff is a constant proxy for the deposited fraction, which depends on the dark matter

particles and cosmological parameters. Given the value of feff, one can derive constraints on

the dark matter annihilation cross-section.

In this study, I employ a constant mass-weighted cross-section,

h� v i =mDM = 10� 27 cm3 s� 1 GeV� 1.

This value is allowed for feff ® 0.1 and serves as a useful benchmark to check against current

limits. Additionally, I assume annihilation occurs through the channel � � ! e+ e � .

Since the annihilation rate depends on the squared density of dark matter, the formation

of collapsed halos results in a boost in the cosmic dark matter annihilation power. I separate

the power of dark matter annihilation into two parts: d E
d t = ( d E

d t )smooth + ( d E
d t )struct . The former

comes from the smooth dark matter background, and the latter comes from collapsed dark

matter structures. In terms of the boost factor B(z), accounting for this structure effect, the

annihilation power at redshift z can be written as
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d E

d V d t

�
�
�
�
injected

=
d E

d V d t

�
�
�
�
smooth

+
d E

d V d t

�
�
�
�
struct

=
h� v i

mDM
� 2

DM,0 (1+ z)6 (1+ B(z)) ,

(3.2)

where � DM,0 indicates the average DM density in the current time. The component of annihila-

tion power from structure is related to the smooth component by

d E

d V d t

�
�
�
�
struct

= B(z)
d E

d V d t

�
�
�
�
smooth

. (3.3)

The boost factor depends on the halo mass function and halo pro�le, written in Cirelli et al.

(2009) as

B(z) =
1

� 2
DM,0 (1+ z)3

Z 1

M min
h

d N

d M
d M

Z Rvir

0

� 2
DM (r )4� r 2d r , (3.4)

where d N
d M is the comoving halo mass function (HMF), and � DM (r ) is the dark matter halo density

pro�le. The minimum halo mass, M min
h , representing the smallest mass of halos, depends on

the model of dark matter particle. As noted in Evoli et al. (2014); Lopez-Honorez et al. (2016)

and Mack (2014b), this value affects the intensity of the structured boost factor of the dark

matter annihilation signal, altering the 21cm signal. I use the value M min
h = 10� 9M � in this

paper.

For the halo mass function, I use the Sheth-Tormen model with parameters a = 0.75 and

p = 0.3, identi�ed as optimal �ts (Sheth et al. 2001). I also employ the mass-concentration

relation from Diemer and Joyce (2019) and use the Navarro-Frenk-White (NFW) pro�le to

characterize dark matter halos, which provides the total dark matter annihilation for a given

halo.

Note that the deposited energy is highly dependent on the chosen cosmological and DM

models. These dependencies include the density pro�le, mass concentration relation, and

halo mass function, as detailed in Mack (2014b); Schon et al. (2014). Additionally, our model

assumes DM annihilates entirely into e+ e � pairs and lies in the approximate 10 MeV to GeV

mass range.

The DM energy deposition into gas is modelled as follows: the deposited fraction fc (z)

assumes that power deposition is proportional to the injected power at the same redshift, going

into each channel c for heating, HI and HeI ionization, and Ly- � photons. Thus, the deposited

energy in channel c per unit time per baryon is given as
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� DM
c (z) =

1

nB
fc (z)

d E

d V d t

�
�
�
�
injected

, (3.5)

where nB is the mean baryon number density at redshift z .

The deposited energy in Equation 3.5 represents the energy deposited into the background

IGM. For gas in overdense regions, such as dark matter halos, the energy deposit rate is given

by the total DM energy from both local DM and the global DM background: � DM
c = � DM

c,local + � DM
c,BG.

The local deposit rate originates from local dark matter annihilation, which could heat and

ionize the surrounding gas (Schön et al. 2017; Clark et al. 2017). However, the local effect

depends heavily on the interaction between annihilation products and baryonic particles in

the gas environment, which remains poorly understood. In this study, I focus on the global

DM energy deposition. For the global annihilation background, I assume the energy deposit

rate per baryon in halos is the same as that in the IGM. Therefore, I consistently use � DM
c (z)

from Equation 3.5 throughout this work.

3.1.2 Structure of Dark Matter Halos

For halo mass function, I utilize the Sheth-Tormen model with parameters a 0 = 0.75 and

p 0 = 0.3, identi�ed as optimal �ts (Sheth et al. 2001). This section addresses two primary

pro�les, Navarro-Frenk-White (NFW) pro�le and the Einasto pro�le.

The NFW pro�le, suggested by Navarro et al. (1996), is a universal pro�le based on large-

scale N-body simulations. The density of dark matter � (r ) as a function of radius from the

center of halo, is de�ned as

� (r ) =
� s

r
rs

�
1+ r

rs

�2 , (3.6)

where � s is the characteristic density, and rs is the scale radius. The NFW pro�le predicts a

cusp core with slope r � 1 at small radii r � rs, and slope r � 3 at outer regions.

The Einasto pro�le proposed by Einasto (1965) generalized the inner density pro�le of NFW

as an additional free parameter. As a result, the Einasto pro�le does not have a sharp cusp as

the NFW pro�le. The density pro�le � (r ) is written as

� (r ) = � se � 2
� [( r

rs
)� � 1] , (3.7)

where � s is the characteristic density, and rs is the scale radius. � is the free parameter in

Einasto pro�le, depending on halo mass (Gao et al. 2008).

The scale radius rs is determined by the concentration of dark matter halos, as de�ned by
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rs =
Rvir

c
, (3.8)

where Rvir is the virial radius of the dark matter halo, and c is the concentration parameter.

With the development of numerical simulations, the concentration-mass relation has

studied and evolved over the past two decades. Various models offer different perspectives on

the concentration-mass relations for different mass range and redshift. In the work, I adopt the

relation from Diemer and Joyce (2019), and compute using python toolkit COLOSSUS.

Diemer and Joyce (2019) demonstrate high accuracy semi-analytical �tting function based

on simulation result. The relation is in good agreement with their previous model, DK15

(Diemer and Kravtsov 2015) at lower redshift ( z < 6), but improved due to better �t to scale-free

cosmologies and accurate power spectrum at high redshift ( z > 6). This result reveals systematic

deviations ( � 20%) from other models (eg. Correa et al. (2015); Ludlow et al. (2016)) due to the

analytic treatment of low-mass halo evolution and differences in simulation methodologies

such as halo �nder algorithm.

3.2 Numerical Simulation

3.2.1 Thermal History

To calculate the thermal history of IGM since recombination, I utilize the cosmological recom-

bination code CosmoRec(Chluba and Thomas 2010) with modi�ed dark matter annihilation

power.

Firstly, I calculate the heating and ionization in the background IGM gas. As mentioned in

Section 2.1, the annihilation energy deposited into the IGM gas is described by the deposited

fraction fc. The DM annihilation emission power per baryon as � DM
c , where c represents the

deposition channel, which includes heating, HI and HeI ionization, and Ly- � photons. The

additional temperature of IGM gas is given by d TK=d t = d TK=d t + d TK=d t jDM , where

d TK

d z

�
�
�
�
DM

=
d t

d z

2

3kB (1+ xe)
� DM

heat , (3.9)

where xe is the electron fraction.

The ionization and Ly- � excitation by dark matter annihilation are
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� ion jDM = fH

� DM
HI

EHI
+ fHe

� DM
HeI

EHeI
(3.10)

J� ,DM =
c nb

4�

� DM
Ly�

h � �

1

H (z)� �
, (3.11)

where EHI,HeI are the ionization energies for hydrogen and helium, fH,He represent the

number fractions of hydrogen and helium, � � is the emission frequency of a Ly � photon.

Recall the energy deposition of dark matter annihilation, the deposited energy in channel

c can be written as

� DM
c (z) =

1

nB
fc (z)

d E

d V d t

�
�
�
�
injected

=
1

nB
fc (z)[1+ B(z)]

d E

d V d t

�
�
�
�
smooth

,

. (3.12)

We could denote the boosted deposit fraction gc (z) = fc (z)[1 + B(z)] to account for the

contribution of structured halos. The energy deposition rate � DM
c (z) can be calculated by

Equation 3.2 and Equation 3.4, if we have the deposit fraction.

For the deposit fraction, I derived the fc (z) using the transfer functions from Slatyer (2016),

which calculate these fractions for high-energy photons and e+ e � pairs resulting from DM

annihilation. This gives us the deposit fraction for different masses. Fig. 3.1 shows the deposit

fraction fc (z) calculated from the Table in Slatyer (2016) for the electron positron pair with initial

energy 9 MeV, 130 MeV and 1.1 GeV. From top to bottom, panels illustrate the deposit rate in

heating, Ly- � excitation, HI ionization, HeI ionization and total deposit fraction f (z) =
P

fc (z).

The result indicates the different deposit fraction for different masses, due to the variation of

interaction ef�ciency with energies and gas density, such as Inverse Compton scattering or

photoionization.

It is worth noting that the total deposit fraction f (z) =
P

fc (z) is de�ned as the ratio of

deposited energy from all DM annihilation history to injected energy at the same redshift.

Therefore, the value of f (z) > 1 is possible if there is more energy deposited than the injected

energy.

3.2.2 Jeans Mass

Dark matter annihilation heats the primordial gas, raising the gas temperature, and thereby

increasinf the Jeans mass according to the Equation 1.21.

I denote fgas for the gas fraction inside halos, which follows the equation (Gnedin 2000;

49



Figure 3.1: The deposit fraction fc (z) calculated from the Table in Slatyer (2016) for the electron
positron pair with initial energy 9 MeV, 130 MeV and 1.1 GeV. From top to bottom, panels
illustrate the deposit rate in heating, Ly- � excitation, HI ionization, HeI ionization and total
deposit fraction f (z) =

P
fc (z).
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Figure 3.2: Gas fraction as a function of halo masses at redshift z = 20, with the impact of
dark matter (DM) annihilation for DM masses of 9 MeV, 130 MeV and 1.1 GeV. The baseline
(grey line) is given by Equation 3.13 without DM annihilation. Dark matter annihilation leads
to suppression of the gas fraction within molecular cooling halos, but less in atomic cooling
halos.

Naoz and Barkana 2007)

fgas(z ,M ) = fb,0

•
1+

�
2�= 3 � 1

� •
M F

M

‹ � ˜ � 3=�

, (3.13)

where M F is the �ltering mass, � = 0.7, and fb,0 is the cosmic baryon fraction

fb,0(z) =

 b (z)


 m (z)
(1+ 3.2rLSS) . (3.14)

In the dark matter halo, the distribution of gas is assumed to follow the dark matter density

pro�le, that � gas(r ) = fgas� DM (r ).

Fig. 3.2 shows the gas fraction as a function of halo mass at redshift z = 20, using the �ltering

mass de�ned in Equation 3.13. The gas thermal history is calculated using the recombination
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code cosmoRec. I observe a signi�cant suppression in the gas fraction, ranging from 10% to 40%

at redshift z = 20, which varies with dark matter mass. The impact of dark matter annihilation

on the gas fraction is notably less signi�cant in halos of higher mass. For a halo of 106M � , the

reduction in gas fraction is only 5% to 10%.

3.2.3 Molecular Cooling

For the birth of the �rst stars, the gas within dark matter halos requires cooling for further

collapse, and that cooling is primarily achieved through molecular hydrogen (Galli and Palla

1998; Glover and Savin 2006; Yoshida et al. 2007; Glover and Abel 2008; Glover and Savin 2009).

Molecular cooling occurs only if the halo mass is larger than the speci�c value, denoted as the

minimum cooling mass M cool . In this section, I build an analytical cooling model to calculate

the in�uence of minimum cooling mass in the presence of dark matter annihilation.

Gas Density

To calculate gas cooling in molecular cooling halos, I must �rst estimate the gas pro�le, which

can be approximated by following the distribution of the dark matter (DM) pro�le. In this

approximation, the gas density in a halo of mass M h , denoted as � gas(M h , r ), is expressed as

� gas(M h , r ) = fgas(M h )� DM (M h , r ), where fgas(M h ) is the gas fraction.

I assume ef�cient gas cooling in the core region, de�ned as Rcore = 0.1rvir . Consequently,

the gas density in the core of halo M h is given by

� HM
gas,core(M h ) = fgas(z ,M h )� DM (M h ,0.1rvir ) , (3.15)

where the gas fraction fgas(z ,M h ) is derived from the �ltering mass in Equation 3.13.

However, this assumption breaks down on small scales, particularly when k ¦ k J, as the gas

density cannot form a cusp-like central density like the dark matter in a standard NFW pro�le,

due to thermal pressure. For these minihalos, I apply constraints from adiabatic compression

and use the core density derived from hydrostatic equilibrium, given by Tegmark et al. (1997);

Barkana and Loeb (2001b); Visbal et al. (2014)

� LM
gas,core(M h ) = ¯� b

•
1+

6

5

Tvir (M h )

TIGM

‹ 3=2

, (3.16)

where ¯� b represents the average baryonic density, and TIGM denotes the background IGM

temperature. Thus, the �nal core gas density of halo mass M h is given by the minimum of the

two values: � gas,core(M h ) = min f � HM
gas,core, �

LM
gas,coreg. In high-mass halos, � HM

gas,core dominates, while

in low-mass halos, � LM
gas,core dominates. Importantly, the IGM temperature affects the gas density
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Figure 3.3: Diagram of dark matter annihilation in molecular cooling.

in both cases, and as a result, dark matter annihilation also in�uences gas cooling by altering

the gas density.

H 2 Production

Molecular hydrogen production in primordial gas is primarily through the H – mechanism:

H + e� ! H � + 
 (rate k1) , (3.17)

H � + H ! H 2 + e� (rate k2) . (3.18)

I also consider the mutual neutralization and radiative recombination reactions:
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H + + H � ! H + H (rate k3) . (3.19)

H + + e� ��! H (rate k4) . (3.20)

The corresponding reaction rates for Equations 3.17-3.20 are denoted as k1,k2,k3,k4, and

they are functions of the gas temperature T . From reference Hutchins (1976), I have k1 = 1.83�

10� 18T 0.8779 cm3s� 1. The reaction rates k2 and k3 have relatively weak temperature dependences,

and are calculated in Kreckel et al. (2010); Stenrup et al. (2009); I set k2=k3 � 0.03. For the

recombination rate k4, instead of using the coef�cient adopted by Tegmark et al. (1997), k4 =

1.88� 10� 10T � 0.644 cm3s� 1, I follow Nebrin et al. (2023), and use the case-B recombination rate:

k4 = 2.11� 10� 10T � 0.72 cm3s� 1.

In addition, I assume that H � reaches its equilibrium abundance, where nH � = k1ne� =k2,

and that the abundance of ionized hydrogen is equal to free electrons, ne� = nH + .

The abundance of electrons is written as

d xe

d t
= � k4nH x 2

e . (3.21)

The fraction of molecular hydrogen can be calculated via

d xH 2

d t
= k1xenH

•
1+

k3

k2
xe

‹ � 1

. (3.22)

It is possible to solve the above equations and obtain the abundance of xe and H 2 as a function

of time t :

xe =
x0

1+ x0nH k4t
, (3.23)

xH 2
= xH 2,0 +

k1

k4
ln

•
1+

k4nH x0t

1+ k3=k2x0

‹
, (3.24)

where x0 and xH 2,0 are the initial abundances of electrons and H2. The logarithmic term implies

that the abundance of H 2 is growing rapidly at the beginning, and then becomes slow.

Considering the impact of dark matter annihilation ionizing gas during the cooling process

alters Equation. 3.21:

d xe

d t
= � k4nH x 2

e + � ion jDM , (3.25)

where � ion jDM is the ionization rate per hydrogen atom due to dark matter annihilation given

by Equation 3.10. The �rst term on the right-hand side of the equation represents the re-
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combination rate as a function of the electron fraction. When the electron fraction is high,

recombination dominates over annihilation-induced ionization, causing the electron fraction

to decrease. In contrast, if � ion jDM exceeds the recombination rate, the electron fraction will

increase over time.

The upper panels of Fig. 3.4 and 3.5 show the electron fraction calculated using Equa-

tion 3.25 in a 105M � halo at redshifts 40 and 20, respectively. For each speci�c dark matter

mass, the initial electron fraction is provided by the public cosmological recombination code

CosmoRec(Chluba and Thomas 2010). The black line represents the scenario without dark

matter annihilation. Dashed lines assume the same initial electron fraction at t = 0 as the case

without annihilation. The gas temperature is �xed at the virial temperature of the halo.

The production of molecular hydrogen is shown in the lower panel of Fig. 3.4 and 3.5.

I set the initial molecular hydrogen fraction to xH 2,0 = 6 � 10� 7 (Galli et al. 2013). Indirect

effects of dark matter annihilation alter the initial gas number density and associated reaction

rates. In small halos, dark matter annihilation reduces gas density, leading to a suppression of

the reaction rates, as discussed in the context of the gas fraction. However, I found that this

effect is minimal; the production of H2 is still dominated by the electron fraction. I found that

the differences in molecular hydrogen fractions among the cases are primarily due to initial

variations in the electron fraction. The molecular hydrogen fraction xH 2,0 has little impact on

the results as long as it is small. Dashed lines represent scenarios in which the same initial

fractions at t = 0 are assumed, with DM subsequently ionizing the gas.

Cooling Criterion

To �nd the minimum cooling mass inside halos via H2 cooling, I take the criterion that cooling

time must be less than 20%of the Hubble time, t cool < 0.2tH , as adopted in Tegmark et al. (1997);

Machacek et al. (2001), where the cooling time t cool is given by

t cool =
1


 � 1

nk BTvir

� 0nH 2

, (3.26)

where 
 = 5=3 for primordial gas, n is the total number density of gas, kB is the Boltzmann

constant, nH 2
is the number density of H2, and � 0 is the total cooling rate of the gas per hydrogen

molecule.

The total cooling rate per H 2 molecule is given by

� 0 =
X

k

� H 2,k nk , (3.27)

where � H 2,k are the collisional excitation coef�cients which are a function of temperature for

55



Figure 3.4: Fraction of electron and molecular hydrogen H 2 as a function of time during gas
cooling. The halo has a mass 105M � at redshift z = 40. I present the case without annihilation
(black), as well as cases with dark matter annihilation for different particle masses. Initial
electron fractions are determined by the background thermal evolution, with the effects of
corresponding dark matter annihilation. The free-fall time t ff and the cooling time criterion
t cool = 0.2tH is presented in the �gure. Dashes lines represent scenarios where the same initial
condition of gas at t = 0 is assumed, with DM ionizing the gas thereafter.
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Figure 3.5: Fraction of electron and molecular hydrogen H 2 as a function of time during gas
cooling. The halo has a mass 105M � at redshift z = 20. I present the case without annihilation
(black), as well as cases with dark matter annihilation for different particle masses. Initial
electron fractions are determined by the background thermal evolution, with the effects of
corresponding dark matter annihilation. The free-fall time t ff and the cooling time criterion
t cool = 0.2tH is presented in the �gure. Dashes lines represent scenarios where the same initial
condition of gas at t = 0 is assumed, with DM ionizing the gas thereafter.
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each k , and nk is the number density of each species k , (such as H, He, H2, H+ , and e – ).

The collisional excitation coef�cients for H2 are reviewed in Glover and Abel (2008), where

the cooling rate has been calculated in several collisional processes involving H, H2, He, H+ and

e– . I adopt the cooling functions as calculated in that work, and maintain all the underlying

assumptions of these functions. This includes adhering to the low-density environment and

assuming an ortho-para ratio of 3:1. These assumptions are valid under the condition that the

dark matter annihilation does not signi�cantly alter the gas environment during the cooling

process.

Dark matter annihilation has been implemented into our halo evolution model in the

following two ways:

1. I use the gas number density n and ionization fraction xe from our evolution results,

which account for the effects of dark matter annihilation. The gas density is given by n =

fgas(z ,M h )nDM (0.1rvir ), where fgas(z ,M h ) represents the gas fraction, which is modi�ed by dark

matter annihilation. The initial ionization fraction of the gas, xe , is determined using results

from CosmoRec, which also include the impact of dark matter annihilation.

2. I modify the total cooling rate � 0nH 2
to nH 2

� 0 � nH � DM
heat(z) to account for dark matter

annihilation heating during gas cooling. Here, � DM
heat(z) represents the energy deposited into the

heating channel per unit time per baryon, as de�ned by Equation 3.5. I assume this value is

solely a function of redshift.

In Fig. 3.6, I plot the fraction of molecular hydrogen, H2, in a halo in the presence of a dark

matter annihilation background, as a function of virial temperature, Tvir . The plot compares the

required H2 fraction for cooling xr e q (dashed lines), determined by the criterion t cool < 0.2tH ,

with the produced H2 fraction xH2
(solid lines), given by Equation 3.24. In the top panel, dark

matter annihilation increases the produced H 2 fraction. Dark matter annihilation ionizes the

IGM in the early universe, thereby providing higher initial ionization fraction compared to the

baseline. This increase varies with the dark matter mass, with 9 MeV and 130 MeV dark matter

producing higher H2 fractions due to a larger energy deposition fraction in ionization. However,

DM heating simultaneously suppresses the cooling rate by increasing the cooling time, t cool ,

which raises the required H2 fraction for cooling. The dashed lines in the plot shift upward in

the dark matter annihilation case, re�ecting this increase in the required H 2 fraction.

The critical virial temperature, Tcrit , is de�ned as the point where the produced H2 fraction

equals the required fraction for cooling to occur. Since dark matter annihilation can alter

both xH 2
and xreq, the critical virial temperature is expected to change accordingly. However,

in the top panel, both the produced and required H2 fractions increase due to dark matter

annihilation, resulting in only minor changes to the critical virial temperature.

In the bottom panel, I plot the fraction of H2 at redshift z = 20. At this redshift, dark matter
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annihilation has different effects on the produced H2 fraction depending on the dark matter

mass. The 9 MeV dark matter increases the H2 fraction, while the 130 MeV dark matter decreases

this fraction. The suppression of H2 fraction is primarily driven by the strong DM heating.

The intensity of DM annihilation is stronger at lower redshift because of a stronger boost

from DM structure formation. The resulting heating reduces the gas density and makes H2

production less ef�cient. This is also re�ected in the dashed lines, where the required H2

fraction increases more signi�cantly compared to the case at higher redshift. As a result, the

critical virial temperature shifts to higher values, even for 9 MeV dark matter. At this redshift,

dark matter annihilation has a primarily negative effect on molecular cooling.

In Fig. 3.7, I predict the minimum cooling mass, M cool , in the presence of dark matter

annihilation over redshifts ranging from z = 20 to z = 50. The solid black line in the top panel

shows the minimum cooling mass in our baseline model without dark matter annihilation. I

compare our results with those from several previous studies. The results from Fialkov et al.

(2012); Kulkarni et al. (2021); Schauer et al. (2021) and Nebrin et al. (2023) are shown as dashed

lines. I set the Lyman-Werner (LW) background and streaming velocity to zero in these models

to match our baseline model. Our cooling threshold is close to that of Fialkov et al. (2012),

but our slope is slightly lower. In Kulkarni et al. (2021), the halo mass above which 50% of

halos host cool and dense gas is de�ned as M crit , while in Schauer et al. (2021), they de�ne a

minimal ( M min ) and an average (M ave) halo mass at collapse. Our minimum cooling mass is

generally greater than the value M crit (z) as reported in Kulkarni et al. (2021) but lower than

the redshift-independent value M min (shown in the plot) and M ave (not shown in the plot)

from Schauer et al. (2021). The grey dashed line represents the analytic model of Nebrin et al.

(2023), which is similar to our model but uses a stricter cooling criterion, t cool < 6t ff , where

t ff = (3�= 32G ¯� core)1=2 is the free-fall timescale, and ¯� core is the mean core density of the dark

matter halo. This stricter criterion results in larger minimum cooling mass estimates than in

our work, which uses the criterion t cool < 0.2tH . Another key difference is that Nebrin et al.

(2023) tailored the virial temperature Tvir by multiplying it by a factor of 0.75 relative to the

formula given in Equation 1.30 to match simulation results. This results in a lower cored density

for a halo of same mass, and thereby suppresses the molecular cooling. These factors may

explain why our results are lower.

I acknowledge that a complete calculation would need to be more complex than our sim-

pli�ed model. For instance, I assumed that the gas density and temperature are �xed in order

to obtain the cooling criterion for a halo. However, in reality, the gas temperature decreases

as cooling proceeds, and the cooling rate, � 0, which depends on temperature, is not constant

during this process. As a result, the calculation may slightly overestimate the cooling rate. I

tested a method to incorporate the temperature evolution into our model and found that the
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Figure 3.6: The molecular hydrogen fraction as a function of virial temperature at redshift
z = 40 and z = 20. The dashed lines represent the required H2 fraction, determined by the
criterion t cool < 0.2tH , while the solid lines correspond to the molecular hydrogen fraction at
the same time. Cooling is not possible in the grey regions, where the produced H2 fraction is
lower than the required fraction. Dark matter annihilation alters both xH 2

and xreq, as depicted
by the different colored lines, each corresponding to a speci�c dark matter mass.
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Figure 3.7: The minimum cooling mass, M cool , as a function of redshift with dark matter
annihilation. In the top panel, the black line represents our baseline scenario without the effects
of dark matter annihilation. The brown dashed line corresponds to the �t from simulations
without a Lyman-Werner (LW) background and dark matter-baryon streaming, as detailed in
(Fialkov et al. 2012). The pink dashed line is adopted from the �t in (Kulkarni et al. 2021). The
grey dashed line shows the analytic model of (Nebrin et al. 2023), which assumes the criterion
t cool < 6t ff . In the bottom panel, different lines represent the relative ratio of the minimum
cooling mass to the baseline M cool,0 with different dark matter masses.
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resulting changes were small for times t < t cool . Therefore, our approximation is likely suf�cient

in most cases.

Given the initial conditions of the gas, I calculate the cooling time-scale, t cool . The gas may

undergo free-fall collapse if t cool < t ff or experience collapse with an extended duration if t cool

is between t ff and tH . As shown in the green area of Fig. 3.4 and 3.5, the fraction of H2 increases

with time, while the required fraction decreases over time. This could lead to inaccuracies in

the cooling mass estimation, as suggested by Nebrin et al. (2023). Some studies, such as Gurian

et al. (2024), have also found that gas may collapse in halos that are excluded by the cooling

criterion if the gas exhibits speci�c instabilities.

The bottom panel of Fig. 3.4 and 3.5 show the relative changes of minimum cooling mass

with dark matter annihilation, M cool=M cool,0, where M cool,0 is the minimum cooling mass without

dark matter annihilation, corresponding to the black line in the top panel. I found the dark

matter annihilation impact increases with time. Dark matter annihilation slightly decreases the

cooling mass at higher redshifts ( z > 40) but increases it at lower redshifts ( z < 40). At redshift

z = 20, the DM could increase the minimum cooling mass by a factor of 2.

LW Background

In the presence of LW radiation, H2 can be photo-dissociated. Although in this work I have

not included the potential LW �ux from dark matter annihilation, the LW �ux from stellar

feedback can lead to an increase in the minimum cooling mass (Trenti and Stiavelli 2009;

Fialkov et al. 2013b; Visbal et al. 2014; Kulkarni et al. 2021; Schauer et al. 2021). I will consider

molecular cooling with dark matter annihilation in presence of a stellar LW background. Here,

the formation of H 2 in Equation 3.22 becomes

d xH 2

d t
= k1xenH

•
1+

k3

k2
xe

‹ � 1

� kLW xH 2
, (3.28)

where kLW is the photo-dissociation rate of H 2, given by Wolcott-Green et al. (2017),

kLW = 1.38� 10� 12 fsh JLW , (3.29)

where JLW is the Lyman-Werner intensity in units of 10� 21 ergs� 1 cm � 2 Hz � 1 sr� 1 and fsh is the

self-shielding parameter taken from Wolcott-Green and Haiman (2019), as a function of the

gas density and temperature. The provided �tting function is:
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fsh (NH 2
,T ) =

0.965

(1+ x =b5)� (n ,T )
+

0.035

(1+ x )0.5

� exp
�
� 8.5� 10� 4(1+ x )0.5

�
,

� (n ,T ) = A1(T )e � 0.2856log(n=cm � 3) + A2(T ) ,

A1(T ) = 0.8711log(T =K ) � 1.928 ,

A2(T ) = � 0.9639log(T =K ) + 3.892 ,

(3.30)

where b5 = (2kBT =mH 2
)1=2=105 cm2 s� 1 and x = NH 2

=5 � 1014 cm2.

Fig. 3.8 shows the production of molecular hydrogen in a 105M � dark matter halo, in�u-

enced by both Lyman-Werner feedback and DM annihilation. The H2 fraction is calculated

using Equation 3.28 for a range of LW intensities: JLW = 0, 0.1, and 1.0. The initial fraction

is xH 2
= 6 � 10� 7 for every case, as before. At each step, I estimate the H2 column density

NH 2
= 0.926fH 2

ncoreRcore according to Nebrin et al. (2023), where Rcore = 0.1Rvir and ncore is the

core gas density, and I calculate kLW using Equation 3.29.

In the top panel, at redshift z = 40, although the H2 fraction has been suppressed by the

LW photons, the effect of DM annihilation only slightly alters the H2 formation before the

cooling time, t < t cool . While I have included a full range of LW values, the expected intensity at

z = 40 is very small, JLW � 0.001(Fialkov et al. 2013b; Incatasciato et al. 2023), so the effect of LW

radiation is likely not signi�cant. In the bottom panel at redshift z = 20, where the LW intensity

is expected to be stronger ( JLW � 1), LW photons should ef�ciently dissociate H2 molecules. The

H2 fraction decreases from 10� 4 to 10� 7 as JLW rises during the cooling phase, consistent with

the �ndings of Kulkarni et al. (2021). In the case with dark matter annihilation, the evolution

is initially similar, but diverges from the baseline case after t cool , showing a larger H2 fraction

compared to the case with LW radiation alone.

To incorporate the stellar LW background in this study, I adopt the redshift-dependent LW

intensity, JLW(z), from Incatasciato et al. (2023). This function is �tted for the range 6 < z < 23,

and I extrapolate it to higher redshifts. I acknowledge that the PopIII star formation model used

in that work differs from our model, which may lead to inconsistencies in the LW feedback.

However, it still provides a good approximation for evaluating the effect of DM annihilation

under varying LW radiation intensities.

Fig. 3.9 plots the minimum cooling mass with stellar LW feedback and dark matter anni-

hilation. In the top panel, the solid black line represents the case with LW background alone.

Compared to the case without LW radiation (as shown in Figure 3.7), I �nd that the LW back-

ground causes minor changes at high redshift, but signi�cantly increases the minimum cooling

mass at lower redshift ( z < 30). I plot the result from previous studies in dashed lines. In our

model, with LW feedback, the slope of M cool at lower redshifts closely aligns with the analytic
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Figure 3.8: Molecular hydrogen fraction in a 105M � halo with both DM annihilation and
Lyman-Werner (LW) feedback. The H2 fractions at the redshift z = 40 (top panel) and z = 20
(bottom panel) are shown for different intensities of LW radiation (colored areas) and DM mass
(colored lines). From top to bottom, the H2 fractions was calculated with LW intensity values
JLW = 0, 0.1, and 1.0.
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Figure 3.9: The minimum cooling mass M cool as a function of redshift with both DM annihi-
lation and LW feedback is included. Our results are compared to previous calculations from
redshift z = 20 to 50. All cooling mass thresholds were calculated using the same LW back-
ground JLW(z) as described in Incatasciato et al. (2023). The bottom panel shows the relative
effect of DM annihilation on the minimum cooling mass. At high redshift, where LW feedback
is weak, the effect of DM annihilation is similar to the case before, but it becomes stronger at
lower redshift as LW feedback becomes more signi�cant.
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model of Trenti and Stiavelli (2009). I applied a self-shielding factor in Equation 3.28, resulting

in a �atter slope that more closely matches simulation results at higher redshifts. The mini-

mum cooling mass is sensitive to the choice of cooling time criterion (see Fig. 3.8), which may

explain why our slope is steeper than that of the analytic model with a shorter time criterion

(Nebrin et al. 2023) at low redshifts. I also include �tting functions from the simulations of

Machacek et al. (2001) and Kulkarni et al. (2021), as well as the redshift-independent result from

Schauer et al. (2021). Compared to our analytic results without DM annihilation (black line),

the simulation results, particularly those of Kulkarni et al. (2021), suggest that LW feedback has

a less pronounced effect at lower redshifts.

In the bottom panel, I show how the in�uence of dark matter annihilation in the presence

of a LW background varies with DM mass. Generally, DM annihilation very slightly decreases

M cool at high redshift, similar to the behavior seen in the case without LW feedback (as shown

in Figure 3.7). However, our result indicates that LW feedback magni�es the DM annihilation

effect in molecular cooling, and the impact of DM annihilation increases over time, becoming

slightly larger than in the case without LW feedback at lower redshifts.

I acknowledge that some radiative backgrounds, such as the cosmic X-ray background,

are not included in this model. The cosmic X-ray background shares similar properties with

DM annihilation, as both contribute to heating and ionizing primordial gas, which can either

increase or decrease cooling. The transition between these two regimes occurs at gas densities

between n = 1 and 100 cm � 3, depending on the strength of the X-ray background (Hummel

et al. 2015). This effect has been included in recent molecular cooling studies and is expected

to be important at lower redshifts ( z < 15) (Hegde and Furlanetto 2023).

Streaming Velocity

Now, I can incorporate streaming into the molecular cooling model. First, I consider the effect of

streaming on the gas density. I calculate the gas fraction, fgas, with streaming included. I modify

the IGM temperature in the presence of streaming, following the prescription in McQuinn and

O'Leary (2012):

TIGM (vb c ) = TIGM (1+ 5M 2
b c =9) , (3.31)

where M b c = vb c =cs,IGM and cs,IGM is the sound speed in the IGM. The increase in temperature

results in a suppression of the gas density according to Equation 3.16.

Subsequently, I recalculate the electron and molecular hydrogen fractions, and recalculate

the cooling time. The minimum cooling mass M cool is now expressed as M cool (z ,vb c ) as a

function of streaming velocity vb c .
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Figure 3.10: Fractions of electrons and molecular hydrogen in a 105M � halo at a redshift of
z = 40. This �gure accounts for both streaming velocity and dark matter annihilation, with the
streaming velocity vb c set to the root-mean-squared value vrms , which leads to a decrease in
gas density.
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Figure 3.11: Fractions of electrons and molecular hydrogen in a 105M � halo at a redshift of
z = 20. This �gure accounts for both streaming velocity and dark matter annihilation, with the
streaming velocity vb c set to the root-mean-squared value vrms , which leads to a decrease in
gas density.
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Figure 3.12: Minimum cooling mass as a function of redshift, considering the effects of dark
matter annihilation and varying streaming velocities. The black lines (from top to bottom)
represent the minimum cooling mass for streaming velocities of vb c = 2vrms , vb c = vrms , and
vb c = 0 in our model. The colored lines indicate the results with dark matter annihilation of
mass 9 MeV, 130 MeV and 1.1 GeV incorporated at different streaming velocities.

Fig. 3.10 and 3.11 depict the fraction of free electrons xe and molecular hydrogen xH 2
in

the presence of a streaming velocity vb c = vrms . I observe that the electron fraction decreases

more slowly compared to the case with vb c = 0 (Fig. 3.4 and 3.5), since the recombination

rate is higher in denser regions. Dark matter (DM) ionization becomes more ef�cient with

streaming, resulting in the electron fraction being dominated by DM ionization. Consequently,

xe becomes insensitive to the initial conditions after a suf�ciently long time, t > tH . The

molecular hydrogen fraction, xH 2
, is relatively lower than that in the absence of streaming.

However, I observe that DM annihilation in this scenario accelerates H2 production due to the

increase in the electron fraction.

Fig. 3.12 shows the minimum cooling mass M cool (z) in the presence of both streaming

and DM annihilation. The reduction in the gas fraction decreases the ef�ciency of molecular

hydrogen production, leading to an increase in the minimum cooling mass by a factor of
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approximately 2. Dark matter annihilation shows a distinct effect in the case of streaming

velocity. Without streaming, annihilation leads to a decrease in M cool at high redshift, but an

increase at low redshift. However, I found that annihilation primarily reduces M cool in most

cases when vb c = vrms and a reduction across nearly all redshifts at vb c = 2vrms . This is primarily

due to streaming suppressing the gas density and molecular cooling, while the H2 production

increases under DM-induced ionization. As a result, the effect of DM heating is not signi�cant.

Without dark matter annihilation, our result indicates that the minimum cooling mass is

increased by a factor of approximately M cool (vrms)=M cool (0) � 2.1 when vb c = vrms at redshift

z = 20. This factor is slightly higher than the �tting result of 1.7 given by Fialkov et al. (2012), but

lower than the results from more recent simulations. For instance, Kulkarni et al. (2021) reports

a factor of M crit (vrms)=M crit (0) � 3.5, and Schauer et al. (2021) �nds M min (vrms)=M min (0) � 4.1.

Fig. 3.13 illustrates the complete scenario for the minimum cooling mass, including dark

matter annihilation, stellar Lyman-Werner feedback, and streaming. Standard Lyman-Werner

feedback, as described by Incatasciato et al. (2023), was applied in the calculation. Our mini-

mum cooling mass is generally lower than the cooling threshold given by previous simulations,

which may be due to our choice of cooling time, the use of a simpli�ed molecular hydrogen

chemistry model, or the need of a complete evolution of gas density pro�le during cooling in

the model.

In the presence of stellar LW feedback, I use the recent self-shielding function described

by Wolcott-Green and Haiman (2019), which leads to a �atter cooling mass at early times, when

the gas is dense. Our analytic calculation indicates a relatively sharper slope at low redshift

due to LW feedback compared to the slope from simulations (Kulkarni et al. 2021), though it

shows a similar slope to that found in Schauer et al. (2021).

Regarding streaming, I point out that our model reveals two distinct impacts of dark mat-

ter annihilation, depending on whether streaming is present or absent. This is because the

effects of dark matter heating and ionization depend on gas density, and the core gas density

is signi�cantly suppressed by streaming velocity. As shown in the bottom panel, dark matter

annihilation suppresses molecular cooling, thereby increase the cooling mass without stream-

ing at redshift z ® 30, but this suppression is reduced with streaming, making the cooling

mass remain lower than the case without annihilation. In our model, streaming velocity alters

gas density by affecting the effective sound speed and �ltering mass, which was also shown

in previous analyses such as Naoz et al. (2012). However, instead of estimating the impact of

streaming on the minimum cooling mass through the halo of circular velocity Vcool of minimum

cooling mass �tted from simulations (Fialkov et al. 2012), I directly derive the minimum cooling

mass with streaming in our analytic model by adjusting the gas density. This approach allows

us to account for potential interactions between DM annihilation, LW feedback and streaming
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Figure 3.13: Minimal cooling mass in full scenario, include dark matter annihilation, Lyman-
Werner feedback, and streaming velocity. The top panel plots M cool as a function of redshift. The
black line represents the scenario without dark matter annihilation. Different colors represent
dark matter annihilation for various dark matter masses (9 MeV, 130 MeV, and 1.1 GeV). Two
distinct scenarios are presented in the �gure: one with streaming velocity ( vb c = vrms) and
one without ( vb c = 0). These results are compared with those from previous simulations
(Kulkarni et al. 2021; Schauer et al. 2021). The bottom panel plots the relative cooling mass
compared to the scenario without dark matter annihilation as a function of redshift. Dark
matter annihilation has a relatively greater impact in regions without streaming velocity than
in those with streaming velocity.
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within a consistent framework.

3.2.4 Local Effect

While I have neglected the effects of dark matter (DM) annihilation local to DM halos in this

work, the local DM has the potential to signi�cantly in�uence the surrounding gas by deposit-

ing energy into it. This process can play a crucial role in various astrophysical phenomena,

impacting the thermal and ionization states of the circumgalactic medium of early galaxies.

Understanding the local effects of dark matter annihilation is essential for comprehending the

behavior of gas, as well as the �rst stars and galaxies in the early universe. This section brie�y

summarizes the mechanisms through which dark matter annihilation contributes to energy

deposition in the surrounding gas to estimate its importance in the context of gas cooling.

For a small halo, although a dense DM core can inject signi�cant DM annihilation power,

a large fraction, fesc, of dark matter annihilation energy is expected to escape from the local

environment and boost the global DM annihilation background. The total deposited fraction in

surrounding gas is f local = 1 � fesc. The energy deposition of dark matter annihilation products

is determined by the interactions between the annihilation products from dark matter and

the baryons or photons in the local environment and the Cosmic Microwave Background

(CMB), via the process such as inverse Compton scattering, photo-ionization, etc. This has

been studied in energy transfer simulations on large scales (Evoli et al. 2014; Schon et al. 2014),

but only roughly on mini-halo scales (Schön et al. 2017). Therefore, I apply a parameterized

semi-analytic model and provide a rough estimate of the local effects here.

It is worth noting that we have considered the boost factor B(z) as a function of redshift

in the cosmic dark matter annihilation power, as described in Sec. 3.1.1. This factor accounts

for the contribution of dark matter annihilation from cosmic dark matter halos and provides

a mean boost to the global dark matter annihilation power, depending solely on redshift. In

contrast, the local dark matter annihilation arising from dark matter in the host halo introduces

an additional boost to the local gas, which is strongly in�uenced by the speci�c dark matter

distribution within the host halo.

First, I aim to estimate the intensity of local dark matter annihilation � DM
c,local , and compare

it with the global DM annihilation background � DM
c,bg. The latter can be calculated using Equa-

tion 3.5. The parameter � DM
c,local re�ects the energy transfer from the dark matter annihilation

products produced by the local halo to the local baryonic environment. The calculation de-

pends on the DM annihilation model and the gas pro�le, and requires detailed simulations for

a fully rigorous treatment.

Recent small-scale energy transfer simulations suggest that an electron with an energy

72



of 108 eV injected into a 106 M � halo at redshift z = 40 deposits approximately 0.1eV=pc3 in

the circumgalactic medium (CGM) (Schön et al. 2017). I adopt the CGM gas density pro�le

� � 20 ¯� (r =Rvir )� 1 (Dijkstra et al. 2007; Bruns Jr et al. 2012) and use it to calculate the total energy

deposition � DM
local , where ¯� is the mean gas density of IGM. This results in log(� DM

local=Eh ) � � 64,

where Eh is the total dark matter annihilation power of the halo. For simplicity, I parameterize

this dimensionless factor as h = log(� DM
local=Eh ), setting a baseline value of h = � 65 and assuming

it is independent of both halo mass and redshift. The local energy deposition in channel

c is given by � DM
c,local = fc � DM

local , where fc represents the fraction of total energy deposited in

channel c . I assign deposition fractions for heating and for the ionization of H and He as fheat =

[1+ 2xe + fHe(1+ 2ZHeII )]=3[1+ fHe], f ion,H = (1� xe)=3, and f ion,He = (1� ZHeII )=3, respectively(Chen

and Kamionkowski 2004; Chluba and Thomas 2010), where ZHeII is the fraction of singly ionized

helium atoms relative to the total number of helium nuclei.

To make a comparison between this effect and the DM background, I can write the local

energy deposition in terms of the local boost factor Blocal (z) and the DM annihilation power of

a smooth background,

� DM
c,local =

1

nB
fc Blocal (z)

d E

d V d t

�
�
�
�
smooth

, (3.32)

where nB is the local gas density, and Blocal (z) is the local annihilation power as a fraction of the

smooth background DM annihilation power, which is given by Equation 3.2.

The local boost factor, Blocal (z), can be calculated by 3.32 with given value of ef�ciency h .

Figure 3.14 illustrates the boost factor of dark matter annihilation near a 105M � dark matter halo.

The structure boost factor from external annihilation, following Equation 3.4, is shown with

a solid line. The boost factor B(z) in the global DM annihilation (as inEquation 3.4) assumes

that dark matter annihilation products completely escape from the local environment and

deposit all their energy into the IGM. To account for local energy deposition, the escape fraction

fesc should be considered in Equation 3.4. In this work, I set fesc � 1. The local boost factors,

calculated at different values of the parameter 0.1, 1 and 10 times of base value h = � 65, are

represented by dot-dashed lines in Figure 3.14. The dashed lines indicate the total boost factor

as a function of redshift. The structure boost factor from the background is very low at high

redshifts due to the low abundance of halos. In contrast, the local boost factor for the halo is

dominant at higher redshifts but decreases over time. After redshift z = 40, the structure boost

factor from the background becomes more signi�cant.

For the circumgalactic medium (CGM) gas, the gas temperature is represented by the IGM

temperature, TIGM , and an additional component, � T , from local DM heating. This heating

leads to a scale-dependent collapse mass, because local DM energy deposition is a function
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Figure 3.14: The local boost factor in dark matter (DM) annihilation around a 105M � dark
matter halo at different redshift. The solid line represents the global boost factor 1 + B(z),
the dot-dashed line indicates the contribution from the local 105M � halo with different local
deposit ef�ciencies, and the dashed line shows the total boost factor.
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of mass scaleM h . For massive halos, the DM heating is expected to be stronger, causing the

surrounding gas temperature to increase. Therefore the Jeans mass is a function of mass scale,

M J(z ,M h ). This can be approximated by following approach. As I �xed the local deposition

ef�ciency, h = log(� DM
local=Eh ), the energy deposition per baryon is proportional to the total dark

matter annihilation energy of the halo, Eh . As a result, the gas temperature raised by � T / Eh ,

and the Jeans mass, as a function of gas temperature, follows the relation M J / (TIGM + � T )3=2.

To calculate the DM heating and ionization in local gas, I apply the local DM annihila-

tion rate � DM
c,local into Equation 3.9, 3.10 and 3.11 to obtain the thermal evolution of local gas

surrounding the halo.

Fig. 3.15 shows the gas temperature and ionized fraction surrounding a single 106M � dark

matter halo. I assume the halo formed at z � 40, with mass accretion following the power

law M = M 0(1+ z)� e � z (Correa et al. 2015), reaching M = 106 M � at redshift z = 40. Initially,

the thermal history of the primordial gas is in�uenced solely by background dark matter

annihilation (denoted by the black solid line). The impact of the local halo begins near the

time of its formation. In the case of a low value of local deposit ef�ciency h = � 66 and � 65, the

gas temperature and ionization fraction have almost no detectable change. However, once the

energy deposition becomes signi�cant ( h ¦ � 64), it can substantially increase the temperature

and ionization fraction of the gas.

To summarize, dark matter annihilation from the halo can deposit energy into the sur-

rounding gas before escaping the local environment. This energy deposition may enhance the

total annihilation effects on small scales, such as increasing the gas temperature and ionization

fraction. The impact of the local effect highly depends on the deposition ef�ciency. In our

scenario, the local boost most signi�cantly affects higher mass halos. While still preliminary,

our calculation shows the importance of this avenue for probing the characteristics of dark

matter annihilation, particularly in small halos, via its in�uence on gas and star formation.

Further constraints require a more re�ned model for deposition ef�ciencies, for more robust

galaxy formation simulations and comparison with observational data.
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Figure 3.15: Kinetic temperature and ionization fraction of gas surrounding a 106M � dark
matter halo, calculated using CosmoRec. The halo formation is assumed to occur at redshift
zform = 40. The dotted-dashed line indicates the Cosmic Microwave Background (CMB) tem-
perature. The gray solid line represents the baseline scenario without dark matter annihilation,
and the solid black line represents the scenario with only 130 MeV background annihilation,
which is largely overlapped by the magenta solid line. The dotted and dashed lines correspond
to the gas property with both 130 MeV DM background and local annihilation power with value
of 0.1, 1 and 10 times of base value.
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CHAPTER

4

IMPLICATIONS FOR HIGH-REDSHIFT

21CM ASTRONOMY

4.1 Model

The last chapter discussed the effect of dark matter annihilation in the early star formation

within dark matter halos. Depending on the different dark matter models and gas environment,

dark matter annihilation could either suppressed the gas cooling or accelerate the gas cooling

within those halos.

This chapter will explore the further impact of the dark matter annihilation on the observ-

able signal from the neutral hydrogen: the 21-cm signal. I will start with the result from our

semi-analytic result in the last Chapter, and employ high-resolution numerical simulation to

simulate the differential brightness temperature of the 21-cm signal at cosmic dawn.

4.1.1 Initial Conditions

This section begins by calculating the corresponding energy injection rate from dark matter

annihilation following Equation 3.5. This model includes both smooth background annihilation

and enhanced annihilation resulting from structured halos. To determine the thermal history
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of IGM, I solve the cosmic average thermal history in the cosmological recombination code

CosmoRecwith energy injected from dark matter annihilation. I updated the deposit fraction

fc (z) of DM annihilation for different dark matter models using the pre-calculated table given

by Slatyer (2016). I obtain the gas temperature Tg and ionization fraction xe from redshift

z = 2700 to z = 35 from the CosmoReccode.

I set the DM-dependent gas temperature Tg and ionization fraction xe at redshift z = 35 as

the initial parameters used in the public 21-cm simulation code 21cmvFAST. To consider DM

annihilation in the simulation, I modify the 21cmvFASTto incorporate DM annihilation in the

same way as in CosmoRec.

d TK

d z

�
�
�
�
DM

=
d t

d z

2

3kB (1+ xe)
� DM

heat (4.1)

� ion jDM = fH

� DM
HI

EHI
+ fHe

� DM
HeI

EHeI
(4.2)

J� ,DM =
c nb

4�

� DM
Ly�

h � �

1

H (z)� �
. (4.3)

Then I calculate the star-forming baryon collapsed fraction fcoll for the 21cmvFASTsimula-

tion to estimate the star formation rate. In order to �gure out fcoll , I calculate the Jeans mass

M J using the IGM temperature given by cosmoRec. By considering the effects of dark matter

annihilation on thermal history, I �gure out the Jeans mass with dark matter annihilation. Then,

I obtain the gas fraction given by Equation 3.13 as a function of redshift and halo mass in the

presence of dark matter annihilation.

4.1.2 Star-Forming Baryonic Fraction

For Pop III stars, I relate the star formation rate to the star-forming baryon collapsed fraction.

The star-forming baryon collapsed fraction describes the cosmic total fraction of star-forming

baryons, which can be written as

fcoll =

Z 1

M min

M
d n

d M

fgas

� b
f?d M , (4.4)

where � b is the comoving density of baryons and fgas is the gas fraction within haloes.

M min is the minimum star-forming halo mass. Since molecular cooling is essential for Pop

III star formation at cosmic dawn, I enable star formation in halos where molecular cooling

occurs and set the minimum star-forming halo mass at M min = M cool . This implies that only

halos with a mass greater than M cool can initiate star formation. Enabling star formation in
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molecular cooling halos would signi�cantly accelerate the onset of the 21-cm line compared

to scenarios where only atomic cooling halos are considered.

The star formation ef�ciency, f?, is assumed to be a constant for halos with masses above

the atomic cooling mass. However, for small molecular cooling halos, the f? can be estimated

in several different ways.

The �rst estimation is taken from Fialkov et al. (2013a). It is assumed to be constant for

halos with masses above the atomic cooling mass and follows an exponential function for halos

with masses between the molecular cooling mass and the atomic cooling mass.

f � (M ) =

8
>><

>>:

f � if M ¾M atomic

f �
log(M =M cool )

log(M atomic =M cool ) if M cool < M < M atomic

0 otherwise

, (4.5)

where M atomic is the mass threshold of atomic cooling halos, and M cool is the minimal

cooling mass de�ned in this work. f � is the star formation ef�ciency for atomic cooling halos,

which is usually set by f � = 0.1, as adopted in Muñoz (2019).

Another estimation is given by Muñoz (2023), which assumes the fraction of the gas that is

accreted by a galaxy is converted into stars, follows �M � = f � fb
�M h , and

f � (M h ) =
2� �

�
M h =M pivot

� � � � +
�
M h =M pivot

� � � �
fduty , (4.6)

where fduty = exp(� M turn =M h ) is the duty fraction, with M turn the turn-over mass below

which gas does not cool into stars ef�ciently. The star formation in molecular cooling halos

comes from an additional term, such as

� f? (M h ) = f mol
� e � M cool =M h e � M h =M atomic , (4.7)

where f mol
� is the star formation ef�ciency for molecular cooling halos, which is f mol

� = 10� 2.5

following current constraints to reionization (Qin et al. 2021; Muñoz et al. 2022), as adopted by

Qin et al. (2023).

4.2 Results

4.2.1 Semi-Numerical Simulation

The 21cmFASTcode is a public semi-numerical simulation package (Mesinger et al. 2010) to

calculate the evolution of cosmic neutral hydrogen during the Cosmic Dawn and the Epoch
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of Reionization (EoR). It combines the excursion set formalism with perturbation theory to

generate density, velocity, halo, and ionization, balancing computational speed and accuracy.

The code provides a robust framework to simulate the 21 cm signal, and it is widely used for

investigating the reionization history and structure formation in the early universe.

Muñoz (2019) improved the 21cmFASTcode, with emphasis on the �rst star formation in

minihalos. They developed the 21cmvFASTbased on the original code, including a detailed

implementation of Lyman-Werner (LW) feedback and dark matter-baryon relative velocity

effects. These mechanisms successfully capture the suppression of star formation in molecular

cooling halos.

I begin by calculating the corresponding energy injection rate from dark matter annihilation

following Equation 3.5. This model includes both smooth background annihilation and the

enhanced annihilation resulting from collapsed structures (halos). To determine the thermal

history of the IGM, I model the cosmic average thermal history in the public cosmological

recombination code CosmoRec(Chluba and Thomas 2010) with energy injected from dark

matter annihilation. I update the energy deposition fraction fc (z) of DM annihilation for

different dark matter models using the pre-calculated table given by Slatyer (2013) and calculate

the gas temperature Tg and ionization fraction xe from redshift z = 2700 to z = 35.

I calculate the star-forming baryon collapsed fraction fcoll in Equation 4.4, as input for

the public 21cmvFASTcode to estimate the star formation rate. In order to determine fcoll , I

calculate the Jeans massM J using the IGM temperature given by CosmoRec. By considering

the effects of dark matter annihilation on the thermal history, I can calculate the Jeans mass

with dark matter annihilation. Then, I can obtain the gas fraction given by Equation 3.13 as a

function of redshift and halo mass in the presence of dark matter annihilation.

I use the public 21cmvFASTsemi-numerical code (Muñoz 2019) to calculate the spin tem-

perature and sky-averaged 21cm brightness temperature. 21cmvFASTmodi�es the 21cmFAST
code (Mesinger et al. 2010). It calculates star formation in molecular cooling halos and accounts

for the effect of dark matter-baryon velocity offsets in the 21cm signal.

In this study, I modify 21cmvFASTto implement dark matter annihilation at cosmic dawn.

I assume the dark matter particles annihilate 100% into e+ e� , and the energy is deposited

into heating, ionization and Lyman- � photons. The thermal evolution in the simulation is

modi�ed as described by Equations 3.10 and 3.11. I employ the energy deposition fractions

fc (z) as used in CosmoRec. However, for redshifts z < 25, I rescale the deposition fraction using

fc (z < 25) = f (z0)
f (z) fc (z0), where z0corresponds to the redshift where the free electron fraction at

xe(z) = xe(z0). For star formation, I update the baryon collapsed fraction from Equation 4.4 to

account the effect of dark matter annihilation on gas cooling and star formation. Following

(LH16), I set the X-ray ef�ciency in 21cmvFASTto be � X = 1056, corresponding to the number
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of X-ray photons per solar mass in the simulation. I keep the default setting as described in

Muñoz (2019) for all other options. The initial conditions Te ,Xe were taken from CosmoRec.
In this paper, all cosmological parameters in the calculation and simulations were adopted

from Planck 2018, with h = 0.6766,
 m ,0 = 0.3111, and 
 b,0 = 0.049 (Aghanim et al. 2020).

The differential brightness temperature of the 21-cm signal is given by

� Tb =
TS � T


1+ z
(1 � exp� � � 0 ) , (4.8)

where T
 is the CMB temperature, � � 0
is the optical depth of the IGM for the 21cm signal,

and TS is the spin temperature given by

T � 1
S =

T � 1

 + x� T � 1

� + xc T � 1
k

1+ xc + x�
, (4.9)

where Tk is the kinetic temperature of the gas, T� is the color temperature, which is typically

coupled to the kinetic temperature T� � Tk . xc is the collisional coupling coef�cient, and x� is

the Wouthuysen-Field coupling coef�cient.

The study by LH16 investigates the 21cm signal in the context of background dark matter

annihilation using 21cmFAST. Both LH16's study and ours calculate the thermal history of

the IGM and the effect on the 21cm signal in the presence of the DM annihilation. However,

LH16 does not account for molecular cooling, instead, setting the minimum virial temperature

between 104 and 105 K. The atomic cooling-only model results in a signi�cant delay in early

galaxy formation relative to a model with molecular cooling, as evident in the position of the

absorption trough in the 21cm signal.

Figure 4.1 presents our complete results with streaming velocity (solid lines) and without

streaming velocity ( vb c = 0) (dot-dashed lines) compared to those from LH16 (dashed lines)

with same parameter settings. For DM mass 9 MeV, 130 MeV and 1.1 GeV, our works �nd similar

absorption troughs, primarily due to the same thermal history of IGM. With the molecular

cooling halos included, our 21cm absorption trough appears at earlier redshifts ( � z � 5). I

also study the DM annihilation in molecular cooling halos, and obtain a DM mass-dependent

cooling mass. The increase of the minimum cooling mass due to dark matter annihilation

results in a delay in star formation and therefore the 21cm signal. However, the effect is not

signi�cant in the global 21cm signal, as it is overshadowed by the effect in the IGM, which

greatly boosts the differential brightness temperature. Additionally, the effect of streaming

results in a slight offset in the brightness temperature as discussed. When both effects are

combined, the redshift of the trough shifts by � z � 5 for all dark matter masses compared to

the previous results.

The study by Qin et al. (2023) examined the formation of the �rst stars under the in�uence
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Figure 4.1: The global 21cm signal as a function of redshift for the no annihilation case and
dark matter masses of 9 MeV, 130 MeV, and 1.1 GeV. Long dashed lines plot the previous
results from Lopez-Honorez et al. (2016) without molecular cooling and LW feedback. Our
results are depicted with solid lines, incorporating the effects of dark matter annihilation in
molecular cooling halos and streaming velocity. Additionally, results without streaming velocity
are represented by dot-dashed lines.
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Figure 4.2: Comparison of the 21cm brightness temperature between our study and Qin
et al. (2023). The �gure shows the exotic energy accelerate (blue) and delay (red) the star
formation. The baseline case, which excludes DM energy injections, exhibits a higher brightness
temperature compared to ours.
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of exotic energy injection from dark matter decay or annihilation, using the DarkHistory
code (Liu et al. 2020). They employed the Zeus21code (Muñoz 2023) with a modi�ed star

formation model in molecular cooling halos to calculate the 21cm signal. A comparison of

our results is presented in Fig. 4.2. Our �ndings indicate that, as in the study by Qin et al.

(2023), molecular cooling in small halos shifts the 21cm absorption signal towards higher

redshift. The authors of Qin et al. (2023) studied two dark matter models, each characterized

by a particle mass of 185 MeV, decaying to e+ e � pairs. The model with lifetime � = 25.6 raises

the mass threshold and the 21cm signal is slightly delayed, while the model with lifetime

� = 26.4 accelerates the 21cm signal. Their work focused on the timing of cosmic dawn through

the enhancement or suppression of H2 from exotic energy injection. As such, they did not

model other sources of feedback, e.g. stellar LW emission, DM-baryon relative velocities, or

their combination, or IGM heating. In contrast, our study includes the effects of IGM heating

and ionization, while considering regular stellar LW feedback (indirectly in�uenced by dark

matter annihilation and streaming). However, I do not account for direct LW energy deposition

from dark matter annihilation. Another notable difference in our work is the star formation

ef�ciency f? for molecular cooling halos. Their work adopts the model from Muñoz (2023), with

star-formation ef�ciency f? = 10� 2.5 for molecular cooling halos; this star formation is lower

than our model with star-formation ef�ciency f? = 0.1. Therefore, even with LW feedback and

streaming considered, our 21cm signal still appears earlier than in their results.

4.2.2 Discussion

The primary aim of this work is to investigate the interactions between dark matter annihilation,

dark matter-baryon velocity offsets, and molecular cooling, and their impact on early structure

formation and the 21cm signal. This work attempts to bridge the gap between previous studies

by incorporating multiple effects, offering a more comprehensive model of how these factors

interplay.

I acknowledge that the modeling presented here is complex; however, it is essential to

consider these interacting processes to achieve a more complete understanding of early cos-

mology. Dark matter annihilation can either enhance or suppress molecular cooling, leading

to either an increase or decrease in the formation of the �rst stars. This effect can be further

ampli�ed by Lyman-Werner (LW) feedback and modi�ed by the intensity of streaming veloci-

ties. Additionally, incorporating molecular cooling into the calculation of the 21cm signal can

signi�cantly shift the signal to earlier redshifts. The interplay among these effects is non-trivial,

and understanding them together is crucial for making more accurate predictions.

One important avenue for future work is improving the estimates for energy deposition from
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dark matter annihilation. On small scales, dark matter annihilation within halos can locally

deposit energy into the gas, raising its temperature and increasing the ionization fraction. In the

Section 3.2.4, I outline initial steps toward estimating these local effects. The gas temperature

and ionization, which are raised by background dark matter annihilation power, can be further

enhanced by local energy deposition within halos. Accurate estimates of the deposition fraction

from speci�c annihilation products could be obtained through numerical simulations, which

would include a detailed treatment of particle interactions with the primordial gas in pro�led

halos. We am currently developing such a program, which I expect will enable us to draw robust

conclusions about the impact of dark-matter annihilation on structure formation.

Looking ahead, a key goal will be to trace the in�uence of dark matter annihilation and

other small-scale factors through to observable galaxy formation. By doing so, I can apply

redshift- and scale-dependent modi�cations to models of galaxy formation. Future studies

should focus on connecting the detailed physics of small scales with observable large-scale

phenomena, such as galaxy formation and evolution and the evolution of the IGM, which can

provide testable predictions for current and near-future observations and potentially constrain

the nature of dark matter.

This study investigates the impact of dark matter (DM) annihilation during the cosmic

dawn, focusing on sub-GeV dark matter particles annihilating into e+ e � . Our analysis shows

that energy from DM annihilation impacts heat, ionization, and excitation in the cosmic gas,

leading to an increase in both gas temperature and ionization fraction during this epoch.

I identi�ed a strong dependence of baryon collapse on the thermal history, via the �ltering

mass. In mini-halos, where gravitational forces are weaker, heating from DM annihilation can

increases the gas temperature and suppress gas collapse. Though the �ltering mass is less

affected due to weak annihilation effects at earlier times, I found a DM mass-dependent gas

fraction of mini-halos at cosmic dawn.

I developed an analytic cooling model that incorporates DM annihilation. I calculate the

production and the required fraction of molecular hydrogen for different redshifts and DM

masses, showing both positive and negative impacts on molecular cooling. At high redshift

z > 30, DM ionization increases the electron fraction, slightly lowering the minimum cooling

mass. However, at lower redshifts ( z < 30), DM heating dominates, raising the minimum

cooling mass. The impact on the cooling mass with redshift is in�uenced by the DM mass,

which determines the fraction of energy deposited in each channel.

I also account the in�uence of photo-dissociation from Lyman-Werner (LW) photons. In

the presence of stellar LW feedback, the molecular hydrogen fraction is signi�cantly reduced,

which increases the minimum cooling mass at lower redshifts across all considered DM masses.

I extend our analysis to account for the effects of dark matter-baryon velocity offsets (stream-

85



ing) driven by baryon acoustic oscillations to better understand the 21cm signal and early star

formation during cosmic dawn. Streaming suppresses small-scale halo formation, reducing

the abundance of halos – particularly those near the Jeans scale. This reduction leads to a slight

decrease in the DM annihilation boost factor.

Our study also examined the combined effect of DM annihilation and streaming on Popu-

lation III star formation. The streaming signi�cantly reduces the gas content in small halos,

directly inhibiting star formation and altering the environment for molecular cooling. In our

model, the minimum cooling mass increases as a function of the streaming velocity, and DM

annihilation exhibits distinct features for different cases of streaming velocities. It shows the

strongest suppression of molecular cooling in the absence of streaming, but may lead to an

acceleration of cooling in the case of a large streaming velocity at the same redshift.

I calculated the 21cm signal using simulations from the 21cmvFASTcode, incorporating

the cooling mass results from our molecular cooling model. The inclusion of star formation in

molecular cooling halos shifts the global 21cm signal to earlier redshifts compared to previous

studies. However, the precise shift in redshift is highly sensitive to the choice of parameters,

such as the cooling criterion in the analytic model and the star formation ef�ciency of molecular

cooling halos. When I include streaming in our calculations, I observe a slight delay in the

global 21cm signal, due to the suppression of the gas fraction and molecular cooling.
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CHAPTER

5

REFINED MODEL OF ENERGY TRANSFER

ON SMALL SCALES

5.1 Motivation

Understanding energy transfer processes on a small scale is critical for advancing our knowledge

of cosmic structure formation. While DM annihilation is generally assumed to in�uence the

remote cosmic backgrounds, recent studies suggest that it can also substantially impact the

local gas environment. As outlined in previous chapters, DM annihilation plays a signi�cant role

in gas cooling and subsequent star formation processes. Therefore, evaluating the contribution

and effect of DM annihilation on the local environment is crucial.

Despite its potential importance, energy deposition in local environments remains poorly

understood owing to the limitations of current modeling approaches. Most existing simula-

tions focus on homogeneous large-scale effects, often relying on assumptions that may not

hold on smaller scales. These limitations are particularly evident in the interactions between

high-energy particles produced by DM annihilation, such as electron–positron pairs, and

the surrounding gas medium. Such interactions are complicated and dependent on model

parameters, necessitating further detailed analysis.

This chapter aims to bridge these gaps by examining current energy transfer simulations
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and identifying their limitations, particularly in the context of particle physics processes. By

re�ning these models to better capture the interactions between high-energy electron–positron

pairs and the local gas medium, this study seeks to offer a more accurate understanding of

energy transfer processes on small scales. These improvements will facilitate more precise

modeling of gas accretion, cooling, and star formation processes in�uenced by DM annihilation.

Furthermore, the re�ned models may be valuable in generalized scenarios involving energy

injection and deposition on small scales, extending beyond DM annihilation.

The chapter is structured as follows: In the next section, we provide a brief overview of

a previous Monte Carlo code used for small-scale energy transfer simulations, focusing on

its energy transfer iteration mechanisms and involved particle processes. Subsequently, we

introduce re�ned models for speci�c processes, including ICS, photoionization, and pair

production. Finally, we integrate the re�ned Monte Carlo code with standard energy deposition

fractions and present a sample simulation result using the improved models.

5.2 Monte-Carlo Code

Numerical methods are widely employed to solve radiation transfer problems across various

scales and approximation levels.

Slatyer et al. (2009) developed a code to map an energy injection history to an energy

deposition history while accounting for the effects of electron and photon cooling, as detailed

in Slatyer (2013). This code determines the fraction of energy deposited in the background

IGM as a function of particle energy and redshift, making it a key tool for constraining DM

annihilation based on CMB observations. Liu et al. (2020) expanded on this work by developing

a new code to compute the evolution of ionization and temperature effects resulting from exotic

energy injections, such as those from DM annihilation and decay. Qin et al. (2023) extended

the application of this code to incorporate star formation processes.

Simulations of DM-annihilation-related physics, particularly focusing on particle cascades,

were �rst introduced by Valdes et al. (2007b); Valdés et al. (2010). Their approach incorporated

processes such as bremsstrahlung emissions, ICS, H/ He collisional ionization and excitation,

and electron–electron collisions. Evoli et al. (2012) further enhanced this methodology to

include all relevant interactions of positrons and photons with their environment.

Schön et al. (2015) revised this model for application in the circumgalactic medium by

excluding the assumption of a uniform spatial distribution of injected particles, which is

not applicable on smaller scales, particularly within collapsed structures. This code utilizes

the Monte Carlo sampling method from MEDEAII to model particle interactions and energy

losses within halos. However, its accuracy diminishes in complex or relativistic regimes. As
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discussed in the previous section, energy transfer processes vary substantially between low-

and high-energy regimes, particularly for ICS, which is critical in the context of DM annihilation.

Therefore, current high-energy transfer codes require improvements to handle diverse energy

ranges. To this end, the detailed energy spectrum and cross-section must be re�ned.

Particle Cascades Algorithm

This section brie�y reviews the particle cascade algorithm implemented in the code to

examine the interactions and energy deposition processes involved in DM annihilation on

smaller scales, particularly within DM halos.

The code revised by Schön et al. (2015) employs the Monte Carlo sampling method to

model particle interactions. Each tracked particle is described by the parameters f ~xi , ~� ,Ei , idg,

corresponding to the position, orientation, energy, and particle type, respectively.

The particle evolves in a stepwise manner, and at each step, its position is updated according

to

x f = xi + S(r i )sin (� i )cos
�
� i

�

yf = yi + S(r i )sin (� i )sin
�
� i

�

z f = zi + S(r i )cos(� i )

, (5.1)

where S(r i ) denotes the step size, determined by the parameter � and the radial position of

the particle, r i , such that S(r i ) = � r i .

The simulation domain is bounded by the maximum radius, rmax. Any particles that move

beyond this radius are considered to have escaped and are subsequently removed from the

simulation. Interactions occurring outside the simulation domain are not modeled, even if

such interactions could potentially scatter particles back into the simulation space.

At each step, the probability of an interaction is determined by the inverse of the mean free

path, as follows:

� � 1
i = n i � i , (5.2)

where n i denotes the density of the interacting particles, and � i represents the interaction

cross-section.

The probability P of a particle travelling a distance l without interacting follows the expo-

nential decay law:

P(l ) = e �
Rl

0 � � 1
i (l 0)d l 0

. (5.3)
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This formula indicates that the probability decreases exponentially with increasing travel

distance. The factor � � 1
i (l ) varies with position l as the density n i changes. For simplicity, the

code randomly samples the density along the particle trajectory.

Hence, the probability of a particle interacting within a speci�c distance l is de�ned as

P(interaction ) = 1 � e �
Rl

0 � � 1
i (l 0)d l 0

. (5.4)

If an interaction occurs within the simulation domain, the behavior of the resulting particles

is determined by the properties of the incoming particles and their interactions.

Sampling Method

To balance computational cost and ef�ciency, the program relies on Monte Carlo sampling

methods. During each simulation run, the program tracks one or a pair of particles injected

into the system, along with any secondary particles generated through subsequent interactions.

Particle selection and interactions are governed by the probability distributions of the particles

and their environment. For instance, the code samples CMB photons based on a black-body

spectrum.

Inverse transformation sampling is a commonly used sampling technique for random vari-

ables X with a probability density function (PDF) p (x ). The probability of X < x is determined

by its cumulative distribution function (CDF), de�ned as

F (x ) =

Z x

�1

p (x 0)d x 0. (5.5)

The CDF approaches one as x ! 1 , provided that the PDF is normalized. If the variable

has an interval x 2 [a ,b ], the CDF becomes

F (x ) =

Z x

a

p (x 0)d x 0. (5.6)

The program uses a random number generator to produce a uniformly distributed value y

ranging from zero to one. The sampled value is then determined using the inverse function:

x = F � 1(y ) . (5.7)

Another widely used technique in Monte Carlo programs is rejection sampling (see Carter

and Cashwell (1975) for further details). This method performs sampling based on the shape

of a function, regardless of whether the function integrates to one. It is particularly useful for

distributions where the PDF p (x ) is not normalized or the CDF is unknown.
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The rejection sampling algorithm operates as follows: For an arbitrary PDF p � (x ), where

x 2 [a ,b ], the program generates pairs of random numbers (� , � ) uniformly distributed over

[0,1]. Let M denote the upper limit of the distribution p � (x ), we compute the sample as x 0=

a + (b � a )� . If p � (x 0) > M � , we accept x 0as a valid sample; otherwise, the program rejects this

value and repeats the process.

5.3 Re�ned Model

5.3.1 Inverse Compton Scattering

Electrons and positrons produced from sub-gigaelectronvolt to gigaelectronvolt DM annihi-

lation typically have very high energies, Ee � mec 2 = 0.511 MeV. These high-energy particles

interact with background photons, such as those from the CMB, scattering these photons to

much higher energies through a process known as ICS.

In the low-energy limit, known as the Thomson regime , the mean free path for Compton

scattering, � , is expressed as

� =
1

� T n 

. (5.8)

where � T � 6.652� 10� 25 cm2 represents the Thomson cross-section, and n 
 denotes the

number density of CMB photons. The calculated mean free path is approximately � ' 4 �

1017[(1+ z)=21]� 3 cm.

The differential spectrum of scattered photons is determined by (see Fargion et al. (1997))

d N


d � d � 1d t

�
� ,T, � , � 1

�
�
�
�
�
�<� 1

=
� r 2

0 c n(� ,T )

4� 6
 2�
F

�
� , � , � 1

�
, (5.9)

where � denotes the incoming photon energy, while � 1 represents the outgoing photon

energy. The parameter r0 denotes the classical electron radius, and n (� ,T ) represents the

number density of photons with energy � . The function F is de�ned as

F
�
� , � , � 1

�
=

1


 4

�

� 1
�

1


 4

� 2
1

� 2
+ (1+ � )

•
�

�
� 2 + 3

�
+

1


 2

�
9 � 4� 2

� ˜

+(1 � � )
•
�

�
� 2 + 3

�
�

1


 2

�
9 � 4� 2

� ˜ � 1

�

�
2


 2

�
3 � � 2

� �
1+

� 1

�

�
log

•
1+ �

1 � �

�

� 1

‹

. (5.10)

This formula applies to the upscattering regime, where (1 � � )� 1=(1+ � ) < � < � 1. For the
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downscattering regime, the valid range is � 1 < � < (1+ � )� 1=(1 � � ).

d N


d � d � 1d t

�
� ,T, � , � 1

�
�
�
�
�
� � � 1

= �
d N


d � d � 1d t

�
� � ,T, � , � 1

�
�
�
�
�
�<� 1

. (5.11)

In the early Universe, once the gas decoupled from photons, its temperature decreased

more rapidly than that of the CMB until reionization occurred. Under these circumstances, the

thermal photons emitted by baryons were considered negligible, and CMB photons, following

Planck's spectrum, were regarded as the sole photon source.

The number density of CMB photons as a function of energy, n (� ), follows the blackbody

spectrum described by

n (� ) =
8�� 2

(hc )3

1

e
�

kB T � 1
, (5.12)

where h denotes Planck's constant, kB represents Boltzmann's constant, and T denotes the

CMB temperature.

The total number density of CMB photons with temperature T is de�ned as

n 
 (T ) = 16�
•

kBT

hc

‹ 3

� (3) , (5.13)

where � denotes the Riemann zeta function with an approximate value of � (3) � 1.20206.

The total energy density is mathematically expressed as

U (T ) = aT 4 , (5.14)

where a denotes the radiation constant, de�ned as

a =
8� 5k 4

B

15c 3h 3
� 7.5657� 10� 15erg cm � 3 K� 4 . (5.15)

To analyze scattered photons from the CMB, one must integrate the differential energy

spectrum de�ned by Equation. 5.9 across the photon distribution of the CMB detailed in

Equation. 5.12. Although this integration is computationally complex, it may be feasible using

numerical computational methods. Notably, the dependence of the spectrum on � � 6 can lead

to highly unstable results as � ! 0.

Further integration of this spectrum over the scattered photon energies results in the total

scattering rate:

d N


d t
= n 
 � (E)c . (5.16)

This yields the Thomson cross-section � (E) = � T . The blue line in Fig. 5.2 illustrates the
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ICS cross-section calculated using the above equations, which is independent of the incoming

photon and electron energies.

The energy loss rate of electrons can be calculated using (see Blumenthal and Gould (1970))

d Ee

d t
= �

4

3
� T c 
 2� 2E
 , (5.17)

where 
 represents the Lorentz factor of the electrons, and E
 represents the energy density

of the incoming photons (CMB photons in this context).

Electrons cool via ICS at the rate de�ned by the above equation. We can estimate the

maximum lifetime of an electron until it reaches Emin � 10 eV. At this point, other processes

become dominant. For an electron with an initial energy E0, we have the following:

Z t c

0

d Ee

d t
d t = E0 . (5.18)

This yields t c � 10 Myr for a wide range of initial electron energies.

Energy deposition within the DM halo can be roughly estimated under speci�c conditions.

For an isotropic case with low electron energies, scattered electrons are emitted isotropically

with no bias, and their step length remains constant. In this case, the electron path can be ap-

proximated as random walking within the DM halo. The average number of electron scattering

events before they escape from the halo is Nesc � ( rvir
� )2. Electrons lose all their energy if the num-

ber of escape scatterings exceeds the number of cooling scatterings, Nesc > Ncool . During each

scattering, the energy loss is � E � (4=3)
 2� � 300(Ee=100MeV)2[(1+ z)=21] eV. The number of

electron cooling scattering events is Ncool � Ee=� E � 3� 105(Ee=100MeV)� 1[(1+ z)=21]� 1. In this

case, down-scattered photons are negligible, and the energy of the scattered photons equals

the energy lost by the electrons. For a 10 5M � halo at redshift 20, this yields Ee > 19.6 MeV.

Fig. 5.1 illustrates a halo with mass M = 106 M � =h . The scale in this �gure is expressed in

units of virial radius, rvir . As depicted in the �gure, an electron is injected at the center of the

halo, and its step size is determined by the mean free path of ICS, as de�ned in Equation 5.8. For

this case, the step size remains constant because both the cross-section � T and CMB photon

density n 
 are invariant with respect to position and energy.

However, when the incident electron energy is high, the scattering becomes anisotropic.

This anisotropy reduces the number of escape scatterings, making it easier for electrons to es-

cape the halo before losing their energy. In the relativistic limit, also known as the Klein–Nishina

limit, the Compton spectrum is described by Blumenthal and Gould (1970):
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